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Three Lecture Outline
Topic Area 1: Cosmological Collisionless N-body simulations
1. Cosmological Initial Conditions

2. Collisionless N-body Simulations

3. Dark Matter Halos in Dark Matter-only Simulations

Topic Area 2: Adding in Baryons- Hydrodynamic Simulations
1. Hydrodynamics

2. Cooling and Photo-Heating

3. Star Formation

4. Feedback

5. Galaxy Formation

Topic Area 3: Deviation from and Challenges to Standard Cold Dark Matter
1. Halo Profiles

2. Missing Satellites Problem and Too Big to Fail

3. Alterntive Types of Dark Matter: Warm, Hot, and Self-Interacting

4. Void Galaxies

5. Cluster Abundance Tests



Ingredients of Cosmological 
Simulations

1. Cosmological Initial Conditions
2. N-body Code: Gravity-only Simulations
3. Hydrodynamics
4. Cooling and Photo-Heating
5. Star Formation
6. Feedback



Cosmological Initial Conditions
Typically, initial conditions 
(ICs) use ΛCDM cosmology.  
The ICs use a Gaussian 
random field to add density 
perturbations to a 
cosmological simulation 
box.  
These density 
perturbations are a result 
of observations from the 
CMB at large scales to 
extrapolating back from 
galaxy clustering observed 
in the local Universe and 
the intergalactic medium 
via the Lyman-alpha forest 
on smaller scales.

Tegmark (2002)



Cosmological Initial Conditions
Cold Dark Matter is assumed 
in this power spectrum, and 
it agrees with constraints of 
the Lyman-α Forest (smallest 
scales probed here).  We will 
get into this later, because 
simulations with warm dark 
matter (WDM) predict a 
different Lyman-α forest, 
which is an observations of 
the intergalactic medium.  
CMB (largest scales, smallest 
k’s) probe largest scales, and 
galaxy/cluster probes 
constrain the intermediate 
scales. 



Hlozek+ (2012)- the mass power spectrum of fluctuations, derived from a variety of sources, 
observationally constrained over 10 orders of magnitude, which is based on the observations 
from the previous slides, and some new data, which agrees with ΛCDM cosmology.
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Fig. 5.— The reconstructed matter power spectrum: the stars show the power spectrum from combining ACT and WMAP data (top
panel). The solid and dashed lines show the nonlinear and linear power spectra respectively from the best-fit ACT ⇤CDM model with
spectral index of ns = 0.96 computed using CAMB and HALOFIT (Smith et al. 2003). The data points between 0.02 < k < 0.19 Mpc�1

show the SDSS DR7 LRG sample, and have been deconvolved from their window functions, with a bias factor of 1.18 applied to the data.
This has been rescaled from the Reid et al. (2010) value of 1.3, as we are explicitly using the Hubble constant measurement from Riess et al.
(2011) to make a change of units from h

�1Mpc to Mpc. The constraints from CMB lensing (Das et al. 2011), from cluster measurements
from ACT (Sehgal et al. 2011), CCCP (Vikhlinin et al. 2009) and BCG halos (Tinker et al. 2011), and the power spectrum constraints
from measurements of the Lyman–↵ forest (McDonald et al. 2006) are indicated. The CCCP and BCG masses are converted to solar mass
units by multiplying them by the best-fit value of the Hubble constant, h = 0.738 from Riess et al. (2011). The bottom panel shows the
same data plotted on axes where we relate the power spectrum to a mass variance, �M/M, and illustrates how the range in wavenumber k
(measured in Mpc�1) corresponds to range in mass scale of over 10 orders of magnitude. Note that large masses correspond to large scales
and hence small values of k. This highlights the consistency of power spectrum measurements by an array of cosmological probes over a
large range of scales.



Collisionless N-body Simulations
A cosmological simulation begins with the power spectrum of initial fluctuations in the 
linear regimes, a Gaussian random field, and calculates gravitational interactions from 
z>100 to z=0, while the box undergoes cosmological expansion.  

Dark matter-only simulation by Volker Springel



The N-Body Code
An N-body code divide mass elements into discretized collisionless “particles” at the 
mass resolution of the simulation.  A general N-body code will follow positions and 
velocities of i particles (ri, vi) interacting gravitationally.  A cosmological simulation 
uses comoving coordinates wher x = r/a and v=dx/dt, where a is the scale factor of the 
box: a = 1/(1+z).
The equations of motion are solved

Where                   and the gravitational potential, Φ, are perturbations from a uniform 
density field that are represented by the Poisson equation.

Direct integration of 6-dimensional phase space (positions & velocities) is impractical, 
and instead the equations are integrated in a finite timestep that satisfies an error 
tolerance.  
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In cosmological applications, where the background space is uniformly expanding with time, it
is convenient to use comoving units for the coordinates, r→ x= r/a (where a is the scale factor).
In terms of x and v≡dx/dt, the above equations become

dxi

dt
= vi, (C1.4)

dvi

dt
+2H(t)vi = −1

a2 ∇xΦ|i, (C1.5)

where H(t) = ȧ/a, and Φ is the gravitational potential due to the density perturbations:

∇2
xΦ = 4πGa2 [ρ(x, t)−ρ(t)] . (C1.6)

As the descriptions with and without the expansion terms are very similar, we neglect the
expansion in our following description.

Since gravity is a long-range force, the force on a particle depends on the positions of all
other particles. The problem is then to solve a set of 2N coupled first-order ordinary differential
equations. Numerically, this can be done straightforwardly by integrating the equations forward
in finite time steps.

Suppose that at the nth time step, the time is tn and the distribution of particles is given by ri(tn),
ui(tn) where i = 1,2, . . .,N. Suppose that we can use the current position, velocity, acceleration
and time to determine a time step ∆tn for the evolution so that the error introduced is within some
preset limit (we will discuss how to set such a limit in §C1.1.2). Using the equations of motion
(C1.1) and (C1.2), we can predict the velocities and positions at the next time

u′
i(tn+1/2) = ui(tn)+Fi(tn)∆tn/2, (C1.7)

r′i(tn+1/2) = ri(tn)+u(tn)∆tn/2, (C1.8)

where Fi(tn) is the force on a unit mass at the position of the ith particle at time tn. With these
new positions and velocities, we can calculate the new force on a unit mass at the position of the
ith particle:

Fi(tn+1/2) = F[u′
i(tn+1/2),r′i(tn+1/2), tn +∆t/2], (C1.9)

where we have included the possible dependence of the force on velocity and time, although
only the position is relevant if only gravitational interaction is involved. Finally, we can update
the velocities and positions as

ui(tn+1) = ui(tn)+Fi(tn+1/2)∆tn, (C1.10)

ri(tn+1) = ri(tn)+
∆tn
2

[ui(tn)+ui(tn+1)] , (C1.11)

tn+1 = tn +∆tn. (C1.12)

This kind of time integrator is called the ‘leap-frog scheme’.
Thus, if we have an efficient way to calculate the forces on all particles at each time step, the

system can be integrated forward in time numerically.
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N-Body Method
The N-body process follows the orbits (or paths) of individual particles using the 
following steps.
• Begin with initial distribution of particles and velocities
• Compute the gravitational potential from the particle distribution
• Compute particle accelerations from potential gradients
• Update particle positions over the timestep
• Repeat the process

Timesteps are determined by acceptable tolerances on the force resolution, using the 
unitless parameter αtol where dt = αtol u/a (u- velocity, a- acceleration).  Often local 
velocity dispersion is used, dt = αtol σ/a.  

Timesteps can become infinitesimally small if particles orbit very closely to one 
another, which is why a “softening” length is added to suppress 2-body scattering, 
such that the force between two particles with mass m is not Gm2/r2, but instead 
Gm2/(r+ε2), where ε, the softening length, is the effective spatial resolution.  



N-Body Method- Tree Codes
Calculating the actual forces is done in two main ways: 
First, a tree algorithm, where particles are grouped into a hierarchical structure of 
cubes within larger cubes, where instead of calculating the acceleration from all N 
particles on each N particles (N2 computational expense), the force can be grouped 
into particles in a cube acting on another particle (NlogN computational expense).  
Barnes-Hut (1986) developed 
an algorithm to split up 
particles into an octree and 
then calculate forces based 
on the angular size of the 
cube appearing from the 
position of the particle.

Tree data structure

Fryxell et al. (2000)

● Start with a given number of 

blocks on refinement level 1          

   (here: 1 block with 8x8 cells)

● If refinement criteria is fulfilled 

divide the parent block(s) into 2dim 

child blocks under the conditions:

● the child blocks must fit within 

their parent block (nested 

grid)

● neighboring blocks must not 

differ in more than one level of 

refinement 



N-Body Code- Particle-Mesh
Calculating the actual forces is done in two main ways: 

The second method is a particle-mesh (P-M) algorithm where a uniform cubic grid 

(mesh) is formed by adding all the particles in each grid cell.  The Poisson equation is 

solved in Fourier space and the forces on each of the N particle-mesh cells can be 

solved in an algorithm where computational expense scales with N.  The limitation is 

that forces below the grid-size cannot be calculated.  A 3-dimensional grid can be 

memory intensive, hence the size of the grid is often limited by memory 

In practice, the small-scale forces within a grid can be calculated directly (i.e. direct 

particle-particle, P-P, calculation) while particle-mesh works on larger scales- this is 

called the P3M method. 

In other codes, the tree algorithm is used for short-range forces and the particle-mesh 

algorithm is used on long-range forces.  This allows the greatest amount of dynamic 

range in a large box (e.g. the Gadget-2 N-body code used to calculate the Millenium

simulations).  



The Best-Known Collisionless DM-Only 
Simulation: The Millennium Simulation

The Millenium simulation is an 
example of a DM-only simulation 
with cosmological initial conditions 
(ICs) using the observationally 
constrained power spectrum.  
The cosmic web on Gpc scales is 
resolved down to dark matter halos 
hosting galaxies smaller than the 
Milky Way.  
• 21603 DM particles
• 8.6x1010 M¤ particle resolution
• 350,000 CPU hours across 512 

cores in early 2000s
Simulations this size are 
commonplace today, but were a 
computational challenge just 10 
years ago.  

Springel (2005)- Zooms from the cosmic web to a clusterFigure 1: The dark matter density field on various scales. Each individual image shows the projected
dark matter density field in a slab of thickness 15h−1Mpc (sliced from the periodic simulation volume
at an angle chosen to avoid replicating structures in the lower two images), colour-coded by density
and local dark matter velocity dispersion. The zoom sequence displays consecutive enlargements by
factors of four, centred on one of the many galaxy cluster halos present in the simulation.
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Power Spectrum Evolution of Dark Matter of an 
N-body Code

The evolving power 
spectrum as a function of 
redshift in the Millennium 
Simulation.  
Collapsing (sheets & 
filaments) and collapsed 
(halos) structures of course 
behave non-linearly (blue 
lines), and diverge from the 
linear spectrum (gray lines).  
Error bars show cosmic 
variance, which has very 
small error bars beyond 
those that are plotted.  

Springel (2005)- Power spectrum evolution.



The Best-Known DM-Only Simulation: The 
Millennium Simulation

The Millenium simulation is an 
example of a DM-only 
simulation with cosmological 
initial conditions (ICs) from the 
observationally constrained 
power spectrum.  
The cosmic web on Gpc scales is 
resolved down to dark matter 
halos hosting 2x1010 M¤ (DM 
particle mass is 8.6x108 M¤.  
The halo mass function goes as 
Nhalos~ MH

-0.9 over >4 dex in 
mass by z=0.  Hence 
approximately the same 
amount of mass in each halo 
mass bin Mhalo (as it is plotted 
here).  

Springel (2005)- Dark matter halo function at various 
redshifts. 
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Figure 2: Differential halo number density as a function of mass and epoch. The function n(M,z) gives

the comoving number density of halos less massive than M. We plot it as the halo multiplicity function

M2ρ−1 dn/dM, where ρ is the mean density of the universe. Groups of particles were found using

a friends-of-friends algorithm6 with linking length equal to 0.2 of the mean particle separation. The

fraction of mass bound to halos of more than 20 particles (vertical dotted line) grows from 6.42×10−4

at z= 10.07 to 0.496 at z= 0. Solid lines are predictions from an analytic fitting function proposed in

previous work11, while the dashed lines give the Press-Schechter model14 at z= 10.07 and z= 0.

6



Observed Galaxy Power Spectrum Reproduced 
by Millennium Simulation

The Millennium Simulation 
was tested against the 
observed clustering of 
galaxies (in Sloan Digital Sky 
Survey, SDSS), and was found 
to reproduce the observed 
clustering of galaxies.  
Reproducing the observed 
clustering of galaxies (more 
luminous/massive galaxies 
have larger clustering 
strengths) is a substantial 
success of ΛCDM cosmology. 
These were some of the first 
tests of CDM cosmology in 
the 1980’s (the CfA galaxy 
survey).  

Springel (2005)- Galaxy clustering in Millennium Simulation
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Figure 5: Galaxy clustering as a function of luminosity and colour. In the panel on the left, we show
the 2-point correlation function of our galaxy catalogue at z = 0 split by luminosity in the bJ-band
(symbols). Brighter galaxies are more strongly clustered, in quantitative agreement with observations33

(dashed lines). Splitting galaxies according to colour (right panel), we find that red galaxies are more
strongly clustered with a steeper correlation slope than blue galaxies. Observations35 (dashed lines)
show a similar trend, although the difference in clustering amplitude is smaller than in this particular
semi-analytic model.
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Dark Matter Halo Profiles
Navarro, Frenk, & White (1996, 1997) ran N-body DM-only simulations resolving the 
formation of DM halos.  They identified a universal density profile that has 2 
parameters, mass (M) and concentration (c). The profile is  2 power laws that 
transition at a scale radius

The halo concentration is defined as c = r200/rs, and the critical density is defined as

And r200 is the radius of the halo, defined as 200 times the critical overdensity of the 
Universe, ρcrit.  In terms of cosmological parameters and as a function of halo mass, 
r200 is 

– 2 –

1. Introduction

It is twenty-five years since the discovery that galaxies are surrounded by extended massive

halos of dark matter. A variety of observational probes – disk rotation curves, stellar kinematics,

gas rings, motions of globular clusters, planetary nebulae and satellite galaxies, hot gaseous

atmospheres, gravitational lensing effects – are now making it possible to map halo mass

distributions in some detail. These distributions are intimately linked to the nature of the dark

matter, to the way halos formed, and to the cosmological context of halo formation.

Insight into these links came first from analytic studies. Building on the early work of Gunn &

Gott (1972), similarity solutions were obtained by Fillmore & Goldreich (1984) and Bertschinger

(1985) for the self-similar collapse of spherical perturbations in an Einstein-de Sitter universe.

Such solutions necessarily resemble power laws in the virialized regions. Hoffman & Shaham (1985)

and Hoffman (1988) extended this analysis by considering open universes, and by modeling as

scale-free spherical perturbations the objects which form by hierarchical clustering from power-law

initial density perturbation spectra (P (k) ∝ kn). They argued that isothermal structure (ρ ∝ r−2)

should be expected in an Einstein-de Sitter universe if n ≤ −2, and that steeper profiles should be

expected for larger n and in open universes.

Despite the schematic nature of these arguments, their general predictions were verified as

numerical data became available from N -body simulations of hierarchical cosmologies. Power-law

fits to halo density profiles in a variety of simulations all showed a clear steepening as n increases

or the density of the universe decreases (Frenk et al. 1985, 1988; Quinn et al. 1986; Efstathiou et

al. 1988; Zurek, Quinn & Salmon 1988; Warren et al. 1992; Crone, Evrard & Richstone 1994).

An apparent exception was the work of West et al. (1987), who found that galaxy cluster density

profiles show no clear dependence on n.

Significant departures from power-law behaviour were first reported by Frenk et al. (1988),

who noted that halo profiles in cold dark matter (CDM) simulations steepen progressively with

increasing radius. Efstathiou et al. (1988) found similar departures – at odds with the analytic

predictions – in their simulations of scale-free hierarchical clustering. They also noted that these

departures were most obvious in their best resolved halos. Similar effects were noted by Dubinski

& Carlberg (1991) in a high resolution simulation of a galaxy-sized CDM halo. These authors

found their halo to be well described by a density profile with a gently changing logarithmic slope,

specifically that proposed by Hernquist (1990).

In earlier papers of this series we used high-resolution simulations to study the formation

of CDM halos with masses spanning about four orders of magnitude, ranging from dwarf galaxy

halos to those of rich galaxy clusters (Navarro, Frenk & White 1995, 1996). This work showed

that the equilibrium density profiles of CDM halos of all masses can be accurately fit over two

decades in radius by the simple formula,

ρ(r)

ρcrit
=

δc

(r/rs)(1 + r/rs)2
, (1)

– 7 –

complete their assembly earlier than more massive systems.

3.2. Density Profiles

Figure 2 shows spherically averaged density profiles at z = 0 for one of the least and one of

the most massive halos for each set of cosmological parameters. These halos span almost four

orders of magnitude in mass in the case of the CDM models, and about two orders of magnitude

in mass in the power-law models. Radial units are kpc for CDM models (scale at the top), and are

arbitrary in the power-law panels. Density is in units of 1010M⊙/kpc3 in the CDM models and

in arbitrary units in the others. Solid lines are fits to each halo profile using eq. 1. This simple

formula provides a good fit to the structure of all halos over about two decades in radius, from the

gravitational softening (indicated by arrows in Figure 2) to about the virial radius. The quality

of the fit is essentially independent of halo mass or cosmological model and implies a remarkable

uniformity in the equilibrium structure of dark matter halos in different hierarchical clustering

models.

The solid and dashed lines in Figure 3 show the profile fits of Figure 2 but with the radius

scaled to the virial radius of each halo. This scaling removes the intrinsic dependence of size

on mass (more massive halos are bigger) and allows a meaningful comparison between halos of

different mass. From the definition of virial radius, the “concentration” of a halo, c = r200/rs, and

the characteristic density, δc, are linked by the relation

δc =
200

3

c3

[ln(1 + c) − c/(1 + c)]
. (2)

Thus at given halo mass (specified by M200), there is a single free parameter in eq. 1, which may

be expressed either as the characteristic density, δc, or as the concentration parameter, c. This free

parameter varies systematically with mass; Figure 3 shows that c and δc decrease with increasing

halo mass.

A universal density profile implies a universal circular velocity profile, Vc(r) = (GM(r)/r)1/2.

This is illustrated in Figure 4, where we plot Vc-profiles for the same systems shown in Figure 2.

As in Figure 3, radii are plotted in units of the virial radius; circular speeds have been normalized

to the value at the virial radius, V200. The circular velocity curve implied by eq. 1 is

!

Vc(r)

V200

"2

=
1

x

ln(1 + cx) − (cx)/(1 + cx)

ln(1 + c) − c/(1 + c)
, (3)

where x = r/r200 is the radius in units of the virial radius. Circular velocities rise near the

center, reach a maximum (Vmax) at xmax ∼ 2/c, and decline near the virial radius. More centrally

concentrated halos (higher δc or higher c) are characterized by higher values of Vmax/V200. The

dashed lines in Figure 4 show plots of eq. 3 with parameter values derived from the fits to the

density profiles of Figure 2. The dotted lines are fits using a Hernquist (1990) model constrained

– 15 –

A. Step-by-step calculation of the density profile of a dark matter halo

In this Appendix we describe in detail the calculation of the parameters that specify the

density profile of a dark halo of mass M . This calculation is applicable to Einstein-de Sitter

(Ω0 = 1, Λ = 0), open (Ω0 < 1, Λ = 0), and flat (Ω0 + Λ = 1) universes. We provide approximate

fitting formulae that are valid for power-law and CDM initial density fluctuation spectra.

A halo of mass M identified at z = z0 can be characterized by its virial radius,

r200 = 1.63 × 10−2
(

M

h−1M⊙

)1/3( Ω0

Ω(z0)

)−1/3

(1 + z0)
−1 h−1kpc, (A1)

or by its circular velocity,

V200 =
(

GM

r200

)1/2

=
(

r200

h−1kpc

) (

Ω0

Ω(z0)

)1/2

(1 + z0)
3/2 km/s. (A2)

The density profile of this system is fully specified by its characteristic density δc and is given by
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using the concentration c as a parameter.
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Dark Matter Halo Profiles
The appendix in Navarro, Frenk, & White (1997) is a good reference for halo 
relationships, including the circular velocity as a function of radius.

NFW found that lower mass halos collapse earlier and have higher concentrations.    
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A. Step-by-step calculation of the density profile of a dark matter halo
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NFW Profile- 1/r and 1/r3 split at 1/r2

ρ (x) = ρ0/(x(1+x2))

where x = r/r-2

r-2 occurs where profile is 
at 1/r2 and is also referred 
to as the scale radius, rs

�CDM predictions
“Universal” profile for dark matter halos
[Navarro, Frenk, & White (NFW) 1996, 1997; also Dubinski & Carlberg 1991]:

1/r3

1/r

⇢(x ⌘ r

r�2
) =

⇢0
x (1 + x)2

Profile defined by 2 parameters:
(⇢0, r�2) or (Mvir, cvir)

Adapted from Mike Boylan-Kolchin slide



Dark Matter Halo Concentration 
The Einasto (1965) profile has an extra free parameter beyond the NFW 
profile, and sometime provides a better fit to the halo profile.  

For Einasto and NFW, rs is sometimes called r-2, which corresponds to the 
radius where ρ ~ r-2 (the profile of an isothermal sphere) and the transition 
between the inner ρ ~ r-1 and the outer ρ ~ r-3. 

The concentration of a halo is the only free parameter of NFW profiles, which 
are more generally used, and understanding what concentration correlates 
with is an active area of research in DM-only simulations.  



Dark Matter Halo Concentration 

Bullock et al. (2001) 
showed halo 
concentration 
declined as halo 
mass went up.  

c = 10 (MH/1012)-0.1

Bigger cores for 
bigger halos!

�CDM predictions
Correlation between density profile parameters (Bullock et al. 2001):

108 Msun

1015 Msun

1015 Msun 
(c=5)

108 Msun 
(c=25)

c(Mvir) = 10

✓
Mvir

1012 M�

◆�0.1

Adapted from Mike Boylan-Kolchin slide to show
Bullock+ (2001) trend.



Dark Matter Halo Concentration Correlates 
with Mass and Redshift

Duffy et al. (2008) explored DM halo 
concentrations in the Millenium
simulation and show  the trend with 
mass (MH) and redshift (z).  

At a given redshift, concentration 
declines with halo mass.   

Concentration declines with redshift 
(i.e. higher redshifts have lower c for a 
given MH).  

What is the reason for this trend?

Dark matter halo concentrations in WMAP5 3

Figure 2. Concentration-mass relations for z = 0 (top), 1 (mid-
dle) and 2 (bottom) using NFW density profiles. Data points
correspond to median values and error bars to quartiles. Only
bins containing at least 5 haloes are shown. The black, solid lines
show the best-fit power-law relation. The errors on the best-fit
parameters, given in the legend, are determined by bootstrap re-
sampling the haloes and correspond to 68.2 per cent confidence
limits. The pink dashed line in the top panel shows the best-fit
power-law relation to all haloes from N07. The other curves rep-
resent the prescriptions discussed in section 3.1. The brown solid
lines correspond tothe special case where we set C = 0 in Eq. 4,
and fit a power-law to the data at each individual redshift.

fore adopt their α(ν) relation to reduce the model to two
free parameters (ρ−2 and r−2).

3 RESULTS

Fig. 2 shows the median c200(M200, z) relation for z = 0, 1
and 2 (top, middle and bottom panels, respectively) using
NFW density profiles. The data, which spans four orders of
magnitude in mass and a redshift range z = 0 − 2 are well
described by a function of the form

1 The peak height is defined to be ν ≡ δcrit/σ(Mvir, z), where
δcrit = 1.686 is the linear density collapse threshold at the present
day and σ(Mvir, z) is the linear rms density fluctuation at redshift
z in a sphere containing a mass Mvir.

c = A(M/Mpivot)
B(1 + z)C . (4)

The black solid line indicates the best-fit relation of this
form to the data. The parameter values and errors are given
in Table 1 for three different halo definitions, for both NFW
and Einasto profiles, for the full and relaxed samples, and
for both z = 0 (in which case we set C = 0) and z = 0–2.
All fits use Mpivot = 2×1012 h−1M⊙, the median halo mass,
in order to minimise the covariance between A and B.

Concentration is a decreasing function of both mass
and redshift, regardless of the model density profile and
halo definition that is used. We note that at high redshift,
z = 2, the mass dependency is significantly reduced (see
also Zhao et al. 2003). Compared with NFW concentrations,
Einasto concentrations decrease significantly more rapidly
with both mass and redshift. At z = 0 the two concentra-
tions agree for M ∼ 1014 h−1M⊙. Concentrations are very
sensitive to the halo definition. In particular, at z = 0 val-
ues for cmean are nearly twice as large as those for c200. As
expected, the difference becomes smaller at high redshift
because the critical density will approach the mean density
as the redshift becomes high enough for matter to dominate
over vacuum energy. At z = 0 the median concentrations are
typically about 10 per cent greater for the relaxed sample
than for the default sample.

Using C = 0 and Mpivot = 1014 h−1M⊙, N07 found
as the best fit for all NFW haloes in their z = 0 sample
(A200, B200) = (4.67,−0.11). Fitting the same function to
our z = 0 sample gives (A200, B200) = (3.93,−0.097) which
yields concentrations that are lower by a factor ranging from
23 per cent at 1011 h−1M⊙ to 16 per cent at 1014 h−1M⊙.
This difference can be attributed to the decrease in σ8. If σ8

is higher then haloes of a given mass form earlier. This in-
creases the concentration because c reflects the background
density of the universe at the time when the halo forms
(NFW).

The scatter in the concentration about the median c(M)
relation has been shown to be lognormal for relaxed haloes
(Jing 2000), with a slight decrease in the scatter as a func-
tion of mass (N07). The inclusion of unrelaxed haloes adds
a tail towards low concentrations. Fig. 3 shows histograms
of the z = 0 concentrations using both NFW (black) and
Einasto (red) profiles for both the default (solid) and re-
laxed (dashed) samples. Either density profile yields a dis-
tribution which agrees qualitatively with that found by N07
for the NFW model. Fitting lognormal functions to the
probability density functions yields σ(log10 c200) = 0.15 and
0.17 for the NFW and Einasto density profiles, respectively.
For the relaxed sample the scatter is significantly smaller:
σ(log10 c200) = 0.11 and 0.12.

Figure 4 compares our predictions with the observa-
tions of Buote et al. (2007) and Schmidt & Allen (2007),
who measured NFW cvir concentrations from X-ray obser-
vations of some 70 groups and clusters with a median red-
shift of z = 0.1. The observationally inferred concentrations
are significantly greater than the predicted medians and the

1 As a check of our analysis procedure, we ran and analysed a
miniature version of the MS with identical mass and force reso-
lution (we used a box of 50h−1Mpc on a side containing 2163

particles) and were able to reproduce N07’s result to within the
errors.



DM Halo Concentration Depends on 
Accretion History

Ludlow et al. (2013) showed that because lower mass halos assemble earlier, they 
have higher concentrations reflecting the critical density of the Universe at the time of 
collapse.  

Mass accretion histories determine dark matter halo concentrations.  A cluster-sized 
halo that assembles later will have a much lower concentration, while a low-mass halo 
will have a high concentration that forms early and a larger distance from rs to r200 that 
has grown later at lower redshift.

Concentration increases toward lower redshift, 
which is mainly a result of “pseudo-growth” 
where the critical density of the Universe declines 
due to expansion leaving behind the concentrated 
core that evolves little once it formed.  

Ludlow et al. (2014) showed how halo 
concentration extrapolates to lower halo masses 
differently than scaling the Duffy et al. (2008) 
relations to mini-halos (i.e. 106 M¤ and below).



“Zoom” Renormalization Simulations
Cosmological boxes, while having cosmological structures based on ΛCDM cosmology, 
have the drawback of limited resolution when simulating an entire 3-dimensional 
periodic box.  
Simulating a single galactic halo can follow particles only in that halo at a much higher 
resolution for the same computation time.  However, the initial conditions of ΛCDM 
cosmology is missing, and the need to follow the power spectrum on small scales is 
not possible using a general halo profile as an IC.

Renormalization simulations allow one to select the 
particles that form a halo in a later simulation using 
cosmological initial conditions, but also adding the 
small-scale power spectum fluctuations that will 
evolve into the subhalos and substructure in the 
parent halo. Now you get both:
-Higher resolution concentrating on a single halo 
where you want it.
-Cosmologically-based initial conditions resolving 
small-scale structure- important for resolving sub-
halos in a larger halo.   Kravtsov DM-only simulation movie.  



Choose galaxy from 
low resolution run

Slide from Daniel Angles-Alcazar



Trace DM particles 
within Rvir back to the 
ICs

Slide from Daniel Angles-Alcazar



Create mask array to define High-
resolution region
à input for P-GenIC

Enlarge/clean  

Layer of intermediate 
resolution DM particles

Slide from Daniel Angles-Alcazar



Move to box center to 
allow for second PM 
grid

Slide from Daniel Angles-Alcazar



Zoom Simulations Allow the Simulation of a 
Milky Way-Mass Halo at High Resolution

Several large simulations of Milky Way mass halos reveal the substructure of 
dark matter halos, which are expected to be many in the cold dark matter 
model.  
The simulations are very expensive to run, because they have up to 109 dark 
matter particles that have to be followed on very small timesteps- softening 
lengths are <100 pcs.  

Diemand+ (2007)- Via Lactae simulation- another 
super-high resolution MW halo simulation.

Fig. 1. The cusp-core problem. (Left) An optical image of the galaxy F568-3 (small inset, from the Sloan Digital Sky Survey) is superposed on the the dark matter
distribution from the “Via Lactea” cosmological simulation of a Milky Way-mass cold dark matter halo (Diemand et al. 2007). In the simulation image, intensity encodes the
square of the dark matter density, which is proportional to annihilation rate and highlights low mass substructure. (Right) The measured rotation curve of F568-3 (points)
compared to model fits assuming a cored dark matter halo (blue solid curve) or a cuspy dark matter halo with an NFW profile (red dashed curve, concentration c = 9.2,
V200 = 110 km s�1). The dotted green curve shows the contribution of baryons (stars+gas) to the rotation curve, which is included in both model fits. An NFW halo
profile overpredicts the rotation speed in the inner few kpc. Note that the rotation curve is measured over roughly the scale of the 40 kpc inset in the left panel.

typical for galaxy mass halos. When normalized to match the
observed rotation at large radii, the NFW halo overpredicts
the rotation speed in the inner few kpc, by a factor of two or
more.

Early theoretical discussions of the cusp-core problem de-
voted considerable attention to the predicted central slope of
the density profiles and to the e↵ects of finite numerical reso-
lution and cosmological parameter choices on the simulation
predictions (see Ludlow et al. 2013 for a recent, state-of-the-
art discussion). However, the details of the profile shape are
not essential to the conflict; the basic problem is that CDM
predicts too much dark matter in the central few kpc of typical
galaxies, and the tension is evident at scales where vc(r) has
risen to ⇠ 1/2 of its asymptotic value (see, e.g., Alam, Bul-
lock, & Weinberg 2002; Kuzio de Naray & Spekkens 2011).
On the observational side, the most severe discrepancies be-
tween predicted and observed rotation curves arise for fairly
small galaxies, and early discussions focused on whether beam
smearing or non-circular motions could artificially suppress
the measured vc(r) at small radii. However, despite uncer-
tainties in individual cases, improvements in the observations,
sample sizes, and modeling have led to a clear overall picture:
a majority of galaxy rotation curves are better fit with cored
dark matter profiles than with NFW-like dark matter profiles,
and some well observed galaxies cannot be fit with NFW-like
profiles, even when one allows halo concentrations at the low
end of the theoretically predicted distribution and accounts for
uncertainties in modeling the baryon component (e.g., Kuzio
de Naray et al. 2008). Resolving the cusp-core problem there-
fore requires modifying the halo profiles of typical spiral galax-
ies away from the profiles that N-body simulations predict for
collisionless CDM.

Figure 2 illustrates the “missing satellite” problem. The
left panel shows the projected dark matter density distribu-
tion of a 1012M� CDM halo formed in a cosmological N-body
simulation. Because CDM preserves primordial fluctuations
down to very small scales, halos today are filled with enormous
numbers of subhalos that collapse at early times and preserve
their identities after falling into larger systems. Prior to 2000,
there were only nine dwarf satellite galaxies known within the

⇠ 250 kpc virial radius of the Milky Way halo (illustrated
in the right panel), with the smallest having stellar velocity
dispersions ⇠ 10 km s�1. Klypin et al. (1999) and Moore et
al. (1999b) predicted a factor ⇠ 5 � 20 more subhalos above
a corresponding velocity threshold in their simulated Milky
Way halos. Establishing the “correspondence” between satel-
lite stellar dynamics and subhalo properties is a key technical
point (Stoehr et al. 2002), which we will return to below, but
a prima facie comparison suggests that the predicted satellite
population far exceeds the observed one.

Fortunately (or perhaps unfortunately), the missing satel-
lite problem seems like it could be solved fairly easily by
baryonic physics. In particular, the velocity threshold at
which subhalo and dwarf satellite counts diverge is close to
the ⇠ 30 km s�1 value at which heating of intergalactic gas
by the ultraviolet photoionizing background should suppress
gas accretion onto halos, which could plausibly cause these
halos to remain dark (Bullock, Kravtsov, & Weinberg 2000;
Benson et al. 2002; Somerville 2002). Alternatively, super-
novae and stellar winds from the first generation of stars could
drive remaining gas out of the shallow potential wells of these
low mass halos. Complicating the situation, searches using
the Sloan Digital Sky Survey have discovered another ⇠ 15
“ultra-faint” satellites with luminosities of only 103 � 105L�
(e.g., Willman et al. 2005; Belokurov et al. 2007). The high-
latitude SDSS imaging covered only ⇠ 20% of the sky, and
many of the newly discovered dwarfs are so faint that they
could only be seen to 50-100 kpc (Koposov et al. 2008; Walsh
et al. 2009), so extrapolating to the full volume within the
Milky Way virial radius suggests a population of several hun-
dred faint dwarf satellites (Tollerud et al. 2008). Estimates
from stellar dynamics imply that the mass of dark matter in
the central 0.3 kpc of the host subhalos is M0.3 ⇡ 107M�
across an enormous range of luminosities, L ⇠ 103 � 107L�
(encompassing the “classical” dwarf spheroidals as well as the
SDSS dwarfs), which suggests that the mapping between halo
mass and luminosity becomes highly stochastic near this mass
threshold (Strigari et al. 2008). The luminosity function of
the faint and ultra-faint dwarfs can be explained by semi-
analytic models invoking photoionization and stellar feedback
(e.g., Koposov et al. 2009; Macciò et al. 2009), though the e�-

2 www.pnas.org/cgi/doi/10.1073/pnas.0709640104 Footline Author

The Aquarius simulations have DM 
particle masses below 104 Msol, which 
means that subhalos with masses ~106

Msol can be resolved (need at several 
dozen to a hundred DM particles to 
resolve a halo) in a 1012 Msol halos 
capable of hosting the Milky Way (MW).  
Others would argue more to really 
resolve the dynamics.  



The Effect of Baryons on Dark Matter Halos

Much work goes into understanding dark matter halos in DM-only simulations.  
Following the formation of mini-halos in a cosmological simulation is 
computationally expensive, because the softening lengths are small meaning the 
timesteps are small and many more are taken.  
Adding baryons to simulations increases the cost of simulations even more due to 
hydrodynamics, cooling/photo-heating, and star formation.  When understanding 
dark matter, baryons are critical to follow for two main reasons:

1. They are what we observe, hence they are observational traces of dark matter.  
Until we can clearly directly detect dark matter, we are relegated to baryons. 

2. Baryons cause deviations from expected halo profiles from DM-only 
simulations.  Despite being 16% of the total mass (Ωbaryon~0.046, ΩDM~0.23), 
baryons dominate the mass in galaxies.  Hence they change the dark matter 
profiles.  



Hydrodynamics Following Baryons
About 1/6th of mass is baryons (i.e. normal matter– protons, electrons, neutrons) 
according to the favored ΛCDM cosmology.  Ωbaryon=0.046, Ωmatter=0.28, Ωdarkmatter

= 0.28-0.046 = 0.234.

We will also see that despite being 1/6th the mass, baryons dominate the mass in 
regions where probes of dark matter are important.  The Milky Way galaxy inside 
the solar radius (~8 kpcs) is dominated by baryonic mass (although it is close).  

The initial conditions of baryons before galaxy formation is gas.  Gas is different 
than dark matter in several ways:

• Gas does not interpenetrate like dark matter, which is treated as collisionless.  
Instead it shocks turning kinetic energy into thermal energy, leading to 
dissipation.

• Gas equations of motion include pressure gradients of the gas.  

• Gas dissipates energy by cooling and can also be heated by other sources  like 
radiation, i.e. photo-ionization.

• Gas can be converted into stars via star-formation.  Stars are collisionless, 
much like dark matter, and treated the same way in a simulation as 
gravitationally interacting particles.  



A Hydro Simulation

Gadget-2 simulation used in Oppenheimer+ (2010)- Color is gas temperature.
3843 dark matter and hydrodynamically interacting gas particles



Equation of Hydrodynamics
Cosmological hydrodynamic simulations have an additional layer of gas on top of dark 
matter.  Gas is treated as an idea fluid where the continuity, momentum, and energy 
conservation equations- referred to as the Euler equation- written in physical 
coordinates (r) are solved:

where ρ is density, v is velocity, P is pressure, E is specific internal energy of the fluid, 
and H and C are heating and cooling, which we will consider later.  An ideal gas with 
an adiabatic index γ defines the the equation of state
In addition the gravitational potential satisfies the Poisson equation 
Where ρtot includes baryonic and DM matter density.  

8
Formation and Evolution of Gaseous Halos

So far we have concentrated on the formation of structure under the influence of gravity alone.
However, since the astronomical objects we are able to observe directly are made of baryons and
electrons, the role of gas-dynamical and radiative processes must also be taken into account in
order to understand how the structures we observe form and evolve. As demonstrated in §4.1.3,
since baryons and dark matter are expected to be well mixed initially, the density perturbation
fields of the baryons, δb, and dark matter, δdm, are expected to be equal in the linear regime,
except for perturbations on scales smaller than or comparable to the Jeans length of the gas. In
this chapter, we examine the role of gas-dynamical and radiative processes for the evolution of
structures in the highly nonlinear regime. We start in §8.1 with a brief description of the basic
dissipational processes. §8.2 describes the structure of gas in hydrostatic equilibrium within dark
matter halos. The formation of gaseous halos in the absence of cooling and heating is discussed
in §8.3, while §8.4 focuses on the impact of cooling. §8.5 describes several thermal and hydro-
dynamical instabilities of cooling gas, and §8.6 discusses the evolution of gaseous halos in the
presence of energy sources. §8.7 gives a summary of the current status of numerical studies of
the formation and structure of gaseous halos, while §8.8 discusses observations of gaseous halos
associated with clusters and galaxies.

8.1 Basic Fluid Dynamics and Radiative Processes

8.1.1 Basic Equations

In many problems to be discussed below, the gas component can be approximated as an
ideal fluid, which means that we can neglect heat conduction and viscous stress in the fluid
equations (see §B1.2). Written in physical coordinates, r, the continuity, Euler, and energy
equations are:

∂ρ
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+∇ · (ρv) = 0, (8.1)
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Here ρ , v, P, E are the density, velocity, pressure and specific internal energy of the fluid, respec-
tively, and H and C are the heating and cooling rates per unit volume. For an ideal gas with an
adiabatic index γ (also called the ratio of specific heats), we have P = ρ(γ − 1)E . Eq. (8.3) can
then be replaced by the following entropy equation:
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order to understand how the structures we observe form and evolve. As demonstrated in §4.1.3,
since baryons and dark matter are expected to be well mixed initially, the density perturbation
fields of the baryons, δb, and dark matter, δdm, are expected to be equal in the linear regime,
except for perturbations on scales smaller than or comparable to the Jeans length of the gas. In
this chapter, we examine the role of gas-dynamical and radiative processes for the evolution of
structures in the highly nonlinear regime. We start in §8.1 with a brief description of the basic
dissipational processes. §8.2 describes the structure of gas in hydrostatic equilibrium within dark
matter halos. The formation of gaseous halos in the absence of cooling and heating is discussed
in §8.3, while §8.4 focuses on the impact of cooling. §8.5 describes several thermal and hydro-
dynamical instabilities of cooling gas, and §8.6 discusses the evolution of gaseous halos in the
presence of energy sources. §8.7 gives a summary of the current status of numerical studies of
the formation and structure of gaseous halos, while §8.8 discusses observations of gaseous halos
associated with clusters and galaxies.

8.1 Basic Fluid Dynamics and Radiative Processes

8.1.1 Basic Equations

In many problems to be discussed below, the gas component can be approximated as an
ideal fluid, which means that we can neglect heat conduction and viscous stress in the fluid
equations (see §B1.2). Written in physical coordinates, r, the continuity, Euler, and energy
equations are:

∂ρ
∂ t

+∇ · (ρv) = 0, (8.1)

∂v
∂ t

+(v ·∇)v = −
!

∇Φ+
∇P
ρ

"
, (8.2)

∂
∂ t

#
ρ
!

v2

2
+E

"$
+∇ ·

#
ρ
!

v2

2
+

P
ρ +E

"
v
$
−ρv ·∇Φ = H −C . (8.3)

Here ρ , v, P, E are the density, velocity, pressure and specific internal energy of the fluid, respec-
tively, and H and C are the heating and cooling rates per unit volume. For an ideal gas with an
adiabatic index γ (also called the ratio of specific heats), we have P = ρ(γ − 1)E . Eq. (8.3) can
then be replaced by the following entropy equation:
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P
γ −1

!
∂
∂ t

+v ·∇
"

ln
!

P
ργ

"
= H −C , (8.4)

(see §B1.2). The gravitational potential Φ satisfies the Poisson equation

∇ 2Φ = 4πGρtot, (8.5)

where ρtot is the total mass density of the universe. If the Universe contains a collisionless dark
matter component in addition to the baryonic fluid, ρtot should also include ρdm, the evolution of
which is governed by the collisionless Boltzmann equation (5.103).

As one can see, in order to study the evolution of the baryonic component using the ideal-
fluid approximation, one has to deal with processes that can heat or cool the baryonic gas. In
what follows, we describe briefly some of these processes; a more detailed description is given
in Appendix B.

8.1.2 Compton Cooling

When photons of low energy hPν pass through a thermal gas of non-relativistic electrons with
temperature Te (hPν ≪ mec2; kBTe ≪ mec2), photons and electrons exchange energy due to
Compton scattering (see §B1.3). If the radiation field is a thermal background with tempera-
ture Tγ ≪ Te, the net effect is for electrons to lose energy to the radiation field, causing the gas
to cool. The cooling rate per unit volume is equal to the rate of increase in the energy density of
the radiation field, allowing us to write

CComp =
duγ
dt

=
4kBTe

mec2 cσTnearT 4
γ , (8.6)

where the second equality follows from Eq. (B1.77). For a fully ionized gas of primordial com-
position (Yp ≃1/ 4 so that nHe ≃nH/ 12; see §3.4.3), the energy content is (3/ 2)kTe ×(27/ 14)
per electron, where the factor 27/ 14 is the number of particles per electron. Thus, the gas can
cool against the radiation field on a time scale

tComp ≈
3kBTene

CComp
=

3mec
4σTarT 4

γ
, (8.7)

provided Te ≫ Tγ . Note that this time scale is independent of the density and temperature of
the gas.

An important application is the cooling against the cosmic microwave background (CMB), for
which the temperature changes with redshift as Tγ ≈2.73(1+ z)K. We can approximate the age

of the Universe at redshift z ≥Ω−1
m,0 −1 by t ≈6.7×109Ω−1/ 2

m,0 h−1(1 + z)−3/ 2 yr (see §3.2.5). It
is then easy to show that

tComp

t
≈350Ω1/ 2

m,0h(1+ z)−5/ 2. (8.8)

For Ωm,0 = 0.3 and h = 0.7, this gives tComp/ t = 1 at z ∼6. Hence, Compton cooling against the
CMB is only important for gas at high redshifts.

8.1.3 Radiative Cooling

The primary cooling processes relevant for structure formation are two-body radiative processes,
in which gas loses energy through radiation as a result of two-body interactions. For our purposes,
processes involving three bodies or more can be ignored, since the gas densities involved are
too low. At temperatures above 106 K, primordial gas (composed of hydrogen and helium) is
almost entirely ionized, and above a few ×107 K, enriched gas (which contains also heavier

Mass conservation

Momentum conservation

Energy conservation



Smooth Particle Hydrodynamic Codes 

Smooth particle hydrodynamics (SPH) is a particle-based method for solving hydro, 
meaning that individual gas particles are followed.  It is Lagrangian in nature meaning 
that these gas mass elements can move and have a velocity.  

A smooth particle has a smoothing length, h, over which it interacts with its 
neighboring smooth particles hydrodynamically. A smoothing kernel is defined such 
that its density falls off according to a kernel, W(r,h), where R=r/h.SPH – Smooth Particle Hydrodynamics

● Fluid properties such as density determined by smoothing 
over a fixed number of neighbouring particles (usually 16 or 
32)

● The radius of the circle (sphere in 3D) encompassing these 

neighbours is referred to as the “smoothing length,” h.

Higher 
density

h
h

Lower 
density
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dE

dt
= −P

ρ ∇ ·u− L (E ,ρ)
ρ , (C1.24)

where L = C −H with H and C the heating and cooling rates per unit volume, respectively.
Note that the forms of these equations are different from those in the Eulerian formulation where
coordinates are fixed in space. The system is closed by the Poisson equation and an equation of
state which, for an ideal gas, is

P = (γ −1)ρE , (C1.25)

where γ is the adiabatic index.
The fundamental idea of SPH is to represent a fluid by a Monte Carlo sampling of its mass

elements using a set of N particles. Each particle is assigned with the mass of the fluid element
it represents, and in the Lagrangian formulation this mass is conserved. These particles can be
used to sample any field of the fluid, A, so that the field value at an arbitrary position r can be
approximated by

A(r) =
N

∑
j=1

m j
A j

ρ j
W (r− r j;h), (C1.26)

where W (r,h) is a smoothing kernel of radius h. In practice W (r,h) is chosen so that it equals 0
when r/ his larger than a constant η (typically of the order unity). Therefore, the summation is
over all neighbors that have |r− r j| ≤ ηh. A geometric search tree is usually employed for the
neighbor search (see e.g. Springel et al., 2001b). The spatial derivative of the smoothed field is

∇ A(r) =
N

∑
j=1

m j
A j

ρ j
∇W (r− r j;h). (C1.27)

In this discrete representation, the equations for the changes of density, velocity and internal
energy of a particle (mass element) can be written in the following forms:

dρi

dt
=

N

∑
j=1

m j(ui −u j)∇ iW (ri − r j;h), (C1.28)

dui

dt
= −

N

∑
j=1

m j

(
Pi

ρ2
i

+
Pj

ρ2
j

)
∇ iW (ri − r j;h)−∇ φ , (C1.29)

dEi

dt
=

1
2

N

∑
j=1

m j

(
Pi

ρ2
i

+
Pj

ρ2
j

)
(ui −u j) ·∇ iW (ri − r j;h)− L

ρ . (C1.30)

In these forms, the position, velocity, density and internal energy of SPH particles can be
integrated forward in time as in the N-body simulations (for example, using the leap-frog
scheme).

In SPH simulations the smoothing kernel W is usually taken to have the form

W (r,h) =
1

πh3

⎧
⎨

⎩

1−3R/ 2+3R3/ 4 (0 ≤ R ≤ 1)
(2−R)3/ 4 (1 < R ≤ 2)
0 (otherwise),

(C1.31)

where R ≡ r/ h, although other forms may also be used (see Monaghan, 1992). The smoothing
radius his chosen adaptively according to the local number density of SPH particles. For exam-
ple, one may choose the radius of the smoothing kernel such that it contains a fixed number of
particles. Another proposal is to calculate the value of hat the position of a given particle from

dhi

dt
= − hi

3ρi

dρi

dt
(C1.32)

A key advantage of SPH is its ability to 
resolve high density regions better 
than a mesh code with a single grid 
size.    
Although these are discrete particles, 
density and other relevant physical 
quantities can be determined at any 
point by integrating over the 
smoothing kernels of all overlapping 
SPH particles.



Grid-based Hydrodynamic Codes
Grid-based mesh codes divide gas into cells.  This is an Euler method where cells are 
static in space and fluids flow between cells.  The conservation equations of 
hydrodynamics are integrated across grid cell boundaries.  A problem can arise if there 
are significant discontinuities across a boundary, however adaptive mesh refinement 
(AMR) can be used to subdivide grid cells into sub-grid cells at a refinement level l, 
thus splitting the spatial dimensions of the cell into 1/2l cells.  Hence, the dynamic 
range of an adaptive mesh refinement simulation can be greatly increased from a uni-
grid.  

AMR Codes
AMIGA (MLAPM) - Knebe, Green, Binney 

(2001) 

AMIGA - Adaptive Mesh Investigations of Galaxy 

Assembly

MLAPM - Multi Level Adaptive Particle Mesh

Cosmological MHD Code, 

Particles - Gravity solved on AMR grid,

MHD on regular grid

publically available: 

 http://popia.ft.uam.es/AMIGA/

ART - Kravtsov (2001, PhD) 

ART - Adaptive Refinement Tree

not publically available

ENZO - O‘Shea (2004) 

AMR grid based hybrid code (hydro + Nbody)

MPI parallelized

Originally developed for cosmological structure 

formation by Greg Bryan under the supervision of 

Michael Norman publically available: 

http://enzo.googlecode.com

http://popia.ft.uam.es/AMIGA/page1/files/

AMIGA.pdf

The adaptive mesh refinement criterion is based on 
what the code specifies.  It can be based on having a 
mass limit per cell element, but often is based on 
resolving shocks with sufficient resolution elements.  

The levels of refinement in an AMR can effectively be 
infinite, but is limited by computational speed (i.e. 
smaller cells require smaller time-stepping), and 
available memory (one cannot save an infinite number 
of cells).  Nevertheless, the number of levels of 
refinement can be great, l > 10, and even more.  



SPH versus AMR Simulations

SPH has key advantages over AMR: 1) Lagrangian
nature of SPH allows one to follow fluid elements, 
and  there is no preferred directions due to a grid.  
2) Large density contrasts are resolvable in SPH due 
to particles following where the mass is, whereas 
AMR requires many-level refinement.  3) 
Conservation of angular momentum done better in 
SPH.  4) Short-comings of SPH for Kelvin-Helmholtz 
and artificial viscosity can be solved by adjusting the 
parameters and nature of SPH.  

AMR also has some key advantages over SPH simulations: 1) The key 
hydrodynamic test of forming Kelvin-Helmholtz instabilities fails in normal SPH.  
This leads to too much gas clumping in dense gas propagating through low-
density background.  Entropy profiles in clusters are wrong in SPH (too much 
cold gas sinks to center).  2) SPH cannot resolve shock boundaries like AMR, and 
shock capturing can suffer, especially if there is in-shock cooling (which should 
not occur).  3) The discrete nature of SPH particles means that artificial viscosity 
needs to be added, that mixing of fluid elements is absent, and the smooth 
length limits the spatial resolution and creates artifacts.  

Comparison of Ram Pressure Stripping in AMR and SPH

Fig.:  Agertz et al. (2007)

Gasoline (SPH)

Gadget-2 (SPH)

Enzo (Grid)

Flash (Grid)

Art-hydro (Grid)

Hopkins (2013)- modified 
SPH right)  can handle 
Kelvin-Helmhotlz instabilities

Agertz+ (2007)- Normal SPH (top 2) cannot form Kelvin-Helmholtz 
instabilities that disrupt gas.  AMR shreds this gas cloud as expected.



Hydro vs. DM-only Simulations
Hydro simulations are much more expensive than dark matter-only simulations, 
because of the need to track a layer of baryons.  They also require far more additional 
coding.   One needs to track the hydrodynamics of this set of these baryons in addition 
to their gravitational forces. Cooling and star-formation can be significantly expensive 
as well, and something that I will not talk about is radiative transfer, the propagation 
of light, which can easily dominate computational expense over the N-body and hydro
portions of the code.  
SPH simulation size is often quoted as 2x5123 where there are 5123 DM particles and 
5123 baryonic particles.  Up to a few years ago, this was considered a state-of-the-art 
size, but now some simulations are exceeding 2x10003 and take 10’s of millions of CPU 
hours using 10’s of thousands of nodes.  
State-of-the-art grid-based codes use adaptive mesh refinement, with state-of-the art 
simulations using many levels of refinement (>10) from starting with a base grid that is 
of significant size, e.g. 2563.  
Compare this to the largest DM-only simulations, e.g. the Millennium-XXL with 67203, 
and you can see that hydro simulations are several orders of magnitude smaller in the 
number of resolution elements they follow.



Cooling and Photo-heating
Baryons radiate energy away by 
gas cooling.  Hence, cooling 
curves that depend on the 
atomic physics of electronic 
interactions.  
Gas in the initial conditions of a 
simulation have a primordial 
composition of H and He, which 
agree with observations and Big 
Bang nucleosynthesis models.  
These models have mass 
fractions of hydrogen (X~0.75) 
and helium (Y~0.25).  

Katz, Weinberg, & Hernquist (1996)
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Cooling and Photo-heating
As gas becomes enriched by 
the nucleosynthetic 
products of star formation, 
heavy element (metal) 
cooling becomes important 
and dominant at some 
temperatures (105-106 K) 
for gas enriched to solar 
metallicity (Z~0.012-0.018). 

Following the details of gas 
cooling is critical for galaxy 
formation, because gas 
needs to be able to cool 
into galactic halos to 
achieve conditions of star 
formation.

Wiersma, Schaye, & Smith (2009)



Cooling and Photo-heating
The OWLS simulations (PI Schaye) ran a simulation without cooling or photo-heating 
and gas never cools to densities where star formation can occur.    

An adiabatic simulation on the left versus a simulation with cooling + photo-heating on the 
right.  OWLS simulations (PI, J. Schaye).  



The Effect of Photo-Heating
Photo-heating by the meta-galactic ionization 
background, whose source is UV and X-ray 
radiation emitted by quasars and star-forming 
galaxies is a significant source of heating the 
intergalactic medium (IGM).

Reionization photo-heats all gas (via photo-
electric effect) to 104 K by z=6, which is 
normally done in simulations by simply turning 
on a field Jν. 

Photo-heating, ε, balances cooling, Λ, to make 
a next cooling function, Λnet. Photo-heating from a uniform background is 

a heating component that scales with density, 
while cooling scales with the square of 
density- creates a density dependence where 
photo-heating dominates at lower density 
over cooling (e.g. the IGM).  

6 B. D. Oppenheimer & J. Schaye

Figure 2. Comparisons of equilibrium ionisation fractions for H i,
C iv, O vi, and Neviii predicted by our code and by CLOUDY
using the z = 1 HM01 radiation field. The top panel shows ion
fractions as a function of temperature at the constant density
nH = 0.1 cm−3, for which collisional ionisation dominates in most
species. The bottom two panels show ion fractions as a function of
density at T = 104.0 and 105.5 K, respectively. Photo-ionisation
dominates the middle panel while the bottom panel tests the tran-
sition between the photo- and collisionally ionised regimes. The
agreement with CLOUDY is excellent, although there is devia-
tion at some very low metal ion fractions where CLOUDY does
not accurately track these very low abundances.

by nxine to make Λ′ independent of density (at least in the
regime where electron-ion collisions dominate the cooling
rate). Photo-heating is calculated in an analogous manner
as photo-ionisation. The photo-heating efficiency for species
xi defined as

ϵxi =

Z

∞

ν0,xi

4πJν

hν
σxi(ν)h(ν − ν0,xi)dν, (6)

and hence has unit ergs s−1. We calculate ϵxi for our 133
xi species in units of erg s−1 for every ion given the HM01
EGB at the 50 redshifts between z = 0 and 9, tabulating it
in a table analogous to that of the photo-ionisation rates.

We have used our own method to calculate CLOUDY
cooling efficiencies ion-by-ion (Λ′

xi
), which was developed

independently from Gnat & Ferland (2012), who also tab-
ulate ion-by-ion cooling functions using the same version
(ver. 10.00) of CLOUDY. We run CLOUDY to calculate in-
dividual ion cooling efficiencies at 176 temperature values
between log[T (K)]= 2.0 and 9.0. The end result is a set
of cooling tables that include the effects of radiative and
dielectronic recombination, collisional ionisation and excita-
tion, and Bremsstrahlung. We have compared our ion cool-
ing functions to those of Gnat & Ferland (2012) and find
that our efficiencies are indistinguishable from theirs.5

In detail, we tabulate ion-by-ion cooling functions by
running CLOUDY with the metal ion fraction we are calcu-
lating set to unity. We assume solar abundances as was done
in W09. We force hydrogen and helium to be fully ionised,
resulting in ne = 1.2nH from these species alone. We then
run CLOUDY again with the metal being calculated turned
off, and difference the two sets of cooling efficiencies to ob-
tain Λ′

xi
, which we tabulate for every metal ion in units of

erg cm3 s−1, because we divide out nxine from the volumet-
ric cooling rates to maintain density invariance. In practice
the difference in ne with the metal ion turned on and off
is very small, since metal species do not contribute many
electrons compared with H and He unless the metallicity is
much higher than solar. The calculation for primordial ions
is similar, except that the electron density will not default
to ne = 1.2nH in the cases of H i, He i, and He ii, because
a significant fraction of the electrons can become bound.
Therefore, we force ne in our CLOUDY scripts to add in
otherwise bound electrons for these primordial species, re-
sulting in ne = 1.2 cm−3. Our method differs from Gnat
& Ferland (2012), who essentially make a single ion plasma
to calculate cooling efficiencies. A strategy similar to ours
was used to create the W09 tables except that W09 did not
force ion states since its cooling was calculated assuming
ionisation equilibrium.

The total summed net radiative cooling rate per unit
volume of all species is

Λnet =
X

x

X

i

Λnet,xi + ΛComp, (7)

where inverse Compton cooling off the cosmic microwave
background contribute ΛComp = 5.64 × 10−36 erg K−1 s−1

(T − TCMB,0 × (1 + z))(1 + z)4ne , using TCMB,0 = 2.728 K
(Osterbrock & Ferland 2006).

The temperature evolution is calculated using

5 Further comparison figures are available on our website.
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Figure 1. The evolution of non-equilibrium oxygen ionisation fractions starting from a neutral state at t = 0 for a range of densities
and temperatures using the z = 1 HM01 radiation field. The colour indicates the average ionisation fraction, from O i (dark blue) to O ix

(dark red). The first five panels correspond to the five distinct times indicated and the bottom right panel corresponds to the equilibrium
case, which is reached by 10 Gyr for all densities. The vertical, dashed white line indicates where the dynamical time equals t, which only
corresponds to densities in the displayed range at 100 Myr and 1 Gyr. This implies the area to the left of this line (the entire phase spaces
at ! 10 Myr) would not be dynamically disrupted. Collisional ionisation timescales are shorter at high densities, achieving equilibrium
values earlier. Photo-ionisation timescales are independent of density and equilibrium has not yet been achieved by 1 Gyr at the lowest
densities where photo-ionisation dominates. For movies of the evolution, please visit http://noneq.strw.leidenuniv.nl.

for ionisation increases, and the number of photons capable
of ionising decreases for realistic spectra. Hence, the density
at which the equilibrium ion fraction peaks declines with
increasing atomic weight.

The T = 105.5 K case shows that our code repro-
duces the transition from photo-ionisation to collisional
ionisation at higher densities for all species. We choose
this temperature specifically because Ovi achieves its CIE
peak at this temperature. fHI asymptotes to 10−6 in
the collisional ionisation regime for this temperature. For
further comparison tests between the equilibrium abun-
dances predicted by our code and CLOUDY, we forward
the reader to the Appendix and additionally our website–
http://noneq.strw.leidenuniv.nl. We also demonstrate the
effects of Auger ionisation and charge transfer in the Ap-
pendix. The examples in this Section have both of these
processes turned on.

While these comparisons demonstrate that our reaction
network contains all the important processes and that our
atomic data is close to that used by CLOUDY, they do
not test the accuracy of time integration. We will test the

time-dependent non-equilibrium behaviour in §3 when we
compare the results of our method to GS07.

2.2 Radiative cooling and photo-heating

The net volumetric cooling rate (Λnet) is the difference be-
tween cooling and photo-heating rates. W09 tabulated net
cooling tables under the assumption of ionisation equilib-
rium as functions of temperature, density, redshift, and he-
lium fraction for 9 metals and primordial species separately.
Here we make use of ion-by-ion cooling and photo-heating
tables that are more compact and flexible, which can be
combined into net cooling functions for both equilibrium
and non-equilibrium calculations. Our ion-by-ion net cool-
ing method uses the ion fraction calculated using the CVODE

solver. We calculate net cooling as the difference between
cooling rates (Λ′

xi
nxine) and photo-heating rates (ϵxinxi),

where the resulting net cooling function for an ion xi is

Λnet,xi(T, z, nxi , ne) = Λ′
xi

(T )nxine − ϵxi(z)nxi (5)

The units of Λ′
xi

, ion-by-ion cooling efficiencies, are erg cm3

s−1 where we divide the volumetric cooling rate for an ion
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Photo-Ionization

 the halo bias function

The net heating/cooling rates as 
a function of temperature for 
gas of primordial composition in 
ionization equilibrium with a UV 
radiation background of intensity
J(�) = 10�22 (�H/�) erg/s/cm2/sr/Hz

Results are shown for 4 different 
nH, as indicated (in cm-3). Dotted 
and dashed lines show the cooling 
and heating rates, respectively, 
while the solid curves show the 
absolute value of the net cooling 
rate. Note how heating becomes 
dominant at low temperatures, 
and how photo-ionization 
suppresses the H and He cooling 
peaks in low density gas....

heating
cooling

net 
cooling

net 
heating

Adapted from F. van den Bosch notes.



The Effect of Photo-Heating
The specific shape of the ionization 
background shapes the net cooling curve, 
which is critical (as we will see later) for how 
galaxies form.  

Some of my work (Oppenheimer & Schaye
2013a) has been to calculate the net cooling 
of metal-enriched gases that are out-of-
equilibrium (following the individual metal 
ions and their recombination and ionization 
timescales).  

It turns out that non-equilibrium cooling is 
not very important for the accretion 
efficiency onto galaxies.  Oppenheimer & Schaye (2013)- photo-heating 

depends on the shape of the ionization background 
and non-equilibrium ionization/cooling effects.  

18 B. D. Oppenheimer & J. Schaye

Figure 12. Demonstration of how different ionising backgrounds
(top panel) affect radiative cooling efficiencies (middle panel) and
ion fractions (O vi shown in bottom panel). Different versions
of the EGB at z = 0.957 show how changing the EUV slope
can dramatically alter the ionising background at frequencies of
commonly observed Lithium-like ion potentials. Non-equilibrium
isochoric cooling curves for solar metallicity gas with density
nH = 10−4 cm−3 beginning at T = 106.5 K at z = 1 (plotted
as Λnet/nH

2) show that harder radiation fields suppress cooling
more by ionising metal coolants to a higher degree. For all back-
grounds the cooling efficiency and O vi fraction are very different
from the CIE and CINe cases (also shown in the bottom two
panels).
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Figure 13. The ratio of net cooling rates as a function of temper-
ature and redshift for Z = Z⊙ at nH = 10−4.0 cm−3 assuming
the HM01 EGB. The top panel shows the ratio of PIE to CIE
cooling rates, indicating that photo-ionisation suppresses more
at higher redshift when the EGB is stronger. The bottom panel
shows the ratio of PINe to PIE cooling rates, indicating that non-
equilibrium processes affect cooling between T ∼ 104.5 − 106 K
at all redshifts, and the most when the EGB is weaker. Black
corresponds to conditions where there is net heating.

11 species that dominate the cooling efficiencies of diffuse
gas (H, He, C, N, O, Ne, Mg, Si, S, Ca, & Fe). Cooling
and photo-heating efficiencies are computed ion-by-ion us-
ing tables generated with CLOUDY. After each time step,
the ionisation balance is updated using a reaction network
that includes radiative and di-electric recombination, col-
lisional ionisation, photo-ionisation, Auger ionisation, and
charge transfer. We make available the equilibrium and non-
equilibrium calculations presented here in table format at
http://noneq.strw.leidenuniv.nl. We also provide ionisation,
recombination, cooling, and photo-heating coefficient input
tables that can be integrated into hydrodynamic simula-
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The Effect of Photo-Heating
Photo-heating is important for heating the diffuse IGM, as shown by 
Katz+ (1996) where they include cooling but not photo-heating.  

8
Formation and Evolution of Gaseous Halos

So far we have concentrated on the formation of structure under the influence of gravity alone.
However, since the astronomical objects we are able to observe directly are made of baryons and
electrons, the role of gas-dynamical and radiative processes must also be taken into account in
order to understand how the structures we observe form and evolve. As demonstrated in §4.1.3,
since baryons and dark matter are expected to be well mixed initially, the density perturbation
fields of the baryons, δb, and dark matter, δdm, are expected to be equal in the linear regime,
except for perturbations on scales smaller than or comparable to the Jeans length of the gas. In
this chapter, we examine the role of gas-dynamical and radiative processes for the evolution of
structures in the highly nonlinear regime. We start in §8.1 with a brief description of the basic
dissipational processes. §8.2 describes the structure of gas in hydrostatic equilibrium within dark
matter halos. The formation of gaseous halos in the absence of cooling and heating is discussed
in §8.3, while §8.4 focuses on the impact of cooling. §8.5 describes several thermal and hydro-
dynamical instabilities of cooling gas, and §8.6 discusses the evolution of gaseous halos in the
presence of energy sources. §8.7 gives a summary of the current status of numerical studies of
the formation and structure of gaseous halos, while §8.8 discusses observations of gaseous halos
associated with clusters and galaxies.

8.1 Basic Fluid Dynamics and Radiative Processes

8.1.1 Basic Equations

In many problems to be discussed below, the gas component can be approximated as an
ideal fluid, which means that we can neglect heat conduction and viscous stress in the fluid
equations (see §B1.2). Written in physical coordinates, r, the continuity, Euler, and energy
equations are:

∂ρ
∂ t

+∇ · (ρv) = 0, (8.1)
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Here ρ , v, P, E are the density, velocity, pressure and specific internal energy of the fluid, respec-
tively, and H and C are the heating and cooling rates per unit volume. For an ideal gas with an
adiabatic index γ (also called the ratio of specific heats), we have P = ρ(γ − 1)E . Eq. (8.3) can
then be replaced by the following entropy equation:
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Katz, Weinberg, & Hernquist (1996)- distribution of z=2 gas particles in case 
without photo-heating (left) and with photo-heating (right).



The Effect of Photo-Heating
Photo-heating smooths out baryons.  This has major implications for how easy it is to 
keep the IGM ionized as well as for the ability for baryons to cool into DM halos.  
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Pawlik, Schaye, & Scherpenzeel (2009)- density distribution of gas at z=6 without 
and with photo-heating through the process of reionization.   

4 Pawlik, Schaye & van Scherpenzeel

Figure 2. Slices (of thickness 1.25 h−1 comoving Mpc) through the centre of the simulation box, showing the SPH overdensity field
in the simulations L6N256 and r9L6N256 at redshifts z = 9.08 (left-hand panel; where they are identical) and z = 6 (middle panel:
L6N256, right-hand panel: r9L6N256 ). The inclusion of photo-heating in r9L6N256 leads to a strong smoothing of the density field
(right-hand panel).

The properties of the UV background depend on the
redshift of reheating. If zr ! 9, we employ the evolving
UV background from quasars and galaxies tabulated by
Haardt & Madau (2001) for z ! zr. If zr > 9, we use the
z = 9 Haardt & Madau (2001) UV background for all red-
shifts 9 < z ! zr, and employ the evolving Haardt & Madau
(2001) UV background for redshifts z ! 9. This is necessary
because Haardt & Madau (2001) only tabulate up to z = 9.
For z > zr, we employ the z = 9 Haardt & Madau (2001)
UV background but with its intensity at energies equal to
and larger than 13.6 eV set to zero. Molecular hydrogen and
deuterium and their catalysts are kept photo-dissociated by
this soft UV background at all redshifts and therefore never
contribute to the cooling rate. Our approach is motivated in
the context of reionisation because the weak UV background
established by the very first ionising sources is already suf-
ficient to efficiently suppress the formation of molecular
hydrogen (e.g. Haiman, Rees, & Loeb 1997 and references
therein; Glover 2007; Chuzhoy, Kuhlen, & Shapiro 2007).

The reheating redshift zr is a parameter in our sim-
ulations. The most recent determination of the Thomson
optical depth towards reionisation from the WMAP (5-year)
experiment implies a reionisation redshift zreion = 11.0±1.4,
assuming that the transition from the neutral to the fully
ionised Universe was instantaneous (Komatsu et al. 2008).
The Thomson optical depth towards reionisation provides,
however, only an integral constraint on the Epoch of
Reionisation. The reionisation history may therefore have
been considerably more intricate. An early population
of X-ray sources, for example, could reheat the IGM
to temperatures ∼ 104 K already at much higher red-
shifts (e.g. Collin-Souffrin 1991; Madau & Efstathiou
1999; Oh 2001; Venkatesan, Giroux, & Shull 2001;
Machacek, Bryan, & Abel 2003; Madau et al. 2004;
Ricotti & Ostriker 2004). We therefore study a range
of thermal histories, performing simulations using
zr = 7.5, 9, 10.5, 12, 13.5, 15 and 19.5. To be conserva-
tive, we use the relatively low reheating redshift zr = 9 as
our default value.

In our simulations we compute the photo-heating rates
in the optically thin limit, which means that we under-

estimate the temperature of the IGM during reionisation
(e.g. Abel & Haehnelt 1999). We therefore inject an addi-
tional thermal energy ϵr per proton at z = zr (see, e.g.,
Thoul & Weinberg 1996). By varying the parameter ϵr, we
will investigate the sensitivity of our results to the temper-
ature of the reheated IGM. Our default simulation employs
ϵr = 2 eV. Fig. 1 shows the thermal evolution of gas at
the cosmic mean baryon density ⟨ρb⟩, i.e. of gas with over-
density ∆ ≡ ρb/⟨ρb⟩ = 1, for different values of ϵr and zr.
At z = zr, the gas is heated to Tr ≈ 104 K for ϵr = 2 eV,
whereas the gas temperature is about an order of magnitude
higher (lower) for ϵr = 20 eV (ϵr = 0 eV). After reheating
the gas quickly looses memory of its initial temperature and
by z = 6 the gas temperature is T ≈ 104 K in all cases.

In one of our simulations (r9L6N256winds) we in-
clude kinetic feedback from star formation. We employ the
prescription of Dalla Vecchia & Schaye (2008), which is a
variation of the Springel & Hernquist (2003) recipe for ki-
netic feedback. In this prescription, core-collapse super-
novae locally inject kinetic energy and kick gas particles
into winds. The feedback is specified by two parameters,
the mass loading η ≡ Ṁw/Ṁ∗, which describes the ini-
tial wind mass loading Ṁw in units of the cosmic SFR
Ṁ∗, and the initial wind velocity vw . We use η = 2 and
vw = 600 km s−1, consistent with observations of local
(e.g. Veilleux, Cecil, & Bland-Hawthorn 2005) and redshift
z ≈ 3 (Shapley et al. 2003) starburst galaxies. Note that
wind particles are not hydrodynamically decoupled and that
they are launched local to the star formation event, different
from the Springel & Hernquist (2003) recipe.

3 RESULTS

In this section we employ the set of simulations described
in Section 2 and summarised in Table 1 to calculate the
clumping factor of the IGM. We start in Section 3.1 with
analysing the distribution of the gas in our default simu-
lation r9L6N256 and in the simulation L6N256, which is
identical to our default simulation except for the fact that it
does not include a photo-ionising background. In Section 3.2

Structure of Intergalactic Medium 
(the Cosmic Web) observed via the 
Lyman-alpha Forest 



The Effect of Photo-Heating

Photo-heating “boils” baryons out of 

low-mass halos, where gas photo-

heated to ~104 K cannot collapse owing 

to the Jeans criterion of collapse.

Thoul & Weinberg explored this and 

found that halo below  vcirc= 30-50 km/s 

cannot hold onto their baryons.  

Mini-halos forming the first stars accrete 

gas before reionization, so these early 

halos should be able to host the first 

stars and galaxies below this  vcirc~

30km/s, and agrees with Milky Way 

dwarf spheroidals that occupy lower 

mass halos- formed before reionization

proceeded.

Thoul & Weinberg (1996)- x’s show mass 

of gas without photo-ionization and o’s 

and *’s show with photo-ionization.   



Star Formation
The original star formation criterion in hydrodynamic simulations from the 1990’s 
required gas to be in a convergent flow (div v < 0) and that the gas is Jean’s unstable 
(tsound-crossing<tdyn), according on Katz (1992).  

A Schmidt law is found to apply when the star formation criterion is achieved such 
that ρSF ~ ρgas

α and α=3/2 (Silk, 1987).  It is implemented in a simulation using variables 
c* (a dimensionless parameter, set to 0.1) and tg, which is the maximum of the 
gasdynamical time and cooling time. 

Because of the limited simulation resolution, individual gas particles or cells are 
treated as individual molecular clouds and discrete star particles form with masses of 
many times the mass of actual stars (>106 Msol in a cosmological simulation and <104

Msol in zoom simulations. In practice a gas particle has a probability of “spawning” a 
star particle each timestep Δt.  
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Star Formation
In practice, typical simulations use a simpler criterion that encompasses the pervious 
physics, scaling to an observationally derived from the Kennicutt (1998) relationship, 
which empirically relates gas surface density to star formation density, ΣSF ~ Σgas

α.  The 
law is translated into a density law with one free parameter, which is the star 
formation timescale at the star formation density threshold.  

Kennicutt (1998)

This is called the Kennicutt-Schmidt 
Relationship.  

The theoretical explanation is that ΣSF ~ 
Σgas/tdyn, where tdyn ~ Σgas

0.5. 

From notes of F. van den Bosch 



Star Formation
In practice, typical simulations use a simpler criterion that encompasses the pervious 
physics, scaling to an observationally derived from the Kennicutt (1998) relationship, 
which empirically relates gas surface density to star formation density, ΣSF ~ Σgas

α.  The 
law is translated into a density law with one free parameter, which is the star 
formation timescale at the star formation density threshold.  
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Figure 2. Star formation rate per unit area versus gas surface
density in a star-forming disk of gas. The dashed inclined line
shows the Kennicutt law of equation (25), with the vertical line
drawn to indicate the observational cut-off in the star formation
rate. The solid and dotted lines have been computed numerically
by solving the equations of hydrodynamic equilibrium together
with our multi-phase model for self-gravitating sheets of gas. The
solid line shows the result for t⋆0 = 2.1Gyr, the lower dotted
line is obtained for t⋆0 = 8.4, Gyr, and the upper dotted line for
t⋆0 = 0.53 Gyr.

the star formation rate to remain unchanged at the inter-
mediate density value of 103 M⊙pc−2. The resulting local
Schmidt-law then provides a good fit to the azimuthal data
of 21 spirals presented in Fig. 3 of Kennicutt (1998). The
observational constraint we thus try to match can also be
expressed as a gas consumption timescale, taking the form

tSFR =
Σgas

ΣSFR
= 3.2 Gyr

!

Σgas

10 M⊙ pc−2

"−0.5

. (25)

At the threshold for the onset of star formation, this thus
indicates a timescale of about 3.2 Gyr, becoming shorter
towards higher densities. This compares well with the cited
median gas consumption timescales of 2.1 Gyr (Kennicutt,
1998) and 2.4 Gyr (Rownd & Young, 1999).

In Figure 2, we show the relation between star forma-
tion density and gas surface density predicted by our multi-
phase model for various choices of t⋆

0. The curves have been
computed by solving the equations of hydrostatic equilib-
rium for self-gravitating layers of gas with varying surface
density. Clearly, the amplitude of the star formation rate is
very sensitive to the value of t⋆

0, with t⋆
0 = 2.1 Gyr providing

a good fit to the Kennicutt law.
Once the amplitude of star formation has been matched

by adjusting t⋆
0, the slope and the cut-off obtained can be

used as additional checks on the applicability of our model.
The slope is matched quite well, even though this is not en-
tirely trivial because it requires that the vertical structure
that develops under the action of Peff for the self-gravitating,
star-forming sheet of gas leads to star formation rates per
unit area which are compatible with the observed slope of
the Schmidt-law. Interestingly, the cut-off induced by the
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Figure 3. Star formation rate per unit area versus gas surface
density in a self-consistent simulation of a disk galaxy which quies-
cently forms stars. The symbols show azimuthally averaged mea-
surements obtained for our fiducial choice of t⋆0 = 2.1Gyr. The
dashed inclined line gives the Kennicutt law of equation (25), and
the vertical line marks the observed cut-off of star formation.

best-fit value of t⋆
0 also lies approximately in the right loca-

tion. It is presently unclear whether this has any profound
significance, or whether it is just a fortunate coincidence
in the present simple model. Recall that the cut-off in the
model is induced by an imposed physical density threshold
ρth for the onset of cloud formation, and that this density is
tied to the value for the star formation timescale.

Finally, we examine how well full three-dimensional sim-
ulations of spiral galaxies obey the Kennicutt law that we
used to set the star formation timescale. In Figure 3, we
show azimuthally averaged measurements obtained for our
fiducial choice of t⋆

0 = 2.1 Gyr in a compound galaxy consist-
ing of a dark halo, and a star-forming gaseous disk. There
is good agreement with the corresponding analytic curve
in Fig. 2, validating the numerical implementation of the
multi-phase model in our simulation code.

4 WINDS AND STARBURSTS

4.1 Winds

As summarised above, our multi-phase model leads to the
establishment of a physically motivated and numerically well
controlled regulation cycle for star formation in gas that has
cooled and collapsed to high baryonic overdensities. Gas con-
tained in dark matter haloes can thus cool and settle into
rotationally supported disks where the baryons are gradually
converted into stars, at a rate consistent with observations
of local disk galaxies. In this model, the thickness and the
star formation rates of gaseous disks are regulated by su-
pernova feedback, which essentially provides finite pressure
support to the star forming ISM, thereby preventing it from
collapsing gravitationally to exceedingly high densities, and

c⃝ 0000 RAS, MNRAS 000, 000–000

Springel & Hernquist (2003a)
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the star formation rate to remain unchanged at the inter-
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At the threshold for the onset of star formation, this thus
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best-fit value of t⋆
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tion. It is presently unclear whether this has any profound
significance, or whether it is just a fortunate coincidence
in the present simple model. Recall that the cut-off in the
model is induced by an imposed physical density threshold
ρth for the onset of cloud formation, and that this density is
tied to the value for the star formation timescale.

Finally, we examine how well full three-dimensional sim-
ulations of spiral galaxies obey the Kennicutt law that we
used to set the star formation timescale. In Figure 3, we
show azimuthally averaged measurements obtained for our
fiducial choice of t⋆

0 = 2.1 Gyr in a compound galaxy consist-
ing of a dark halo, and a star-forming gaseous disk. There
is good agreement with the corresponding analytic curve
in Fig. 2, validating the numerical implementation of the
multi-phase model in our simulation code.

4 WINDS AND STARBURSTS

4.1 Winds

As summarised above, our multi-phase model leads to the
establishment of a physically motivated and numerically well
controlled regulation cycle for star formation in gas that has
cooled and collapsed to high baryonic overdensities. Gas con-
tained in dark matter haloes can thus cool and settle into
rotationally supported disks where the baryons are gradually
converted into stars, at a rate consistent with observations
of local disk galaxies. In this model, the thickness and the
star formation rates of gaseous disks are regulated by su-
pernova feedback, which essentially provides finite pressure
support to the star forming ISM, thereby preventing it from
collapsing gravitationally to exceedingly high densities, and
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In the case of Springel & Hernquist (2003a), the 
density threshold for SF is nH = 0.13 cm-3 and 
τSF~2-3 Gyr.  

The star formation threshold of ~0.1 cm-3 is 
physically motivated by the UV ionizing meta-
galactic background being self-shielded and 
allowing gas to cool and collapse into 
molecular clouds (e.g. Schaye 2004).  



Star Formation
In reality there is multiple phases of gas in the interstellar medium (ISM), including 
atomic hydrogen (HI, lower density) and molecular hydrogen (H2, higher density and 
molecular clouds.  More recent findings find a break in the K-S Law and a linear 
dependence of star formation rate on molecular density.  
New simulations (e.g. Christensen 2012?) resolve the ISM and follow the formation of 
H2 (by self-shielding from interstellar radiation) and put in a modified SF Law.  

Bigiel+ (2008)
ASTR 610: Theory of Galaxy Formation © Frank van den Bosch:  Yale 2012

Local Star Formation Laws

 the halo bias function

Rather than measuring     ,        ,    etc globally (i.e., averaged over entire galaxies), 
one can also measure these quantities locally (averaged over a narrow radial range, 
or even per pixel). 

�̇⇤ ⌃gas ⌦

Such data has shown that there is no local equivalent of relation between      , 
and    , indicating that the SF efficiency has little to do with the local orbital time.⌦

�̇⇤ ⌃gas

The local data does reveal an equivalent of the KS-law, but with one modification:
there is a pronounced break in the power-law behavior near �gas ' 10M�pc

�2



Galaxy Formation Overview
The field of “galaxy formation” encompasses how galaxies form, grow, and evolve from 
the first stars (at z>10-20) to the present-day Universe (z=0).  Why the field is so 
interesting is because it encompasses so many aspects of astrophysics on all scales:
• Cosmology- cosmological parameters and Hubble expansion are encoded in the 

initial conditions (ICs).
• “Gastrophysics”- the physics and chemistry of intergalactic gas, which includes 

atomic physics responsible for cooling and ionization. 
• Star formation- conditions for turning gas into stars is at the foundation of galaxy 

formation (i.e.- what is a galaxy fundamentally– a collection of stars).  
• Stellar life and death- feedback from stars as they evolve couples to the interstellar 

medium and drive outflows out of the galaxy.
• Black hole physics- supermassive black holes live at the centers of galaxies, and 

create active galactic nuclei (quasars) that also drive outflows out of the galaxy.
• Dark matter- underlies everything in galaxy formation, required for cosmological 

ICs and slowing of Hubble expansion, needed to gravitationally attract baryons into 
halos to form stars and grow galaxies.    



Galaxy Formation: How Cooling Determines if 

Star Formation is Achieved

The ability of gas clouds 

to cool determines if they 

achieve the density for 

star formation (Rees & 

Ostriker 1977, Silk 1977, 

White & Rees 1978). 

Although atomic cooling 

as a function of density 

and temperature 

determines if gas can 

cool, it is the dark matter 

that is needed to attract 

the gas into virialized

structures so that they 

can achieve the ability to 

cool.  Mo, van den Bosch, White (p. 386)- density (n) and temperature (T) 

for gas clouds to cool. Masses of virialized clouds, which determines 

masses of galaxies that form and where galaxies do not form.  

386 Formation and Evolution of Gaseous Halos

will have a virial temperature of 0.6× 106 K. The cooling time for gas at temperature T and
density n as a result of radiative cooling can be written as

tcool ≡
ρE

C
=

3nkBT
2n2

HΛ(T )
≈ 3.3×109 T6

n−3Λ−23(T )
yr, (8.94)

where E is the internal energy per unit mass, nH is the number density of hydrogen atoms [nH =
(12/27)n for a fully ionized primordial gas], and we have assumed an ideal gas with adiabatic
index γ = 5/3. Note that we have written the cooling function as Λ = 10−23Λ−23 ergcm3 s−1.
The 1011 M⊙ protogalaxy forming at z = 3 has n−3 ≈ 5.5 and Λ−23 ≈ 0.5 assuming primordial
gas (see Fig. 8.1), which implies a cooling time of tcool ∼ 7.4× 108 yr. This is roughly twice as
long as its free-fall time,

tff =

!
3π

32Gρ =

!
3π fgas

32Gn µmp
≈ 2.1×109 f 1/2

gas n−1/2
−3 yr, (8.95)

or tff ≈ 3.5× 108 yr for the case we are considering. Note that for a given temperature tcool ∝
(1 + z)−3 and tff ∝ (1 + z)−3/2 so that cooling is more effective at higher redshifts. Note also
that, in the absence of a strong UV background, protogalaxies with 104 K < Tvir < 105 K (where
Λ−23 ∼ 10) have tcool much smaller than tff. Thus, the gas in small halos at high redshifts is
expected to cool effectively and on short time scales.

Fig. 8.6 shows the locus of tcool = tff in the n– T plane, which separates clouds that can cool
effectively (tcool ≪ tff) from those that cannot. Superposed on the diagram are the loci of constant
Mgas and the densities n that correspond to overdensities of δ = 200 at redshifts z = 0,1, ...,5.
As one can see, over this entire redshift range halos with (primordial) gas masses larger than
about 1011 M⊙ cannot cool effectively. This mass increases to ∼ 1012 M⊙ if the gas has solar

Fig. 8.6. Cooling diagram showing the locus of tcool = tff in the n– T plane. The upper and lower curves
correspond to gas with zero and solar metallicity, respectively. The tilted dashed lines are lines of constant
gas mass (in M⊙), while the horizontal dotted lines show the gas densities expected for virialized halos
(δ = 200) at different redshifts. All calculations assume fgas = 0.15 Ωm,0 = 0.3, and h = 0.7. Cooling is
effective for clouds with n and T above the locus.

tcool < tff

Galaxies Form

tcool > tff

Gas stays hot:

clusters



Galaxy Formation: How Cooling Determines 
What Manner Gas Accretes onto Galaxy

White & Frenk (1991) – The dotted line is redshift-independent gas accretion rate of halos.  
However gas has to cool as well, and cooling rates are shown as solid lines for 4 redshifts.   If 
the cooling rate is higher than the accretion rate, then galaxy growth is determined by the gas 
accretion rate (lower velocity dispersion), but if the cooling rate is lower then the cooling 
accretion rate determine galaxy growth- the non-accreting gas is heated to the virial
temperature of the halo instead and forms a hot halo- the intra-cluster medium.  
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Galaxy Formation: How Cooling Determines 
What Manner Gas Accretes onto Galaxy

Mass of halo that can cool 
easily will never shock heat to 
virial temperature of a halo is 
small and accrete via “cold 
mode accretion”, while more 
massive halos shock heat their 
gas to the virial temperature of 
the halo, and form a virial
shock front through which gas 
can cool via “hot mode 
accretion.”

Idea of cold/hot dichotomy in 
how galaxies form around 
since White & Frenk (1991), 
and cosmological hydro 
simulations confirmed this 
later (Birnboim & Dekel 2003, 
Keres et al 2005, 2009a).  

Mo, van den Bosch, White textbook (p. 393)- Gas that can 
that can cool easily will accrete onto halos directly, gas 
that can’t will go through a virial shock 

8.5 Thermal and Hydrodynamical Instabilities of Cooling Gas 393

Fig. 8.7. Same as Fig. 8.1, except that now we also indicate Λcrit for halos in the redshift range 0 ≤ z ≤ 3
(shaded area). Halos with Λ > Λcrit accrete their gas in the cold mode, while those with Λ < Λcrit experience
hot mode accretion.

hot-mode transition may have an important impact on galaxy formation (see e.g. White & Frenk,
1991; Cattaneo et al., 2006; Birnboim et al., 2007)

8.5 Thermal and Hydrodynamical Instabilities of Cooling Gas

The preceding section shows that gas can cool through radiative processes, but the models con-
sidered do not tell us anything about the state of the cooling gas. Is the cooling gas in a single
phase, or in a multi-phase with gas clouds of different temperatures coexisting? In this section we
show that, because of thermal instability, a multi-phase medium is likely to develop in a cooling
gas. We also describe other processes that can affect the properties of a multi-phase medium.

8.5.1 Thermal Instability

Consider a gas in thermal equilibrium. Since cooling balances heating, the net cooling–heating
rate (per unit mass) must be zero, i.e. L ≡ (C −H )/ρ = 0. As we have seen earlier in this
chapter, for a given chemical composition, the rate L is typically a function of both the tempera-
ture, T , and density, ρ , of the gas. The condition for cooling–heating balance therefore defines a
locus in the ρ–T plane, as shown schematically in Fig. 8.8. Gas above this locus has L > 0 (net
cooling) because the temperature of the gas is higher than the equilibrium temperature, while gas
below this locus has L < 0 (net heating).

The locus is expected to have the basic shape shown in Fig. 8.8, which can be understood as
follows. As the temperature of the gas approaches ∼ 104 K from a lower value, the ground and
low-excitation states of common elements, such as hydrogen and helium, begin to be collisionally



The Overcooling Problem- A Challenge to 
the Cold Dark Matter Paradigm?

A simulation with cosmological ICs, 
gravity for dark matter and baryons, 
hydrodynamics for baryons, cooling and 
photo-heating, and a star formation 
prescription.  What galaxies do we get?

Simulated galaxies are too massive!  
Star formation is too efficient and too 
many baryons get converted into stars.  
Up to 40% of baryons are converted into 
stars, when the observed mass fraction 
in galaxies is 4-8%, which is assuming the 
Ωbaryon=0.046, which is constrained via 
Big Bang Nucleosynethesis and CMB 
fluctuations (WMAP & Planck).  This is 
the so-called “over-cooling” problem 
where too many baryons cool into halos 
(White & Frenk 1991, Balogh+ 2001, 
Keres+ 2009).

Keres et al. (2009b)- The simulated mass 
function of galaxies compared to the observed 
mass function (Bell et al. 2003) at z=0.  Galaxies 
of all masses in the simulations 



The Inferred Efficiency of Galaxy Formation
Abundance matching (AM) 
involves taking the distribution 
of observed galaxies and 
matching them up with the 
theoretical dark matter halo 
distribution function found in a 
dark matter simulation.  

Abundance matching figures 
(on the right here) plot the ratio 
of M*/Mhalo as a function of 
Mhalo for central galaaxies (we 
will worry about satellite 
galaxies later).  

It is an efficiency measure of 
baryon conversion into stars 
that has a maximum value of 
Ωb/ΩM=0.046/0.28 = 0.16.  

Behroozi et al. (2013)- The efficiency of halos turning their 
baryons into stars (a compilation of results).  AM assumes the 
most massive galaxy occupies the most massive halo and so on 
toward lower masses (i.e. rank ordering of masses).  This 
assumption is confirmed by how galaxies cluster and distribute 
themselves in large scale structure, because it matches the 
clustering of DM halos in a cosmological N-body simulation.  
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FIG. 14.— Comparison of our best-fit model at z = 0.1 to previously published results. Results compared include those from our previous work (Behroozi et al.
2010), from abundance matching (Moster et al. 2013; Reddick et al. 2012; Moster et al. 2010; Guo et al. 2010; Wang & Jing 2010), from HOD/CLF modeling
(Zheng et al. 2007a; Yang et al. 2012), and from cluster catalogs (Yang et al. 2009a; Hansen et al. 2009; Lin & Mohr 2004). Grey shaded regions correspond to
the 68% confidence contours of Behroozi et al. (2010). The one-sigma posterior distribution for our model is shown by the red error bars.
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FIG. 15.— Comparison of our best-fit model at z = 1.0 and z = 3.0 to previously published results. Results compared include those from our previous
work (Behroozi et al. 2010), from abundance matching (Moster et al. 2013, 2010; Conroy & Wechsler 2009; Wang & Jing 2010), and from HOD/CLF modeling
(Zheng et al. 2007a; Yang et al. 2012; Wake et al. 2011). Yang et al. (2012) reports best fits for two separate stellar mass functions, and we include both at z = 3.0.
Grey shaded regions correspond to the 68% confidence contours of Behroozi et al. (2010).



The Overcooling Problem by Halo
Too much gas cold mode accretion 
cools in the centers of galactic halos, 
turning into stars without galactic 
superwinds.

The masses of z=0 central galaxies are 
much too massive according to 
abundance matching with halos:
• 1013 M¤ - 5x too massive
• 1012 M¤ - 3x too massive
• 1011 M¤ - 10x too massive

This exemplifies the overcooling or 
more accurately the oversupply 
problem: too many baryons form into 
stars in all halos.  
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MHalo

central galaxies only



Galaxies are Gas Processing Factories
One can think of galaxies as gas 
processing factories (Dave, Finlator, 
Opp. 2012).  With no galactic 
superwinds, galaxies make one 
product: stars.

In fact, accretion in halos below Milky 
Way mass (~1012 Msol) turn almost all 
of their baryons into stars.  ~30% of 
baryons are converted to stars.  

central galaxies only
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Galaxies are Gas Processing Factories
The conversion rate of baryons into stars 
by star formation (SFR) in the galaxy can 
be compared with the growth rate of the 
dark matter halo.  The ratio that is 
considered is the SFR over BHAR, the 
baryonic halo accretion rate, which is the 
DM halo growth rate multiplied by 
fb=Ωb/ΩM. 

BHAR = dMhalo/dt × fb

SFR approaches BHAR at MH~1011.5-1012.0

M¤, which means SF is efficient here, 
however becomes very inefficient at 
higher and lower masses.  At higher 
masses (>1012 M¤), the gas cannot cool 
onto galaxies, but at low masses (<1011

M¤) it was predicted that SF should be 
more efficient as gas can effectively cool.

central galaxies only
central galaxies only

Behroozi+ (2013b)- The efficiency of star 
formation relative to baryonic halo accretion rates 
onto halos calculated from a ΛCDM N-body 
simulation. The efficiency of baryon conversion 
into stars is a very peaked function, which is 
puzzling.  



Galactic Superwind Feedback 
Feedback in the form of energy, mass, and heavy metals nucleosynthesized in stellar 
evolution are returned from star formation to the interstellar medium (ISM) as can super-
massive black hole feedback from active galactic nuclei (AGN).  

1) Star formation-driven feedback
• Supernova energy (1051 ergs/SN) is thermalized and converted into kinetic outflows 

leaving the disk of a galaxy (Chevalier & Clegg, 1985).
• Radiation pressure- UV photons from OB stars create radiation pressure that couples to 

dust and drives gas out of a galaxy (Murray, Quaertart, & Thompson 2005). These are 
considered “momentum-conserving winds.  

• Also, stellar winds,l photo-ionizational heating, and cosmic rays from supernovae, can 
also couple to the ISM and drive galactic superwinds.  

2) Black hole (BH) feedback- a small fraction of the rest-mass energy from accretion onto a 
central black hole can be re-radiated, which is a significant amount of energy
• Radiation pressure from an AGN (a quasar) couples to gas and drives a galactic scale wind 

quenching energy
• Jets emanating from the BH extend Mpcs and transfer energy to the interglactic medium.
• “Radio”-mode feedback of continued radio-active AGN (evolved ellipticals in 

clusters/groups) couples to the surrounding hot halo gas and prevents later inflow.  

central galaxies only



The Overcooling Problem:
Solved by Superwind Feedback?!

Star formation-driven galactic superwind
(GSW) feedback is implemented in our 
simulations, usually by giving a kicking 
wind particles at a rate proportional to 
the star formation rate.  

Two basic parameters to apply feedback:

Mass loading where: Mwind = η x MSFR
Wind velocity where: vwind

Momentum-conserved feedback (vzw) 
where σ is the galaxy velocity dispersion
vwind ~ σ, η ~ σ-1 where Mwind = η x MSFR.

MACC MSF

No Galactic Superwinds

MACC

MSF

η ~ σ-1 Mass-loading
MOUTFLOW

Dave, Finlator, Opp. 2012



The Overcooling Problem:
Solved by Superwind Feedback?

Galaxy and star formation is suppressed 
by kicking 

Momentum-conserved feedback (vzw) 
where σ is the galaxy velocity dispersion
vwind ~ σ, η ~ σ-1 where Mwind = η x MSFR

~50% SN energy into kinetic winds.

Also, I’ve done energy-conserved 
feedback (ezw) where vwind ~ σ, η ~ σ-2

where low-mass galaxies are suppressed 
more (and quenching at high masses).
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Zoom simulations can resolve how stellar feedback 
severely reduces dwarf satellite efficiency

Hopkins+ (2014) run cosmological zoom simulations 
and resolve galaxies living in halos down to ~109

Msol.  Can resolve the ISM, and include multiple 
forms of feedback from supernovae and stellar 
winds as well as radiative transfer for radiation 
pressure (momentum-driven winds), and photo-
ionization.

The combined effect of these multiple forms of 
stellar feedback resonate with each other, and 
reduce setllar masses by a factor of 100x in lower 
mass galaxies.  

central galaxies only



Another Effect of Feedback is to Chemically Enrich the 
Gas Outside Galaxies- the Intergalactic Medium

The diffuse gas in the intergalactic medium 
(IGM) is too underdense to form stars, and it 
is expected to have primordial composition 
(76% Hydrogen, 24% Helium).  

Instead there is a significant amount of 
“heavy metals” (e.g. carbon, oxygen, silicon, 
iron) in the IGM, and only simulations with 
galactic superwinds can transport the 
material from galaxies where these metals 
are nucleosynthesized and ejected from stars 
to the IGM.  

Hence, in addition to feedback solving the 
overcooling problem by reducing the stellar 
content of galaxies, the signatures of 
feedback are seen in the pollution of the 
cosmic web.  We will also see that feedback 
can alter dark matter halo profiles as well.  

central galaxies only

Oppenheimer, Davé+ (2006, 2008, 2009ab, 2012)- frequency 
of heavy element absorption in simulated quasar sight lines.

No Winds

Runs with Winds



Challenges to ΛCDM Cosmology
Cold dark matter has had many key successes including: rotation curves of 
galaxies, large scale clustering of galaxies, the Lyman-α forest power 
spectrum, weak lensing tracing dark matter; not to mention the CMB 
anisotropies, Big Bang nucleosynthesis, and baryonic acoustic oscillations.  

The most notable possible tensions under ΛCDM are: 
1) The existence of core-like profiles of galactic cores: the core-cusp problem.
2) The predicted excess of the number of Milky Way satellite halos compared 

to observed galaxies: the missing satellites problem.
3) The low velocity dispersions of Milky Way satellite: Too big to fail.
4) The properties of galaxies filling voids



Dark Matter Halo Profiles: Deviations from 

NFW Owing to Baryons 

NFW profiles are expected to have 

“cusp-like” inner DM profiles such that 

ρ~r-1, because ρ =~ 1/(r(1+r2)).

However, observations suggest an even 

shallower profile where ρ~rα, and α>-1.  

These flatter profiles are “core-like” 

with some profiles approaching a flat 

inner distribution α=0.

Observations of dwarf galaxies, Milky 

Way satellites, and even large clusters 

indicate that the inner dark matter 

profiles are more core-like than cusp-

like as expected from NFW.  This is 
referred to as the core-cusp problem.
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Figure 2: The left panel is a compilation51 of observed innermost dark matter density profile slopes (↵ where ⇢DM(r) / r↵) for field dwarf
galaxies, plotted at the innermost point where a robust determination has been achieved. Where the slope ↵ can be measured interior to
around one kiloparsec, it is typically much shallower (↵ > �1) than the simulated “NFW” result. The right panel77 shows the probability
distribution function on the parameter � = �↵ for a selection of galaxy clusters (M ⇠ 1015M�). While the constraints on individual
clusters are quite broad, the combined constraints (thick line) again indicate a shallower-than-NFW slope.

and LRIS30. One can either look for blue-shifted absorption in the
spectra of galaxies themselves31 or as ‘intervening’ features in the
spectra of background quasars29. A natural source for the energy
required to generate these outflows is supernovae32 and ionising
radiation33, 34 associated with stellar populations. In addition, en-
ergy released during accretion onto a massive central black hole
may have a role to play, although the available energy is thought to
scale steeply with the black hole’s mass, limiting these effects to
the brightest galaxies or their progenitors19, 20.

Recent results underline the ubiquity of outflows35 and show that
their speed likely scales with the star formation rate of the associ-
ated galaxy (see Figure 1). Galaxies are surrounded by enriched
gas moving at hundreds of kilometres per second36 in bubbles
extending to 100 kpc or more. This result is exceptionally hard
to explain without significant galactic winds. Mounting evidence
also suggests that much of the in-flowing material into galaxies
may also be metal-enriched37, consistent with a picture in which
much of the wind does not attain the escape velocity but instead
re-accretes38, 39.

A separate argument also points to the importance of winds dur-
ing galaxy formation. Observed stellar profiles of small galaxies
are mostly ‘bulgeless’, i.e. well approximated by a disk of gas
and stars with an almost exponential profile40, 41. Yet cosmological
simulations show that the dark matter and baryons accumulated in
all galaxy halos contain a large fraction of low angular momentum
material42 – which would imply the presence of a bulge43. This
problem, known as the ‘angular momentum catastrophe’, is solved

if low angular momentum gas is ejected44, 45 by winds at relatively
high-z when SF peaks46. This makes the physics of galactic winds
of fundamental importance to understanding the population of disk
galaxies, even before the effect on DM is considered.

3 Evidence for a cusp-core discrepancy

We now turn our attention to the excessive quantity of dark matter
predicted by the CDM model compared to measured densities in
the innermost regions of galaxies and clusters.

Dwarf galaxies As explained above, the under-abundance of dark
matter in the centre of dwarf galaxies relative to theoretical pre-
dictions is known as the cusp-core discrepancy. The problem was
discovered as soon as cosmological simulations became capable
of predicting halo structure47, 48. Although acceptance was grad-
ual, it is now firmly established that robust measurements of the
dark matter density can be made from rotation curves of gas-rich
dwarf galaxies ‘in the field’ (i.e. away from the influence of larger
galaxies). In the innermost regions r ⇠< 0.5 kpc the baryonic con-
tribution to the potential is comparable to that of the dark matter
and must be subtracted11, 49. Consequently inferring the dark mat-
ter density requires (1) high spatial resolution of the gas and stellar
kinematics (2) a comprehensive understanding of how to estimate
and subtract the stellar and gas mass distribution from the central
kiloparsec and (3) careful handling of systematic observational er-
rors. The last category encompasses possible biases arising from
radio beam-smearing, departure from circular orbits, centring diffi-
culties, unknown details of stellar mass-to-light ratios and gravita-

3

Oh et al. (2011)- Inner slope of DM profile 

inferred from gas in dwarf galaxies.  α=-1 is a 

cusp-like NFW profile, and α>-1 is more core-

like.



Observations of Non-NFW Cored Profiles

Kuzio de Naray et al. (2010)- Slowly rising rotation curves observed in low-surface 
brightness galaxies.  

For ρ ~ rα, the circular velocity, vcirc ~ r1-α/2

Hence, for a cored profile, α=0 -> vcirc~ r  and for a cusped profile α=1 -> vcirc~ r0.5

and a maximum of vcirc occurs outside of where α=2.  



Observations of Non-NFW Cored Profiles

Walker & Penarrubia (2011) observe the distributions of two different stellar 
subcomponents in local Milky Way dwarf spheroidals to constrain the mass 
distribution as a function of radius

Γ=2 for NFW cusp, Γ=3 for cored profile.  Dwarf spheroidals (DSs) have a divergent 
core from a NFW cusp.  DSs more core like.  
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Figure 2. Spatial sampling bias in the Magellan dSph spectroscopic samples (Walker et al. 2009c) adopted here. Panels plot the observational selection probability,
w ≡ dNobs/dNcand, as a function of projected radius, estimated via kernel smoothing (Equation (4)). Different line styles correspond to different smoothing bandwidths.
For this study we adopt the w(R) estimates that correspond to bandwidth k1 = 2 arcmin (dotted red); our results and conclusions are not sensitive to this choice.
(A color version of this figure is available in the online journal.)

where the hat ( ˆ ) symbol denotes a quantity estimated via
kernel smoothing. Figure 2 displays ŵ(R) curves for each
dSph and for possible choices of bandwidth over the range
0.1 ! k1/arcmin) ! 10—these smoothing scales are smaller
than the scale radius of the composite stellar component and
larger than the (projected) mean free path of sampled stars. For
the present work we adopt k1 = 2 arcmin (dotted red curves in
Figure 2), but we have confirmed that our results and conclusions
are not qualitatively sensitive to this choice.

3. METHOD

We model each dSph mathematically as the superposition
of two chemodynamically distinct stellar subcomponents ob-
served through foreground contamination. For “metal-rich” and
“metal-poor” stellar subcomponents we adopt simple paramet-
ric models to describe the distributions of projected radius,
line-of-sight velocity, and magnesium index (Sections 3.2– 3.4).
For the foreground contamination, we estimate these distribu-
tions non-parametrically by smoothing the spectroscopic data
according to the published probability of (non-)membership
for each star (Section 3.5). We constrain model parameters us-
ing a standard Markov Chain Monte Carlo (MCMC) algorithm
(Section 3.7). The algorithm returns estimates of parameters in-
cluding half-light radii and velocity dispersions for the two stel-
lar subcomponents, which simultaneously provide estimates of
the mass enclosed at the half-light radius of each subcomponent
(Equation (2)) as well as the slope of the mass profile:

Γ ≡ ∆ log M

∆ log r
= log[M(rh,2)/M(rh,1)]

log[rh,2/rh,1]
≈ 1 +

log
!
σ 2

V,2/σ
2
V,1

"

log[rh,2/rh,1]
.

(5)
The last expression on the right-hand side follows from
Equation (2) or, more generally, from any mass estimator of the
form M(κrh) ∝ rhσ

2 where κ is some constant (e.g., Peñarrubia
et al. 2008a; Walker et al. 2009b; Wolf et al. 2010; Amorisco &
Evans 2011), and makes explicit the fact that the only physical
quantities relevant to our estimate of the slope Γ are the sizes
and velocity dispersions of the two stellar subcomponents.

3.1. Likelihood Function

We require a mathematical model that will let us distin-
guish and quantify the properties of two independent stel-
lar subcomponents in the same dSph. Suppose p1(R,V,W ′)

and p2(R,V,W ′) describe joint probability distributions5 of
projected radius, line-of-sight velocity, and reduced magnesium
index for metal-rich and metal-poor dSph subcomponents, re-
spectively. Further suppose that pMW(R,V,W ′) is the joint
probability distribution followed by foreground Milky Way stars
that satisfy the color/magnitude criteria used to select dSph tar-
gets. Our data set {Ri, Vi,W

′
i }

Nsample

i=1 samples all three stellar
populations. Let the vector S⃗ represent a set of free parame-
ters that specifies models for p1(R,V,W ′) and p2(R,V,W ′)
as well as the fractions f1 ≡ N1/(N1 + N2 + NMW) and
f2 ≡ N2/(N1 +N2 +NMW) of stars in metal-rich and metal-poor
stellar subcomponents, respectively. Recalling from Section 2.3
that w(R) indicates the probability that an RGB candidate at
radius R is actually observed, then given a model specified by S⃗
the data set has a likelihood of

L({Ri, Vi,W
′
i }

Nsample

i=1 |S⃗)

=
Nsample#

i=1

$
f1

w(Ri)p1(Ri, Vi,W
′
i )% % %

w(R)p1(R,V,W ′)dRdV dW ′

+ f2
w(Ri)p2(Ri, Vi,W

′
i )% % %

w(R)p2(R,V,W ′)dRdV dW ′

+ (1 − f1 − f2)
w(Ri)pMW(Ri, Vi,W

′
i )% % %

w(R)pMW(R,V,W ′)dRdV dW ′

&
. (6)

The normalizing constant in the denominator of each term
provides a weight that compensates for the radial sampling bias
(Gill et al. 1988; Wang et al. 2005; Martinez et al. 2011).

In the following subsections we specify mathematical models
for p1, p2, and pMW that let us evaluate the overall likelihood
given by Equation (6). In selecting from what is in principle
an unlimited number of possible models, we opt for simplicity
over elegance. That is, in order to quantify distributions of po-
sitions, velocities, and spectral indices we choose simple math-
ematical expressions that let us specify the likelihood function
analytically and without introducing an unwieldy number of free
parameters. Since one can think of p1, p2, and pMW as chemo-
dynamical distribution functions, it is important to realize that

5 These probability densities are statistical distribution functions defined such
that, for example, the fraction of subcomponent-1 stars that have positions in
the interval R, R + dR, velocities in the interval V, V + dV and reduced
magnesium indices in the interval W ′, W ′ + dW ′ is given by
p1(R, V,W ′)dRdV dW ′.

5
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Figure 10. Left, center: constraints on half-light radii and masses enclosed therein, for two independent stellar subcomponents in the Fornax and Sculptor dSphs.
Plotted points come directly from our final MCMC chains, and color indicates relative likelihood (normalized by the maximum-likelihood value). Overplotted are
straight lines indicating the central (and therefore maximum) slopes of cored (limr→0 d log M/d log r] = 3) and cusped (limr→0 d log M/d log r] = 2) dark matter
halos. Right: posterior PDFs for the slope Γ obtained for Fornax and Sculptor. The vertical dotted line marks the maximum (i.e., central) value of an NFW profile (i.e.,
cusp with γDM = 1, limr→0[d log M/d log r] = 2). These measurements rule out NFW and/or steeper cusps (γDM ! 1) with significance s " 96% (Fornax) and
s " 99% (Sculptor).
(A color version of this figure is available in the online journal.)

for Sculptor’s inner subcomponent) is several times larger than
the median velocity error in the MMFS data set.

Second, by setting the lower limit of the integra-
tion in Equation (20) at the value of the central slope
limr→0[d log M/d log r] = 2, we extend maximum generos-
ity to models with γDM ! 1, which have instantaneous slopes
d log M/d log r < 2 at all nonzero radii (Section 4.2 and
Figure 4). At the radii ("300 pc) where we evaluate Γ for Fornax
and Sculptor, the highest-resolution Aquarius simulations pre-
dict that dSph-like CDM halos have d log ρ/d log r ∼1.3, or
equivalently, d log M/d log r ∼1.7 (see Figure 23 of Springel
et al. 2008). Our measurements rule out these slopes with sig-
nificance !99.54% (Fornax) and !99.97% (Sculptor).

Third, we have assumed that the stellar subcomponents con-
tribute negligibly to the gravitational potential. This assumption
generally holds for dSphs, but least so for Fornax, where the dy-
namical mass-to-light ratio is M/LV ∼10 in solar units (Mateo
1998). If we attempt to remove the stellar contribution to the en-
closed mass at each radius using the best-fit Plummer profiles to
both stellar subcomponents, we find that for any plausible stellar
mass-to-light ratio 0.5 # M/LV /[M/LV ]⊙ # 5, our estimates
of Γ increase by a few percent (because the stars contribute a
larger fraction of mass to the inner than to the outer point), again
exacerbating the discrepancy with halo models having γDM ! 1.
In summary, all systematic errors that we have identified behave
such that the significance levels we report are conservative.

Finally, we note that for dark matter density profiles of the
form given by Equation (16), values of d log M/d log r > 3
are unphysical, as they imply γDM < 0 (Inequality (19)).
We note that our method does not rule out such unphysical
values, which is unsurprising since we have not imposed any
physicality constraints. However, it is reassuring that the bulk of
our posterior PDFs correspond to physically plausible scenarios
with Γ < 3.

6. DISCUSSION

Let us review the assumptions that enter into our measure-
ment of Γ. In formulating our method we assume that a dSph

consists of either one or two spherically symmetric, equilib-
rium stellar subcomponents that independently trace the same
spherical dark matter potential. In order to quantify probabil-
ity distributions for observed quantities, we further assume that
both stellar subcomponents have Plummer surface brightness
profiles, Gaussian Mg index distributions, and Gaussian line-
of-sight velocity distributions with constant dispersions that re-
ceive negligible contributions from “non-thermal” phenomena
such as rotational support and/or binary-orbital motions. The
tests described in Section 4 indicate that for a range of models
that explicitly violate our assumptions about Plummer surface
brightness and constant velocity dispersion profiles, our method
tends to underestimate Γ, implying that the stated NFW exclu-
sion limits are conservative. Here we discuss the potential for
sensitivity to several assumptions inherent in our method that
are not violated in the tests of Section 4 but might be violated
by real dSphs.

6.1. Spherical Symmetry

Fornax and Sculptor both have projected minor-to-major
axis ratios of ∼0.7 (Irwin & Hatzidimitriou 1995) and are
among the roundest of the Milky Way’s dSph satellites. In
order to investigate the degree to which the observed flattening
of Fornax and Sculptor might affect our measurements of Γ,
we repeated our analysis using elliptical instead of circular
radii, where a star’s “elliptical radius” is the semimajor axis
of the ellipse (with center listed in Table 1, position angle and
ellipticity listed in Table 2 of Irwin & Hatzidimitriou 1995)
that passes through the position of the star. Use of elliptical
instead of circular radii gives constraints of Γ = 2.72+0.50

−0.43 for
Fornax (exclusion significance s(γDM ! 1) ! 96.1%) and Γ =
2.40+0.32

−0.26 for Sculptor (exclusion significance s(γDM ! 1) !
93.9%). Thus the NFW exclusion level for Fornax is relatively
robust while the exclusion level for Sculptor shows mild
sensitivity to whether or not we adjust for Sculptor’s elliptical
morphology.
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Observations in the Universe: not just Dark 
Matter, but Stars and Gas

Corbelli et al. (2003) observe the rotation curve of M33 (local Group, small spiral).  
They observe the circular velocity as a function of radius, as well as the radial 
mass distribution of stars and gas directly, and infer “missing mass” is dark matter.  
Technique pioneered by V. Rubin (1970’s papers). 

Need to consider dissipative baryons that form stars and how they 
affect dark matter.  

Gas

Stars

Dark Matter



Adiabatic Contraction: The Cooling of Baryons 
Slowly Reshaping a DM Profile

Blumenthal et al. (1986) considered the 
dissipational effects of baryons causing a 
contraction of the core.  The core contracts slowly 
as the timescale for infall is longer than the 
dynamical timescale- a “squeezable” core results 
that they argued was reversible.
The result was the formation of a flatter rotation 
curve as a function of distance, and a more cuspy
density profile in excess of the a DM-only 
simulation.  Adiabatic contraction goes in the 
opposite direction of making DM profiles core-like, 
and exaggerates the core-cusp problem.  
Semi-analytic models (SAMs) that track halo growth 
in DM-only simulations use the adiabatic 
contraction formula from Blumenthal et al. (1986), 
however we will see that this is not the right picture 
when we consider the effect of outflows, which 
rapidly change the profile.  

Blumenthal et al. (1986)- the effect of 
dissipational baryons steepening the 
rotation curve of a galaxy.  Forming a 
peak and then a decline.   
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The Back-reaction of Baryons on DM Halo Profiles: 
Radiative Cooling

DM-only simulations give “cuspy” profiles at 
the center as the halo profile approaches ρ~r-1. 
However, the baryonic effect is great in the 
center, owing to radiative cooling allowing gas 
to lose its thermal energy and settle in the 
center.  What results is a greater concentration 
of baryons, where baryonic actually exceed 
the dark matter mass in the inner few 
kiloparsecs of a L* galaxy (i.e. MH~ 1012 Msol).  
A halo profile results that is even more 
concentrated in the center than a NFW profile, 
and in fact very nearly the radial slope of an 
isothermal sphere, ρ~r-2 (Koopman+ 2006).  
In baryonic simulations without strong 
feedback, the DM is shaped into a very cuspy, 
isothermal-like inner profile.  

Baryonic back-reaction 7

To compare with the observations, we have taken
the group and cluster samples of Lin et al. (2004)
and Giodini et al. (2009). Note that the best fitting power
law results we take from these works do not contain the con-
tribution from the diffuse intracluster light, and can hence
be viewed as lower limits. This additional contribution likely
ranges between 11 and 22 per cent (e.g. Zibetti et al. 2005;
Krick & Bernstein 2007). Following Balogh et al. (2008), we
convert the observed stellar luminosities from Lin et al.
(2004) to masses, assuming the best-fit stellar mass-to-light
ratio, M/LK = 0.9. Our simulations adopted a Chabrier
(2003) IMF, whereas Balogh et al. (2008) used the Kroupa
(2001) IMF; we expect this difference to be unimportant,
however, as they are very similar over the relevant range of
stellar masses. For Giodini et al. (2009) we have adopted
the best fitting stellar fraction for the X-ray COSMOS
groups/poor clusters only. Also, we reduced the stellar mass
fraction by 30 per cent (Longhetti & Saracco 2009) to ac-
count for their use of a Salpeter (1955) IMF. Additionally, we
include a result on Galaxy scales at z = from Conroy et al.
(2007) who determined stellar masses from the spectro-
scopic SDSS value-added catalogue (Blanton et al. 2005),
along with halo mass estimates utilising the measured ve-
locity dispersions of the satellites (we have scaled their halo
mass, from M200 to M500, assuming an NFW profile with
concentration given by Duffy et al. 2008). We further as-
sume that the stars are significantly more concentrated than
the DM and that modifying the mass cut from R200 to
R500 will have a negligible effect on the stellar mass. We
note that the result of Conroy et al. (2007) is in agreement
with Mandelbaum et al. (2006) who made use of weak lens-
ing to determine halo masses.

The trend seen in our simulations, is a stellar frac-
tion that decreases gently as M500 increases from 1013 to
1014 M⊙. This is in accord with the semi-analytic model re-
sults in Balogh et al. (2008). Simulations with weak or no
feedback contain stellar masses that are 2-3 times higher
than observed, PrimC WFB is an exception. This differ-
ence is expected as the dominant cooling channel at the
virial temperatures of haloes with mass ≈ 1013 M⊙ is be-
lieved to be from metal-line emission and hence ‘ZC’ will
have enhanced cooling rates over ‘PrimC’. The simulations
with stronger feedback, ZC SFB and ZC WFB AGN, are in
better agreement with the observations.

We can see that simulations which have relatively ef-
ficient supernova feedback in the dense regions of haloes,
or include an additional heating source in the form of an
AGN, predict more realistic stellar fractions in present day
Groups and Clusters with M500 ! 1013 M⊙. If we include
the full mass range at low redshift, we can conclude that
AGN feedback is necessary to prevent stellar mass building
up in Galaxies, Groups and Clusters. This is in good agree-
ment with McCarthy et al. (2009), who found that model
ZC WFB AGN predicts group K-band luminosities and gas
fractions that are in excellent agreement with observations.
However, in the following section we will see that at high red-
shift the baryon-dominated inner halo of the schemes with
weak or no feedback is required to match strong lensing re-
sults, leading to an intriguing conflict which we will discuss
further in Section 8.

Figure 3. Inner slope of the total mass density profile versus cen-
tral baryon fraction. Only our results for Galaxy haloes at z = 2
are shown, to compare with the observational constraint on lens-
ing galaxies (Koopmans et al. 2006; the vertical size of the, lower,
maroon box indicates the intrinsic 1σ Gaussian spread across all
redshifts while the horizontal size of the box is the 68 per cent
confidence interval of the quoted stellar fractions, estimated by
bootstrapping. Note that for the sample of early type galaxies
the stellar fraction is essentially the baryon fraction). The differ-
ent symbol sizes denote different mass ranges. Symbol type and
colour are used to distinguish different simulations. The black,
hatched region indicates the quartile spread of the DMONLY sim-
ulation. As is clear from this figure, only simulations with high
central baryon fractions reproduce the observed steep inner den-
sity profiles of high redshift Galaxies. This is in contrast with the
preferred simulation schemes at higher masses and lower redshift
(Fig. 2).

4.2 Observed inner profile slopes

Gravitational lensing of light by an intervening galaxy en-
ables us to probe the inner mass profile of the lens galaxy’s
halo. The slope of the inner mass profile for a sample of lens
galaxies at z < 1 was presented by Koopmans et al. (2006).
Surprisingly, the inner slope is strongly constrained to be
close to isothermal (β ≡

d ln ρ
d ln r ≈ −2) with no evidence for

evolution. The region where the slope is measured (the Ein-
stein radius is typically around 3h−1kpc) is comparable to
the scales accessible in our highest-resolution simulations at
z = 2, allowing us to compare the two results.

Fig. 3 shows the inner slope of the total mass density
profile versus central baryon fraction for our Galaxy haloes
at z = 2. When feedback is weak or absent, the inner slope
is close to the isothermal value (β = −2); when feedback
is strong, the slope is flatter and close to the DMONLY
values (β ∼ −1.4; shown as the black, hatched region, Sec-
tion 5.3). Comparing these results with the observations of
Koopmans et al. (2006), shown as the lower maroon box in
the figure, only the simulations with weak or no feedback
produce similar values to the observations. The isothermal
profile at z = 2 is also seen in Romano-Dı́az et al. (2008),
who found that for their simulations the influx of subhaloes
at late times, z " 1, acted to flatten the profile.

This conclusion is apparently at odds with what can be
drawn from the observed stellar fractions. On the one hand,
strong feedback is required to keep cooling under control,
such that the observed stellar mass fractions in groups and
clusters at low redshift are reproduced. On the other hand,

c⃝ 2008 RAS, MNRAS 000, 1–19

Duffy et al. (2010)- observations from 
Koopman et al. (2006) in hashed 
brown region, colors are simulations, 
and hashed black region is DM-only 
profile (self-similar).  Inner halo 
profile measured from r=0.025-0.05 
Rvir.  



The Back-reaction of Baryons on DM Halo Profiles: 

Superwind Feedback

The effect of feedback is the opposite of radiative

cooling.  Baryons are kicked out of the central 

regions in galactic superwinds driven by star-

formation or active galactic nuclei (AGN), which 

operate in the centers of galaxies and can 

significantly reduce the slope of the inner profile as 

well as the baryon fraction.  

Surprisingly, the AGN feedback prescription in 

Duffy+ (2010) counter-balances cooling and make a 

halo profile much more similar to the DM-only 

profile.  

Feedback makes inner profiles more “core”-like, i.e. 

flatter profiles.  Feedback is less effective in larger 

halos, because gravitational binding energy grows 

faster with halo mass than the feedback energy 

available to unbind the profile, which is 

proportional to the galaxy stellar mass and/or black 

hole mass. 

Duffy et al. (2010)- Galactic-scale 

halos on top at z=2, Cluster/group-

scale halos on bottom at z=0. 

Baryonic back-reaction 11

Figure 7. The median inner (0.025 ! r/Rvir ! 0.05) power
law slope of the DM density profile as a function of the median
baryon fraction within r = 0.05Rvir, for different simulations at
z = 2 (top) and z = 0 (bottom). The symbols (and colours) rep-
resent different simulations while the symbol size indicates the
mass range. The vertical error bars illustrate the quartile scatter.
The black hatched region represents the quartile spread of the
DMONLY simulation. Generically, higher central baryon concen-
trations yield steeper inner DM density profiles.

6.1 DM profile: NFW concentrations

A well established result from N-body simula-
tions (Bullock et al. 2001) is that the NFW concentration of
the DM halo is anti-correlated with its mass (for the latest
results see Neto et al. 2007; Duffy et al. 2008; Gao et al.
2008 and Macciò et al. 2008) and takes on a power-law
form

cvir = Avir(Mvir/2× 1012h−1 M⊙)Bvir , (6)

where Bvir is close to −0.1 when fit to data over nearly
five orders of magnitude in mass. However, it is not clear
how much this trend, which is primarily driven by the for-
mation time of the halo, is modified by the presence of
baryons. Observations of X-ray luminous groups and clus-
ters (Buote et al. 2007; Schmidt & Allen 2007) suggest a
steeper dependence of concentration on mass than the DM
only simulations predict, as was pointed out by Duffy et al.
(2008). This is primarily due to observed groups having ≈ 30
per cent higher concentrations than the simulated objects
(the concentrations of clusters were in good agreement with
the simulations if a subsample of dynamically-relaxed haloes

Figure 8. We plot the NFW DM halo concentrations from the
baryon simulations, normalised by the best fit concentration-mass
relation from DMONLY, as a function of halo virial mass at z = 2
(0) in the top (bottom) panel. Values greater than unity indi-
cate that the DM halo has contracted under the influence of the
baryons. The points represent the median concentration within
each mass bin. The vertical error bars are the 68 per cent con-
fidence intervals estimated by bootstrapping the haloes within
each mass bin. The horizontal error bars indicate the mass range
of each bin. Note that the gap in the mass coverage at z = 2 is
where the two simulation volumes meet. In the absence of strong
feedback and when metal-line cooling is included, baryons sub-
stantially increase the NFW DM concentrations of Galaxies, but
the effect on Groups and Clusters is much smaller. AGN and
strong supernova feedback actually reduce the concentrations of
Groups.

was used in the comparison). It is therefore important to
check whether the inclusion of baryons can bring theory and
observations into agreement.

We will present concentrations relative to the equiv-
alent values for the DMONLY model. Note that our sim-
ulations assume the WMAP3 cosmology, which has an 8
per cent lower value of σ8 than the WMAP5 value (0.74
versus 0.796) assumed by Duffy et al. (2008) and leads to
somewhat smaller concentrations at fixed mass4. As de-
scribed in Section 2.2 we fit density profiles over the range
0.05 ! r/Rvir ! 1 We first assess the goodness-of-fit of the

4 For reference, including all resolved haloes, our best-fit power
law relations for DMONLY are [Avir, Bvir] = [7.8 ± 0.6,−0.10 ±

0.03] at z = 0, and [Avir, Bvir] = [3.7± 0.2, 0.01± 0.03] at z = 2.

c⃝ 2008 RAS, MNRAS 000, 1–19



The Effect on Feedback of Changing Star 
Formation Density Threshold

Using zoom simulations, Governato+ (2010) set a higher star-formation density 
threshold.  This allows the creation of higher density peaks where feedback can 
be imparted to lower density where the thermal energy cannot is not radiated 
away.  

Resolving the substructure of the ISM is critical for creating more efficient 
feedback.    

Governato+ (2010)- Simulations of gas density as a function of radius in 2 
simulations.  The red line shows the star-formation density criterion.  

Bulgeless dwarf galaxies and CDM 19

Figure 7. Properties of the gas distribution for different SF implementations. The local gas

density measured around each SPH particle is plotted as a function of its radial distance from

the galaxy center for runs DG1MR and DG1LT, which have identical force and mass resolution,

but differ in the star formation density threshold. Horizontal red lines mark the minimum gas

density for SF in each run. In both runs the SFR is ∝ ρgas
1.5. In the low threshold simulation,

diffuse star formation in the inner regions continues unabated by feedback, as SN energy is more

evenly distributed and is unable to originate major outflows. Allowing star formation only in

high density regions results in a complex, inhomogeneous ISM, even in the central regions and

fast outflows that remove gas preferentially from the galaxy center.



The Effect on Feedback of Changing Star 
Formation Density Threshold

With a higher star formation threshold, the distribution of dark matter and baryons 
turned from cusp-like to core-like.  

Governato+ (2010)- The rotational velocity curve is not peaked in the inner 
scale radius with the ISM resolved, but instead it is slowly rising (left), and the 
matter density distribution as a function of radius show an inner core, while a 
gas simulation with ineffective resolution makes an even more cusp-like core 
than a dark matter only simulation (right).

Bulgeless dwarf galaxies and CDM 17

Figure 5. The rotation curve and DM radial distribution of the models described in §3 and

§5, to show the effects of resolution and different SF recipes on the central mass distribution of

simulated dwarf galaxies. The left panel shows the rotation curve, derived using the 3D potential

of each galaxy and measured at z=0, for DG1 (blue crosses), DG1MR (red diamonds) and DG1LR,

(yellow stars), plotted versus the disc scale length (1kpc for DG1, 0.5kpc for DG2). The three

runs use the same gas density threshold for SF (100 atoms/cm3), but MR and LR runs use only

40% and 12.5% of the particles of the reference run (with particle masses rescaled to the same

total mass), and a softening respectively 1.33 and 4 times larger. Results have converged at the

DG1MR resolution, while the LR run shows an excess of central material that is due to poor

resolution causing artificial angular momentum loss53. The squares show DG1LT, where star

formation is allowed in regions with a much lower local density (0.1 atoms/cm3), again resulting

in a much higher central mass density, due to the lack of outflows. This result demonstrates

that the correct modeling of where SF is allowed to happen (namely only in gas with density

comparable to that of real star forming regions) is crucial to obtain the results described in this

Letter. The rotation curve of galaxy DG2 (black triangles) shows the same shape as that of the

DG1 run. Panel B uses a similar colour scheme and plots the DM density profile for the same

runs. DG1 (blue solid), DG1MR (red dashed) show similar profiles, with a DM core of about 1kpc.

Color coded vertical lines mark the force resolution for each run. The DM only run DG1DM (dot

dashed), shows instead a cuspy profile down to the force resolution (red dashed vertical line as

for DG1MR). The central density is about 10 times higher than in the runs with strong outflows.

DG2 has a similar profile to DG1, while the lower resolution run or the run with diffuse SF have

dense and cuspy DM profiles down to the force softening length.



Feedback gradually flattens DM profiles in 
low-mass centrals

In simulations of dwarf galaxies 
with supernova thermal 
feedback, the inner profile 
evolves to become more core-
like from z=3->0, while the DM-
only profile maintains an NFW 
profile throughout.  

The key is gas is continually 
removed from the inner profile 
by winds, and the profile flattens 
over a Hubble time.  

Governato+ (2012)

6 F. Governato et al.

Figure 3. The dark matter density profile of a dwarf galaxy
in our sample, at z = 4, 3, 1, 0. The prolonged process of cusp
flattening due to many separate outflows results in a shallow inner
profile at z = 0. For comparison, the density profile of the same
galaxy, but simulated with DM only, is shown in the black dash-
dot line. In the DM only simulation the DM maintains its cuspy
density profile at all redshifts.

tion as in our runs. The DM profiles become progressively
flatter up to the most massive systems probed by our sim-
ulations, having peak velocities of about 100 km s−1. This
result supports the model where SN originated outflows are
able to transfer significant amounts of energy to the DM at
the center of each galaxy, lowering the DM central density
(Pontzen & Governato 2012). At z=0 our simulations pre-
dict that the central slope of the DM density profile (again,
measured between 0.3 and 0.7 kpc) as a function of stellar
mass is well fitted over a mass range 4 < logMstar < 9.4
by:

ρDM ∝ rα with α ≃ −0.5 + 0.35 log10
!

M⋆/10
8 M⊙

"

(1)

The α trend in the DM-only halos in Fig. 1 and 2, with
less negative (flatter) values for increasing stellar and halo
masses is partly driven by the constant radius used to com-
pare with observations over a large range in galaxy masses,
as in DM Einasto-like density profiles α gets steeper in their
outer parts (i.e for larger R/Rvir values), with α rolling from
∼ -1 close to the centre to -3 at Rvir. For larger halos 500pc
represents a smaller fraction of the virial radius, hence the
DM profile is flatter (less negative α values) than for smaller
halos, where at 500 pc we are instead starting to measure the
outer part of the DM profile. This effect is present also in the
runs with SF induced outflows, but with a significant shift to
flatter profiles and less negative α values over a large range
in stellar masses. As a result central DM profiles in runs with
outflows become rapidly flatter at halo masses larger than
109 M⊙ (circles in Fig.2, see also Fig.3). The DM-only runs
in our sample follow closely the results from a set of high
resolution halos presented by Macciò et al. (2007). Scatter
at a similar mass is small and there is no trend with reso-

lution (small vs large crosses). However, in the lowest mass
dwarfs in our sample, when star formation converts less than
≃ one M⊙of baryons per 5× 104 M⊙of DM (corresponding
to Mvir < 5 × 109, or also Vpeak < 20 km s−1) outflows
are too weak to remove sufficient amount gas and cause DM
heating through energy transfer. These halos maintain their
original cuspy DM profile. Note that halos formed in simu-
lations that include outflows accrete slightly less mass over
a Hubble time compared to DM-only runs (Fig.2).

In Pontzen & Governato (2012) we presented an ana-
lytical model of the cusp flattening process. In the galaxies
in our sample this process commonly starts at high redshift
(z ∼ 4) and continues down to z ∼ 1, when the SFR declines.
Fig. 3 shows the DM (spherically averaged) density profile
as a function of radius and redshift for a dwarf with final
total mass ∼ 1010 M⊙, showing a rapid flattening at high
z. Around z=3, as the SFR peaks, the galaxy is undergo-
ing several starbursts associated with a rapid accretion and
mergers. The DM density profile flattens and reaches a rel-
atively stable profile by z=1, when the SFR declines. The
last small starbursts have a relatively small effect. By z=0
the DM profile shows a flattened profile within the central 1
kpc and its central density is almost an order of magnitude
lower than in the DM only case.

An interesting result of this work is that massive
blowouts, that could potentially disrupt the formation of
gaseous and stellar disks observed in field dwarfs are not

required for the formation of cores. Each outflow typi-
cally removes gas only from a small area (typically <
1kpc) around the galaxy center and disks remain fairly
thin (Sánchez-Janssen et al. 2010). This model is similar to
that proposed in Read & Gilmore (2005) where the need
for repeated outflows was stressed, and Mashchenko et al.
(2008), where ongoing SF was associated with cusp-
flattening. In fact, some studies were not able to create
cores using single, massive blowouts (Gnedin & Zhao 2002;
Boylan-Kolchin et al. 2011a). Our results suggest that those
models fail as the amount of baryons removed from the cen-
tral kpc is small over a single outflow event, irrespective of
the fact that the whole galaxy gas reservoir can be blown
away. Consequently, the energy transfer to the central DM
over a single outflow event is small compared to the binding
energy of the DM cusp and multiple events become neces-
sary.

In the scenario proposed in this work, only very small
galaxies (Vpeak < 20), where SF is extremely inefficient, re-
tain the cuspy CDM profile that was originally predicted by
DM–only simulations. In very small objects star formation
rates are too low to generate sufficient energy to modify the
CDM cusp. This sets an interesting scale (Willman et al.
2005; Tollerud et al. 2008) where primordial cuspy profiles
would still be observable. These observations would be able
to discriminate between CDM and alternative DM models,
where cores are generated by primordial effects and would
then be present even in the lowest stellar mass objects.

The comparison with the THINGS and LITTLE
THINGS dataset shown in Fig.1 (more details in Oh et al, in
prep) shows an extremely good agreement between the sim-
ulations and the real galaxies. The observational data set
includes 22 galaxies. The simulations reproduce both the
absolute values of α and the trend with stellar mass.

Using the following formula (de Blok et al. 2001), we

c⃝ 2002 RAS, MNRAS 000, 1–12



Feedback gradually flattens DM profiles in 
low-mass centrals

Removal of baryons from a DM halo is a fast process that does not follow the slow 
nature of adiabatic contraction.  Circular orbits of DM in the center widen as baryons 
are removed by feedback, and do not re-contract when baryons re-accrete in the 
center.  

A cusp-like NFW profile ρ~r-1 becomes a core-like profile, ρ~r0.  

Pontzen & Governato (2014)



Cusped versus Cored Profiles in Dwarf Galaxies

Dwarf galaxies in the Milky Way halo 
and local dwarf irregulars can be 
used to measure the radial profile in 
the inner 500 pc.  

More massive dwarfs, M*>107 Msol

have core-like profiles, but 
simulations suggest steeper profiles 
for M*<107 Msol because star 
formation is so inefficient, that the 
feedback mechanism cannot remove 
baryons. Hence these galaxies are 
predicted to have cusp-like, NFW 
profiles.  Observing these profiles is 
very hard to do, owing to the lack of 
tracers (stars) in them.  

Governato+ (2012)- Inner slope of dark matter 
within 500 pcs inferred from dwarf galaxies (blue) 
and measured in simulations (red).

particles91. In this case the cusps were destroyed in an energeti-
cally consistent manner without requiring any unrealistically dra-
matic outflows. By 2008 advances in numerical resolution and
understanding of how gas cools before forming stars allowed for
realistic treatments of the relevant hydrodynamics (Box B). Simu-
lations at high redshift92 showed that dark matter could indeed be
expelled self-consistently from the central regions of small proto-
galactic objects. This work provided the first proof-of-concept in
a cosmological setting, but did not make predictions of observable
objects (dwarfs, for being faint, are only observable in the nearby,
redshift-zero Universe).

As it became possible to resolve star forming regions93 through-
out the assembly of a dwarf galaxy from the young universe to the
present day, for the first time simulations formed galaxies with stel-
lar, gas and dark matter distributions consistent with observational
bounds45, 94, 95. Multiple short, locally concentrated bursts of star
formation were the key new phenomenon enabling modification of
the DM distribution: by temporarily evacuating gas from the cen-
tral kiloparsec of the galaxy these cause dark matter to migrate ir-
reversibly outwards80; see Box A. The actual process in play thus
combines characteristics of the multiple-epoch outflow picture89

and the internal-motions picture91. It does not require fine-tuning
of the gas velocity or dramatic evacuation of the gas from anything
but the innermost region. The key requirement is that the gas exit
the centre of the galaxy faster than the local circular velocity.

Analytic modelling of multiple, impulsive changes to the gravita-
tional potential gives considerable insight into how these changes
arise and why they are irreversible80. This allows for an accumula-
tion of effects as the process repeats in several gas outflow events.
In a single event the total gas mass in the galaxy limits the effect
of outflows87 but when the same gas is recycled and used in multi-
ple events the only practical limitation is the total energy liberated
from stellar populations and black holes (see below). The model of
core creation through repeated outflows draws strong support from
both analytic arguments80, and simulations using different numer-
ical techniques81. Observationally, dwarf galaxies, where the evi-
dence for cores is strongest, are observed to be gas rich and show
evidence for repeated small bursts and prolonged star formation
histories96. This supports a picture where the effect on the dark
matter builds up over several Gyrs80, 89, during which gas is being
cycled in repeating outflow and cooling episodes.

Scaling with mass and the significance of satellite galaxies A
key part of confirming which mechanisms are responsible for flat-
tened dark matter profiles is to predict and understand in detail
how the processes affect systems of differing mass. Building on
the impulsive picture80, full numerical simulations94 and analytic
arguments97 have all pointed to a transition between core creation
and persistent cusps below a critical stellar mass. This dividing line
likely lies between 106 and 107 M� (assuming most of the energy
available from supernovae is transferred to the dark matter). For
less massive stellar systems, the direct effects of stellar feedback
on the dark matter should be minor on energetic grounds alone97,
as SF becomes less efficient; see Figure 3. The energetic argument
shows that the possible cores from supernova feedback would be
indetectably small for stellar masses significantly below 106 M�.
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Figure 3: The log slope of the dark matter density (at radius
500 pc) plotted against mass of stars formed (updated from Gover-
nato et al94). The expected slopes from pure dark matter calcula-
tions are approximated by the solid line, while hydrodynamic sim-
ulations have shallower slopes indicated by the crosses. When less
than ⇠ 106.5 M� of gas has formed into stars, there is insufficient
energy available to flatten the cusp97. The boxes show data from
the THINGS survey51 of field dwarf galaxies. Additional observa-
tional data at stellar masses lower than 106 M� would be highly
valuable.

For stellar masses exceeding 107 M�, it is clear that energy
from SF processes is available to alter the central regions of the
dark matter halo through sufficiently rapid galactic fountains or
outflows94, but few simulations of luminous galaxies reach the res-
olution necessary to study the formation of cores. The Eris simu-
lation (a high resolution simulation of a Milky-Way analogue) has
recently been reported98 to have a dark matter core on scales of
around 1 kpc. On the other hand it has been reported that cores
shrink with respect to the halo scale radius99 for masses exceeding
1011 M� (the Milky Way mass is ⇠ 1012 M�). These statements
may be reconcilable; further higher resolution work is required for
progress in our understanding. As masses continue to increase to
the cluster scale (see Section 3), further processes become inter-
esting. For instance numerical work has shown that accretion onto
the central black hole, if proceeding in repeated, highly energetic
bursts, replicates the effect of supernovae on dwarf galaxies100.

The alternative: modified dark matter Many possible processes
which can change the dark matter distribution in the centre of
galaxies assume that the dark matter particle is cold and colli-
sionless (i.e. interacts only through gravity) – a ‘minimal’ sce-
nario. However the observational controversies detailed in Section
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Cusped versus Cored Profiles in Dwarf Galaxies

Slopes of dark matter within 500 pc 
now shown as a function of halo 
mass.

The cutoff for cored profiles at 
M*<107 Msol translates to a MDM<1010

Msol.  No observations are shown, 
but DM-only simulations show the 
relation expected fro NFW profiles 
(they are self-similar, but the 
divergence is because 500 pcs is 
larger fraction of the scale radius for 
a smaller halo).  

The hydro simulations show that 
around MDM ~ 1010 Msol baryons can 
shape a dark matter halo.  Governato+ (2012)- Inner slope of dark matter 

with and without hydro.  
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tors. Bursty phases typically last 10-100 Myrs with SFR
variations on shorter timescales and SF enhanced by a fac-
tor of ∼ 4-20, similar to what measured in Local Group
dwarfs (McQuinn et al. 2010). As discussed in Pontzen &
Governato (2011) a bursty SF is necessary to create the fast
outflows able to transfer energy to the DM component. Out-
flows also decrease the SF efficiency in halos with total mass
smaller than a few 1010 M⊙. In our set of simulations out-
flows are predominant at high-z2 when SF peaks and galaxy
interactions are common. These outflows affect the halos
that will subsequently merge to form the central regions of
the final, present day galaxies.

In the mass range explored by our simulation (up to
halos with Mvir = 3 × 1011) the ratio of stellar mass/halo
mass (the SF efficiency) is a strong function of halo mass,
roughly scaling as Mstars ∝ Mvir

2. In this halo range SF
becomes substantially less efficient in smaller galaxies. In
halos with total mass smaller than 109 M⊙ (also equivalent
to a virial temperature Tvir < 104K) SN feedback and the
cosmic UV background strongly suppress SF. Furthermore,
in halos this small, stars only form when H2 cooling is intro-
duced, as gas can cool below Tvir. As a result, in the smallest
halos only a very small fraction of baryons is then turned
into stars. The more massive galaxies in our sample turn
only ∼ 10% of their primordial baryon content into stars,
after having expelled about 30% of their gas outside Rvir.
Typical dwarfs in our sample turn a few per cent of their
primordial gas fraction into stars, and the smallest galaxies
∼ 0.01%. In OH11 (see their Fig.5) we verified that galaxies
with Vpeak < 60 km s−1 form the correct amount of stars
when compared with a local sample with resolved photomet-
ric and kinematic data. In a future paper we will show how
our sample closely matches the stellar mass/halo mass rela-
tion inferred using halo occupation methods (Moster et al.
2010, Munshi et al. in prep.). As a reference and a resolution
test of the simulations, most of the above runs have been re-
peated including only the collisionless CDM component.

The DM and baryonic mass distribution of the simu-
lated galaxies will be compared with those measured from
extensive HI data from a sample of nearby dwarf galaxies
from THINGS (Walter et al. 2008) and LITTLE THINGS
(Hunter et al. in prep) surveys which focused on field galax-
ies. The high-resolution HI data (∼6′′ angular; ! 5.2 km s−1

velocity resolution) combined with Spitzer IRAC 3.6µm and
ancillary optical images significantly reduce various observa-
tional systematic effects inherent in lower-resolution data,
such as beam smearing, dynamical center offset and non-
circular motions, and thus enable us to derive more reli-
able mass models of the galaxies. For a comparison with
our simulations, we select a sample of 22 dwarf galaxies (7
from THINGS and 15 from LITTLE THINGS) that show
a clear rotation pattern in their velocity fields. These high-
quality multi-wavelength data allow us to measure the en-
closed amount of mass and the inner slope of the DM density
profile at 500 pc of the galaxies with good accuracy.

2 http://youtu.be/FbcgEovabDI?hd=1

Figure 2. The slope of the dark matter density profile α mea-
sured at 500 pc vs virial mass and at z=0 for the same galaxies
shown in Figure 1. Crosses mark haloes from the DM+gas sim-
ulations. Open circles are from the haloes that have been re–run
in DM–only simulations. Size of symbols is the same as in Figure
1. The solid line is the average slope predicted in Macció et al.
(2007) for haloes in the same ΛCDM cosmology.

3 THE EVOLUTION OF DM CORES AS A

FUNCTION OF HALO MASS AND

REDSHIFT

With the goal of measuring when and how much gas outflows
affect the underlying DM profiles in ΛCDM galaxies, in this
section we focus on how the central DM density profiles dif-
fers from the simple predictions of DM-only runs once cool-
ing, SF processes and gas outflows are introduced. To do this
we measure the slope α of the DM density profile at 500pc
for all the well resolved galaxies formed in our hydrodynam-
ical simulations, and then compare them with observational
data as well as predictions from DM–only simulations.

The α value of the central DM density profile is ob-
tained by spherically averaging the density and fitting the
density profile with ρDM ∝ rα between 300pc and 700pc. α
is then formally defined at 500pc. In this section we exclu-
sively study field galaxies to avoid the effects that satellite –
main halo interactions might have on the density profiles
(Mayer et al. 2001; Stoehr et al. 2002; Kazantzidis et al.
2004).

Fig. 1 and Fig. 2 show the value of α as a function of
galaxy stellar mass and virial mass. The zoomed-in runs ap-
proach allows us cover a large range of galaxy stellar masses,
almost 6 orders of magnitude. Both figures clearly show a
trend with increasing galaxy stellar (or total) mass showing
a central DM profile significantly flatter than the one pre-
dicted by CDM simulations that only included a DM com-
ponent (solid line, showing results from Macciò et al. 2007).
In Fig.1 the DM-only predictions are mapped onto the x
axis by assuming the same stellar mass - halo mass rela-

c⃝ 2002 RAS, MNRAS 000, 1–12



Cusped versus Cored Profiles in Dwarf Galaxies

Slopes of dark matter within 500 pc 
now shown as a function of halo 
mass.

The cutoff for cored profiles at 
M*<107 Msol translates to a MDM<1010

Msol.  No observations are shown, 
but DM-only simulations show the 
relation expected fro NFW profiles 
(they are self-similar, but the 
divergence is because 500 pcs is 
larger fraction of the scale radius for 
a smaller halo).  

The hydro simulations show that 
around MDM ~ 1010 Msol baryons can 
shape a dark matter halo.  Governato+ (2012)- Inner slope of dark matter 

with and without hydro.  

Galaxy Cores in ΛCDM 5
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variations on shorter timescales and SF enhanced by a fac-
tor of ∼ 4-20, similar to what measured in Local Group
dwarfs (McQuinn et al. 2010). As discussed in Pontzen &
Governato (2011) a bursty SF is necessary to create the fast
outflows able to transfer energy to the DM component. Out-
flows also decrease the SF efficiency in halos with total mass
smaller than a few 1010 M⊙. In our set of simulations out-
flows are predominant at high-z2 when SF peaks and galaxy
interactions are common. These outflows affect the halos
that will subsequently merge to form the central regions of
the final, present day galaxies.

In the mass range explored by our simulation (up to
halos with Mvir = 3 × 1011) the ratio of stellar mass/halo
mass (the SF efficiency) is a strong function of halo mass,
roughly scaling as Mstars ∝ Mvir

2. In this halo range SF
becomes substantially less efficient in smaller galaxies. In
halos with total mass smaller than 109 M⊙ (also equivalent
to a virial temperature Tvir < 104K) SN feedback and the
cosmic UV background strongly suppress SF. Furthermore,
in halos this small, stars only form when H2 cooling is intro-
duced, as gas can cool below Tvir. As a result, in the smallest
halos only a very small fraction of baryons is then turned
into stars. The more massive galaxies in our sample turn
only ∼ 10% of their primordial baryon content into stars,
after having expelled about 30% of their gas outside Rvir.
Typical dwarfs in our sample turn a few per cent of their
primordial gas fraction into stars, and the smallest galaxies
∼ 0.01%. In OH11 (see their Fig.5) we verified that galaxies
with Vpeak < 60 km s−1 form the correct amount of stars
when compared with a local sample with resolved photomet-
ric and kinematic data. In a future paper we will show how
our sample closely matches the stellar mass/halo mass rela-
tion inferred using halo occupation methods (Moster et al.
2010, Munshi et al. in prep.). As a reference and a resolution
test of the simulations, most of the above runs have been re-
peated including only the collisionless CDM component.

The DM and baryonic mass distribution of the simu-
lated galaxies will be compared with those measured from
extensive HI data from a sample of nearby dwarf galaxies
from THINGS (Walter et al. 2008) and LITTLE THINGS
(Hunter et al. in prep) surveys which focused on field galax-
ies. The high-resolution HI data (∼6′′ angular; ! 5.2 km s−1

velocity resolution) combined with Spitzer IRAC 3.6µm and
ancillary optical images significantly reduce various observa-
tional systematic effects inherent in lower-resolution data,
such as beam smearing, dynamical center offset and non-
circular motions, and thus enable us to derive more reli-
able mass models of the galaxies. For a comparison with
our simulations, we select a sample of 22 dwarf galaxies (7
from THINGS and 15 from LITTLE THINGS) that show
a clear rotation pattern in their velocity fields. These high-
quality multi-wavelength data allow us to measure the en-
closed amount of mass and the inner slope of the DM density
profile at 500 pc of the galaxies with good accuracy.
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shown in Figure 1. Crosses mark haloes from the DM+gas sim-
ulations. Open circles are from the haloes that have been re–run
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1. The solid line is the average slope predicted in Macció et al.
(2007) for haloes in the same ΛCDM cosmology.
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With the goal of measuring when and how much gas outflows
affect the underlying DM profiles in ΛCDM galaxies, in this
section we focus on how the central DM density profiles dif-
fers from the simple predictions of DM-only runs once cool-
ing, SF processes and gas outflows are introduced. To do this
we measure the slope α of the DM density profile at 500pc
for all the well resolved galaxies formed in our hydrodynam-
ical simulations, and then compare them with observational
data as well as predictions from DM–only simulations.

The α value of the central DM density profile is ob-
tained by spherically averaging the density and fitting the
density profile with ρDM ∝ rα between 300pc and 700pc. α
is then formally defined at 500pc. In this section we exclu-
sively study field galaxies to avoid the effects that satellite –
main halo interactions might have on the density profiles
(Mayer et al. 2001; Stoehr et al. 2002; Kazantzidis et al.
2004).

Fig. 1 and Fig. 2 show the value of α as a function of
galaxy stellar mass and virial mass. The zoomed-in runs ap-
proach allows us cover a large range of galaxy stellar masses,
almost 6 orders of magnitude. Both figures clearly show a
trend with increasing galaxy stellar (or total) mass showing
a central DM profile significantly flatter than the one pre-
dicted by CDM simulations that only included a DM com-
ponent (solid line, showing results from Macciò et al. 2007).
In Fig.1 the DM-only predictions are mapped onto the x
axis by assuming the same stellar mass - halo mass rela-
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Cored Profiles in Brightest Cluster Galaxies

Clusters, where MDM>1014 Msol are 

valuable laboratories for 

understanding dark matter profiles, 

because stars and hot diffuse gas 

(the intracluster medium) can be 

traced by observations.  The profiles 

are consistent with an NFW profile 

of low concentration as expected in 

a cluster.  

However, the inner profile traced by 

the brightest cluster galaxy is 

observed to be core-like on scales of 

~10 kpc.  Dynamical interactions, 

including merging galaxies with 

binary black holes have been 

invoked to flatten the inner mass 

profile.  
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Figure 2: The left panel is a compilation51 of observed innermost dark matter density profile slopes (↵ where ⇢DM(r) / r↵) for field dwarf
galaxies, plotted at the innermost point where a robust determination has been achieved. Where the slope ↵ can be measured interior to
around one kiloparsec, it is typically much shallower (↵ > �1) than the simulated “NFW” result. The right panel77 shows the probability
distribution function on the parameter � = �↵ for a selection of galaxy clusters (M ⇠ 1015M�). While the constraints on individual
clusters are quite broad, the combined constraints (thick line) again indicate a shallower-than-NFW slope.

and LRIS30. One can either look for blue-shifted absorption in the
spectra of galaxies themselves31 or as ‘intervening’ features in the
spectra of background quasars29. A natural source for the energy
required to generate these outflows is supernovae32 and ionising
radiation33, 34 associated with stellar populations. In addition, en-
ergy released during accretion onto a massive central black hole
may have a role to play, although the available energy is thought to
scale steeply with the black hole’s mass, limiting these effects to
the brightest galaxies or their progenitors19, 20.

Recent results underline the ubiquity of outflows35 and show that
their speed likely scales with the star formation rate of the associ-
ated galaxy (see Figure 1). Galaxies are surrounded by enriched
gas moving at hundreds of kilometres per second36 in bubbles
extending to 100 kpc or more. This result is exceptionally hard
to explain without significant galactic winds. Mounting evidence
also suggests that much of the in-flowing material into galaxies
may also be metal-enriched37, consistent with a picture in which
much of the wind does not attain the escape velocity but instead
re-accretes38, 39.

A separate argument also points to the importance of winds dur-
ing galaxy formation. Observed stellar profiles of small galaxies
are mostly ‘bulgeless’, i.e. well approximated by a disk of gas
and stars with an almost exponential profile40, 41. Yet cosmological
simulations show that the dark matter and baryons accumulated in
all galaxy halos contain a large fraction of low angular momentum
material42 – which would imply the presence of a bulge43. This
problem, known as the ‘angular momentum catastrophe’, is solved

if low angular momentum gas is ejected44, 45 by winds at relatively
high-z when SF peaks46. This makes the physics of galactic winds
of fundamental importance to understanding the population of disk
galaxies, even before the effect on DM is considered.

3 Evidence for a cusp-core discrepancy

We now turn our attention to the excessive quantity of dark matter
predicted by the CDM model compared to measured densities in
the innermost regions of galaxies and clusters.

Dwarf galaxies As explained above, the under-abundance of dark
matter in the centre of dwarf galaxies relative to theoretical pre-
dictions is known as the cusp-core discrepancy. The problem was
discovered as soon as cosmological simulations became capable
of predicting halo structure47, 48. Although acceptance was grad-
ual, it is now firmly established that robust measurements of the
dark matter density can be made from rotation curves of gas-rich
dwarf galaxies ‘in the field’ (i.e. away from the influence of larger
galaxies). In the innermost regions r ⇠< 0.5 kpc the baryonic con-
tribution to the potential is comparable to that of the dark matter
and must be subtracted11, 49. Consequently inferring the dark mat-
ter density requires (1) high spatial resolution of the gas and stellar
kinematics (2) a comprehensive understanding of how to estimate
and subtract the stellar and gas mass distribution from the central
kiloparsec and (3) careful handling of systematic observational er-
rors. The last category encompasses possible biases arising from
radio beam-smearing, departure from circular orbits, centring diffi-
culties, unknown details of stellar mass-to-light ratios and gravita-
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The Missing Satellite 
Problem

Our own Milky Way halo is expected 
to have a bunch of DM subhalos that 
should be capable of hosting galaxies.  

Moore+ (1999) pointed out that DM 
halos should be very nearly self-
similar, i.e. a cluster-sized halo like 
the Virgo cluster (top) has the same 
substructures as a galaxy-sized halo 
like the Milky Way (bottom), but at a 
different mass scale (250x different) 
and a size scale (6x different).

L20 DARK MATTER SUBSTRUCTURE Vol. 524

Fig. 1.—Density of dark matter within a cluster halo of mass 5#
(top) and a galaxy halo of mass (bottom). The edge of14 1210 M 2# 10 M, ,

the box is the virial radius, 300 kpc for the galaxy and 2000 kpc for the cluster
(with peak circular velocities of 200 and 1100 km s , respectively).!1

Fig. 2.—Abundance of cosmic substructure within the Milky Way, the Virgo
Cluster, and our models of comparable masses. We plot the cumulative numbers
of halos as a function of their circular velocity, , where is1/2v = (Gm /r ) mb b bc

the bound mass within the bound radius of the substructure, normalized torb
the circular velocity, Vglobal, of the parent halo that they inhabit. The dotted
curve shows the distribution of the satellites within the Milky Way’s halo
(Mateo 1998), and the open circles with Poisson errors are data for the Virgo
Cluster (Binggeli et al. 1985). We compare these data with our simulated
galactic mass halo (dashed curves) and cluster halo (solid curve). The second
dashed curve shows data for the galaxy at an earlier epoch, 4 billion years
ago—dynamical evolution has not significantly altered the properties of the
substructure over this timescale.

make a comparative study with observations and simulations
of larger mass halos.

2. SUBSTRUCTURE WITHIN GALAXIES AND CLUSTERS

We simulate the hierarchical formation of dark matter halos
in the correct cosmological context using the high-resolution
parallel treecode PKDGRAV. An object is chosen from a sim-
ulation of an appropriate cosmological volume. The small-scale
waves of the power spectrum are realized within the volume
that collapses into this object with progressively lower reso-
lution at increasing distances from the object. The simulation
is then rerun to the present epoch with the higher mass and
force resolution. We have applied this technique to several halos
identified from a 106 Mpc3 volume, including a cluster similar
to the nearby Virgo Cluster (Ghigna et al. 1998) and a galaxy
with a circular velocity and isolation similar to the Milky Way.
The cosmology that we investigate here is one in which the

universe is dominated by a critical density of cold dark matter,
normalized to reproduce the local abundance of galaxy clusters.

The important numerical parameters to remember are that each
halo contains more than one million particles within the final
virial radius rvir and that we use a force resolution that is ∼0.1%
of rvir. Further details of computational techniques and simu-
lation parameters can be found in Ghigna et al. (1998) and
Moore et al. (1999). Here we focus our attention directly on
a comparison with observations.
Figure 1 shows the mass distribution at a redshift of z = 0

within the virial radii of our simulated cluster and galaxy. It
is virtually impossible to distinguish the two dark matter halos,
even though the cluster halo is nearly a thousand times more
massive and forms 5 Gyr later than the galaxy halo. Both
objects contain many dark matter substructure halos. We apply
a group-finding algorithm to extract the subclumps from the
simulation data, and we use the bound particles to measure
their kinematical properties directly: mass, circular velocity,
radii, and orbital parameters (cf. Ghigna et al. 1998). Although
our simulations do not include a baryonic tracer component,
we can compare the properties of these systems with obser-
vations using the Tully-Fisher relation (Tully & Fisher 1977).
This provides a simple benchmark for future studies that in-
corporate additional physics such as cooling gas and star
formation.
Figure 2 shows the observed mass (circular velocity) func-

tion of substructure within the Virgo Cluster of galaxies com-
pared with our simulation results. The circular velocities of
substructure halos are measured directly from the simulation,
while for the Virgo Cluster, we invert the Binggeli et al. lu-

Moore+ (1999)- DM-only simulation of 
5x1014 Msol cluster and 2x1012 Msol MW-
sized halo



The Missing Satellite Problem
Instead, the Milky Way halo has many fewer 
DM halos with obvious galaxies in them 
compared to simulations.  However, the 
cluster satellite mass function matches 
simulations.  

There should be many more satellites 
observed in the Milky Way with higher 
velocity dispersions than observed.  So it 
isn’t just that there are fewer than expected 
satellites, but the observed satellites have 
lower velocity dispersions.  

Does this suggest that there is a mass 
threshold below which DM halos cannot 
form?  Or is it more complicated?
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make a comparative study with observations and simulations
of larger mass halos.

2. SUBSTRUCTURE WITHIN GALAXIES AND CLUSTERS

We simulate the hierarchical formation of dark matter halos
in the correct cosmological context using the high-resolution
parallel treecode PKDGRAV. An object is chosen from a sim-
ulation of an appropriate cosmological volume. The small-scale
waves of the power spectrum are realized within the volume
that collapses into this object with progressively lower reso-
lution at increasing distances from the object. The simulation
is then rerun to the present epoch with the higher mass and
force resolution. We have applied this technique to several halos
identified from a 106 Mpc3 volume, including a cluster similar
to the nearby Virgo Cluster (Ghigna et al. 1998) and a galaxy
with a circular velocity and isolation similar to the Milky Way.
The cosmology that we investigate here is one in which the

universe is dominated by a critical density of cold dark matter,
normalized to reproduce the local abundance of galaxy clusters.

The important numerical parameters to remember are that each
halo contains more than one million particles within the final
virial radius rvir and that we use a force resolution that is ∼0.1%
of rvir. Further details of computational techniques and simu-
lation parameters can be found in Ghigna et al. (1998) and
Moore et al. (1999). Here we focus our attention directly on
a comparison with observations.
Figure 1 shows the mass distribution at a redshift of z = 0

within the virial radii of our simulated cluster and galaxy. It
is virtually impossible to distinguish the two dark matter halos,
even though the cluster halo is nearly a thousand times more
massive and forms 5 Gyr later than the galaxy halo. Both
objects contain many dark matter substructure halos. We apply
a group-finding algorithm to extract the subclumps from the
simulation data, and we use the bound particles to measure
their kinematical properties directly: mass, circular velocity,
radii, and orbital parameters (cf. Ghigna et al. 1998). Although
our simulations do not include a baryonic tracer component,
we can compare the properties of these systems with obser-
vations using the Tully-Fisher relation (Tully & Fisher 1977).
This provides a simple benchmark for future studies that in-
corporate additional physics such as cooling gas and star
formation.
Figure 2 shows the observed mass (circular velocity) func-

tion of substructure within the Virgo Cluster of galaxies com-
pared with our simulation results. The circular velocities of
substructure halos are measured directly from the simulation,
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Moore+ (1999)- Cumulative number counts 
of satellite galaxies (observations as data 
points) and simulated DM halos (lines).



The Missing Satellite Problem

Klypin+ (1999) identified the same 
missing satellite problem at the same 
time.  

They showed that while the number 
density of galaxies with vcirc >=50 km/s 
agrees with ΛCDM, there are up to 10x 
too few galaxies below according to 
DM-only simulations.  

Klypin also considered the Andromeda 
halo, and showed that this problem 
was not unique to our MW halo only.  
The same missing satellite problem was 
observed there.

WHERE ARE GALACTIC SATELLITES? 7

Fig. 4.— Properties of satellite systems within 200 h
−1 kpc

from the host halo. Top panel: The three dimensional rms ve-
locity dispersion of satellites versus maximum circular velocity
of the central halo. Solid and open circles denote ΛCDM and
CDM halos, respectively. The solid line is the line of equal satel-
lite rms velocity dispersion and the circular velocity of the host
halo. Middle panel: The number of satellites with circular ve-
locity larger than 10 km s−1 versus circular velocity of the host
halo. The solid line shows a rough approximation presented
in the legend. Bottom panel: The cumulative circular velocity
distribution (VDF) of satellites. Solid triangles show average
VDF of Milky Way and Andromeda satellites. Open circles
present results for the CDM simulation, while the solid curve
represents the average VDF of satellites in the ΛCDM sim-
ulation for halos shown in the upper panels. To indicate the
statistics, the scale on the right y-axis shows the total number
of satellite halos in the ΛCDM simulation. Note that while
the numbers of massive satellites (> 50 km s−1) agrees reason-
ably well with observed number of satellites in the Local Group,
models predict about five times more lower mass satellites with
Vcirc < 10 − 30 km s−1.

Fig. 5.— The same as in Figure 4, but for satellites within
400 h

−1 kpc from the center of a host halo. In the bottom panel
we also show the cumulative velocity function for the field ha-
los (halos outside of 400 h

−1 kpc spheres around seven massive
halos), arbitrarily scaled up by a factor of 75. The difference
at large circular velocities Vcirc > 50 km s−1 is not statisti-
cally significant. Comparison between these two curves indi-
cates that the velocity functions of isolated and satellite halos
are very similar. As for the satellites within central 200h

−1 kpc
(Figure 4), the number of satellites in the models and in the
Local Group agree reasonably well for massive satellites with
Vcirc > 50km s−1, but disagree by a factor of ten for low mass
satellites with Vcirc10 − 30 km s−1.

n(> V ) = 1200

!

V

10 km s−1

"−2.75

(h−1Mpc)−3, (4)

again, for R < 200 h−1 kpc and R < 400 h−1 kpc, respec-
tively. This approximation is formally valid for Vcirc >
20 km s−1, but comparisons with the higher-resolution
CDM simulations indicates that it likely extends to smaller

velocities. The numbers of observed satellites and satel-
lite halos cross at around Vcirc = (50 − 60) km s−1. This
means that while the abundance of massive satellites
(Vcirc > 50 km s−1) reasonably agrees with what we find
in the MW and Andromeda galaxies, the models predict
an abundance of satellites with Vcirc > 20 km s−1 that is
approximately five times higher than that observed in the

Klypin+ (1999)- simulations (in blue and red) 
compared to observed satellites (black 
triangles).  



Too Big To Fail- velocity dispersions of 
observed Milky Way satellites appear too low.
Boylan-Kolchin+ (2011,2012) showed the 
derived velocity dispersion of Milky Way 
dwarf spheroidal galaxies are vmax= 12-25 
km/s, but ΛCDM cosmology predicts >10 
subhalos with vmax>25 km/s.  While a 
solution to this problem is to say that 
subhalos with vmax>25 km/s don’t form 
stars, they are “too big to fail.”  Why 
would these massive subhalos fail, but 
the lower mass halos still form stars?  

This research uses the DM-only Aquarius 
simulation with up to 120 million DM 
particles per MW-mass halo (1-2x1012

Msol) with resolution 2-20x103Msol and a 
softening length of 66 pc.  

Can baryonic physics change velocity 
dispersions of DM halos like this?  
Boylan-Kolchin (2012) argue no.  

Boylan-Kolchin+ (2012)- Observed vmax shown 
ias black data points, simulated velocity profiles 
shown as bands.  
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spherical Jeans equation, Thomas et al. (2011) have shown
that this mass estimator accurately reflects the mass as de-
rived from axisymmetric orbit superposition models as well.
This result suggests that Eqns. (1) and (2) are also applica-
ble in the absence of spherical symmetry, a conclusion that
is also supported by an analysis of Via Lactea II subhalos
(Rashkov et al. 2012).

We focus on the bright MW dSphs – those with LV >
105 L� – for several reasons. Primary among them is that
these systems have the highest quality kinematic data and
the largest samples of spectroscopically confirmed member
stars to resolve the dynamics at r1/2. The census of these
bright dwarfs is also likely complete to the virial radius of
the Milky Way (⇠ 300 kpc), with the possible exception of
yet-undiscovered systems in the plane of the Galactic disk;
the same can not be said for fainter systems (Koposov et al.
2008; Tollerud et al. 2008). Finally, these systems all have
half-light radii that can be accurately resolved with the high-
est resolution N -body simulations presently available.

The Milky Way contains 10 known dwarf spheroidals
satisfying our luminosity cut of LV > 105 L�: the 9 clas-
sical (pre-SDSS) dSphs plus Canes Venatici I, which has a
V -band luminosity comparable to Draco (though it is sig-
nificantly more spatially extended). As in BBK, we remove
the Sagittarius dwarf from our sample, as it is in the pro-
cess of interacting (strongly) with the Galactic disk and is
likely not an equilibrium system in the same sense as the
other dSphs. Our final sample therefore contains 9 dwarf
spheroidals: Fornax, Leo I, Sculptor, Leo II, Sextans, Ca-
rina, Ursa Minor, Canes Venatici I, and Draco. All of these
galaxies are known to be dark matter dominated at r1/2
(Mateo 1998): Wolf et al. (2010) find that their dynamical
mass-to-light ratios at r1/2 range from ⇠ 10� 300.

The Large and Small Magellanic Clouds are dwarf ir-
regular galaxies that are more than an order of magnitude
brighter than the dwarf spheroidals. The internal dynamics
of these galaxies indicate that they are also much more mas-
sive than the dwarf spheroidals: Vcirc(SMC) = 50�60 km s�1

(Stanimirović et al. 2004; Harris & Zaritsky 2006) and
Vcirc(LMC) = 87 ± 5 km s�1 (Olsen et al. 2011). Abun-
dance matching indicates that galaxies with luminosities
equal to those of the Magellanic Clouds should have Vinfall ⇡
80 � 100 km s�1 (BBK); this is strongly supported by the
analysis of Tollerud et al. (2011). A conservative estimate
of subhalos that could host Magellanic Cloud-like galaxies
is therefore Vinfall > 60 km s�1 and Vmax > 40 km s�1. As in
BBK, subhalos obeying these two criteria will be considered
Magellanic Cloud analogs for the rest of this work.

3 COMPARING ⇤CDM SUBHALOS TO
MILKY WAY SATELLITES

3.1 A preliminary comparison

Density and circular velocity profiles of isolated dark mat-
ter halos are well-described (on average) by Navarro et al.
(1997, hereafter, NFW) profiles, which are specified by two
parameters – i.e., virial mass and concentration, or Vmax

and rmax. Average dark matter subhalos are also well-fitted
by NFW profiles inside of their tidal radii, though recent
work has shown that the 3-parameter Einasto (1965) profile

Figure 1. Observed Vcirc values of the nine bright dSphs
(symbols, with sizes proportional to log LV ), along with ro-
tation curves corresponding to NFW subhalos with Vmax =
(12, 18, 24, 40) km s�1. The shading indicates the 1� scatter in
rmax at fixed Vmax taken from the Aquarius simulations. All of
the bright dSphs are consistent with subhalos having Vmax 
24 km s�1, and most require Vmax . 18 km s�1. Only Draco, the
least luminous dSph in our sample, is consistent (within 2�) with
a massive CDM subhalo of ⇡ 40 km s�1 at z = 0.

provides a somewhat better match to the profiles of both
simulated halos (Navarro et al. 2004; Merritt et al. 2006;
Gao et al. 2008; Ludlow et al. 2011) and subhalos (Springel
et al. 2008) even when fixing the Einasto shape parameter
(thereby comparing models with two free parameters each).
To connect this work to the analysis of BBK, Figure 1 com-
pares the measured values of Vcirc(r1/2) for the nine bright
MW dSphs to a set of dark matter subhalo rotation curves
based on NFW fits to the Aquarius subhalos; the shaded
bands show the 1� scatter from the simulations in rmax at
fixed Vmax. More detailed modeling of subhalos’ density pro-
files will be presented in subsequent sections.

It is immediately apparent that all of the bright dSphs
are consistent with NFW subhalos of Vmax = 12�24 km s�1,
and only one dwarf (Draco) is consistent with Vmax >
24 km s�1. Note that the size of the data points is pro-
portional to galaxy luminosity, and no obvious trend exists
between L and Vcirc(r1/2) or Vmax (see also Strigari et al.
2008). Two of the three least luminous dwarfs, Draco and
Ursa Minor, are consistent with the most massive hosts,
while the three most luminous dwarfs (Fornax, Leo I, and
Sculptor) are consistent with hosts of intermediate mass
(Vmax ⇡ 18 � 20 km s�1). Each of the Aquarius simulations
contains between 10 and 24 subhalos with Vmax > 25 km s�1,
almost all of which are insu�ciently massive to qualify as
Magellanic Cloud analogs, indicating that models populat-
ing the most massive redshift zero subhalos with the bright-
est MW dwarfs will fail.

c� 2012 RAS, MNRAS 000, 1–17



Too Big To Fail

Boylan-Kolchin+ (2012)- Even the lowest mass Aquarius simulations (0.95x1012 Msol) have 
velocity profiles as a function of radius that do not agree with the observations.  
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Figure 3. Rotation curves for all subhalos with Vinfall > 30 km s�1 and Vmax > 10 km s�1, after excluding Magellanic Cloud analogs, in
each of the six Aquarius simulations (top row, from left to right: A, B, C; bottom row: D, E, F). Subhalos that are at least 2� denser
than every bright MW dwarf spheroidal are plotted with solid curves, while the remaining subhalos are plotted as dotted curves. Data
points with errors show measured Vcirc values for the bright MW dSphs. Not only does each halo have several subhalos that are too
dense to host any of the dSphs, each halo also has several massive subhalos (nominally capable of forming stars) with Vcirc comparable
to the MW dSphs that have no bright counterpart in the MW. In total, between 7 and 22 of these massive subhalos are unaccounted for
in each halo.

of Vcirc(r1/2) for the bright Milky Way dwarf spheroidals.
As in Fig. 2, we plot only halos with Vinfall > 30 km s�1

and Vmax(z = 0) > 10 km s�1. Subhalos that are at least 2�
more massive than every dwarf (at r1/2) are plotted as solid
curves; these are the “massive failures” discussed in BBK,
and each halo has at least four such subhalos. Fig. 3 shows
that each halo has several other subhalos with Vinfall > 30
that are unaccounted for as well: for example, halo B has
three subhalos that are not massive failures by our defini-
tion but that are inconsistent at 2� with every dwarf except
Draco. Even ignoring the subhalos that are completely un-
accounted for (and are yet more massive than all of the MW
dSphs), the remaining massive subhalos do not resemble the
bright MW dSph population.

3.3 High redshift progenitors of massive subhalos

To investigate the possible impact of reionization on our re-
sults, we show the evolution of the progenitors of all subhalos
with Vinfall > 30 km s�1 in Figure 4. The solid curve show
the median M(z), while the shaded region contains 68% of
the distribution, centered on the median, at each redshift.

For comparison, we also show Tvir(z) = 104 K (the tempera-
ture at which primordial gas can cool via atomic transitions)
and 105 K (dashed lines), as well as the mass Mc(z) below
which at least half of a halo’s baryons have been removed
by photo-heating from the UV background (Okamoto et al.
2008). Subhalos with Vinfall > 30 km s�1 lie above Mc and
Tvir = 104 K at all redshifts plotted, indicating that they are
too massive for photo-ionization feedback to significantly al-
ter their gas content and thereby inhibit galaxy formation.

Figure 5 focuses on the z = 6 properties of these sub-
halos. It shows the distribution of halo masses at z = 6
for “massive failures” (open histogram) and the remaining
subhalos (filled histogram), which are possible hosts of the
MW dSphs. The massive failures are more massive at z = 6,
on average, than the potentially luminous subhalos. This
further emphasizes that reionization is not a plausible ex-
planation of why the massive failures do not have stars: the
typical massive failure is a factor of ten more massive than
the UV suppression threshold at z = 6. Implications of this
result will be discussed in Boylan-Kolchin et al. (in prepa-
ration).

In a series of recent papers, Broderick, Chang, and

c� 2012 RAS, MNRAS 000, 1–17



Too Big To Fail
One idea is that UV photo-heating 
boiling baryons out of halos can alter 
these dwarf subhalos, but UV 
suppression occurs at a too low of a 
subhalo mass to solve the too big to 
fail problem.  

Even at z=6, the progenitor subhalos
have grown larger and have higher 
velocity dispersions than the halos 
that are too big to fail.  So this 
problem is in place during the 
reionization era (z=6-15), and cannot 
be solved with the subsequent 12-13 
Gyrs of galaxy formation, so argues 
Boylan-Kolchin.  

Boylan-Kolchin+ (2012)- Simulated subhalos
even at z=6 have formed already to be too 
massive and have too high of velocity 
dispersions compared to MW dwarf galaxies 
observed today.  

The Milky Way’s bright satellites in ⇤CDM 7

Figure 4. The median mass of z = 0 subhalos having Vinfall >
30 km s�1 (excluding MC analogs) as function of redshift (solid
curve), along with the 68% confidence range, symmetric about
the median (shaded region). The hatched region marked “UV-
suppressed” shows where halos are expected to have lost at
least 50% of their baryonic mass owing to the UV background
(Okamoto et al. 2008). Subhalos at z = 0 having Vinfall >
30 km s�1 are more massive than the photo-suppression scale at
all redshifts.

Pfrommer have postulated that the thermal history of the
IGM at late times (z . 2�3) could di↵er substantially from
standard reionization models owing to a large contribution
from TeV blazars. This modification relies on plasma in-
stabilities dissipating energy from TeV blazars in the IGM,
heating it to a temperature that is a factor of ⇠3�10 higher
than in the case of pure photo-ionization heating. Such heat-
ing would e↵ectively increase the value ofMc(z) for z . 2�3,
suppressing the stellar content of more massive halos. How-
ever, as Figure 4 shows, all halos with Vinfall > 30 km s�1

should have been able to form stars before this epoch, i.e.,
TeV blazar heating happens too late to kill o↵ star formation
in the Milky Way’s massive subhalos (recall that we find 16-
33 subhalos with Vinfall > 30 km s�1 per halo). While TeV
blazar heating therefore may help reduce the counts of void
galaxies (which form later than MW subhalos) and suppress
the star formation at low redshifts in progenitors of MW sub-
halos, it does not seem capable of explaining the structure
and abundance of massive MW satellites.

4 DARK MATTER MASSES OF THE MILKY
WAY DWARFS

The results of Sec. 3 show that the brightest Milky Way
dwarfs do not inhabit the most massive dark matter subha-
los from numerical simulations. We can also use the simula-
tions to compute the properties of subhalos that are consis-
tent with the dynamics of the bright dSphs. These calcula-

Figure 5. The distribution of masses at z = 6 for z = 0 subhalos
with Vinfall > 30 km s�1 (excluding MC candidates). The open
black histogram shows the “massive failures” (subhalos that are
2� more dense than all of the MW’s bright dSphs), while the filled
gray histogram shows the remaining subhalos, which we deem to
be potentially luminous satellites. Even at z = 6, the massive
failures are typically more massive than subhalos consistent with
the bright dSphs. They are also all more massive than character-
istic scale below which the UV background significantly a↵ects
the baryon content of halos (hatched region). At z = 6, this char-
acteristic mass is comparable to Tvir = 104 K, the threshold for
atomic cooling.

tions, and the resulting implications, are the subject of this
Section.

4.1 Computing properties of the dark matter
hosts of the dwarf spheroidals

To compute more rigorous estimates of properties of the
dSphs’ dark matter halos, we assume that the subhalo pop-
ulation across all six Aquarius halos forms a representa-
tive sample from ⇤CDM simulations. We can then compute
the distribution function of X (where X is, for example,
Vmax, Vinfall, or Minfall) for a dwarf by assigning a weight
(likelihood L) to each subhalo in our sample based on how
closely it matches the measured M1/2 value of that dwarf.
The posterior distribution of quantityX, given the measured
value of M1/2 and its error �M , is given by

P(X|M1/2,�M ) / P(X)L(X|M1/2,�M ) . (3)

In practice, we compute moments in the distribution of
quantity X via

hX↵i =

NsubsX

i=1

X
↵

i P(Xi)L(Xi|M1/2,�M )

NsubsX

i=1

P(Xi)L(Xi|M1/2,�M )

(4)
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Too Big To Fail
Abundance matching constraints 
also show that MW dwarfs and 
other dwarf galaxies (THINGS survey 
by Oh et al. 2011) are too massive 
given their derived velocity 
dispersions.  

The abundance matching 
constraints are from DM-only 
simulations, so this suggests that 
something else needs to change the 
the velocity dispersions of dark 
matter, whether it be baryonic 
physics or a different type of dark 
matter than cold dark matter.  

Boylan-Kolchin+ (2012)- Mass and vmax of 
observed galaxies compared to abundance 
matching constraints (Behroozi+ 2010) 
extrapolated to lower mass halos.
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Figure 9. Inferred M?(Vinfall) relation for bright MW dSphs
(black squares with error bars, based on calculations in Sec. 4.1).
The Magellanic Clouds (right-pointing triangles) are placed on
the plot at their current values of Vflat, which is a lower limit
to Vinfall. Observations of low-mass field galaxies from THINGS
(tabulated in Oh et al. 2011a) are plotted as open black stars.
These galaxies all lie higher than the z = 0 abundance match-
ing relation (solid curve), as well as its extrapolation to lower
Vinfall (dashed curve), and the deviations are systematically larger
at lower values of Vinfall. The shaded region around the abun-
dance matching relation shows a scatter of 0.2 dex in M? at
fixed Vinfall, which is the upper limit allowed for massive halos
Vinfall & 150 km s�1 (Guo et al. 2010; Behroozi et al. 2010).

dence arguing that isolated halos with Vcirc ⇡ 50 km s�1 do
not match ⇤CDM expectations:

• HI observations: The ALFALFA survey has per-
formed a blind 21-cm emission line search over a wide area
to look for neutral hydrogen in galaxies. Papastergis et al.
(2011) have shown that while the velocity width function �w

measured from ALFALFA agrees fairly well with ⇤CDM pre-
dictions for massive galaxies, the observed number counts
fall below those predicted by ⇤CDM for w . 100 km s�1

(corresponding approximately to Vmax . 75 km s�1, assum-
ing an average conversion of w50 = 0.75Vmax). The discrep-
ancy reaches a factor of ⇠ 8 at w = 50 km s�1 (Vmax ⇡
37 km s�1) and becomes even worse at lower w.

• Void galaxies: Tikhonov & Klypin (2009) analyzed
properties of voids in the Local Volume in comparison to
theoretical predictions. They find that the abundance of void
galaxies is over-predicted by a factor of ⇠ 10 in ⇤CDM at
Vcirc ⇡ 40 km s�1, and that the void size distribution is only
reproduced if halos of Vcirc . 40 km s�1 do not host void
galaxies (but see Tinker & Conroy 2009).

• Damped Lyman-↵ systems: The gaseous content of
dark matter halos at z ⇠ 3 can be probed by quasar absorp-
tion spectra. Barnes & Haehnelt (2009) have shown that
many of the properties of damped Lyman-↵ systems can be
understood in ⇤CDM-based models. This success comes at
the expense of requiring halos with Vcirc . 50 km s�1 to be

very baryon-poor. As noted in Section 3.3, 50 km s�1 is well
above the photo-suppression scale at this redshift, indicat-
ing that reionization should not have caused such halos to
lose a substantial amount of their baryons.

There are, of course, many potential sources of these dis-
agreements, and the underlying ⇤CDM theory is certainly
not the most likely of of these sources. A better understand-
ing of feedback from star formation and its e↵ects on halos
of Vinfall . 50 km s�1 will be crucial, and may explain all
of these apparent discrepancies, as well as other issues such
as the central densities of low surface brightness galaxies
(though see Kuzio de Naray & Spekkens 2011 for arguments
against baryonic physics explaining the density structure of
these galaxies). It is imperative not to rely on plausibility
arguments for the e↵ects of feedback, but rather to under-
stand whether realistic feedback models can actually pro-
duce dwarf spheroidal galaxies with properties akin to those
seen in the Milky Way (as challenging as this may be!).

6 CONCLUSIONS

In this paper, we have expanded on the arguments of BBK,
where we first showed that the bright satellites of the Milky
Way apparently inhabit dark matter subhalos that are sub-
stantially less dense that the most massive subhalos from
state-of-the-art ⇤CDM simulations. Using subhalo profiles
computed directly from the simulations rather than assum-
ing subhalos are fit by NFW profiles, we have confirmed
our previous result. Furthermore, we have now computed
the most likely Vmax, Vinfall, and Minfall values of the dwarf
spheroidals using a likelihood analysis of the Aquarius data.
This procedure predicts that all of the Milky Way dwarf
spheroidals reside in halos with Vmax . 25 km s�1, whereas
more than ten subhalos per host halo are expected to have
Vmax > 25 km s�1.

This “massive failure” problem cannot be solved by
placing the bright satellites in the subhalos with the largest
values of Vmax at infall or at the epoch of reionization: as dis-
cussed in Section 3.3 and shown in Figures 4 – 5, the missing
subhalos are among the most massive at all previous epochs
as well. Explaining this lack of galaxies in the expected mas-
sive subhalos is not natural in standard ⇤CDM-based galaxy
formation models: options include (1) a Milky Way halo that
either is significantly deficient in massive subhalos, or is pop-
ulated by subhalos with much lower concentrations than are
typical; (2) stochasticity in galaxy formation at low masses,
such that halo mass and luminosity have essentially no corre-
lation; (3) strong baryonic feedback that reduces the central
density of all massive subhalo by a large amount (& 50%
reduction on scales of ⇠ 0.5 kpc).

We have argued above that these solutions all seem
fairly unlikely as individual causes. It might be possible to
apply them all at once: if the Milky Way halo mass sits at
the low end of current constraints (⇠ 1012 M�), and galaxy
formation produces order unity scatter in M? at fixed halo
mass below ⇠ 50 km s�1, and baryonic feedback is able to
alter the central densities of dark matter halos in a maxi-
mal way, then it may be possible to explain the low den-
sities of the MW dSph galaxies. We find this combination
somewhat implausible, but it is certainly worth exploring.
A detailed comparison of the masses of M31 dSph galaxies

c� 2012 RAS, MNRAS 000, 1–17



Cold, Warm, & Hot Dark Matter
The definitions of dark matter are based on the masses of dark matter particles, 
which is unknown.  The smaller the mass, given in terms of energies, i.e. m/c2, then 
the hotter it is, because the particles have a larger velocity an can “free stream” 
longer distances.  

When particles free stream further, they wipe out primordial density fluctuations of 
the power spectrum of the Universe on small scales.  

-Hot dark matter (HDM)- free streaming much larger than an early proto-galaxy.  
Could be relativistic neutrinos with masses 10-100 eV.  

-Warm dark matter (WDM)- free streaming is smaller than HDM, but on the length 
scale of a dwarf galaxy, so that it could wipe out the fluctuations responsible for 
forming dwarf galaxies (i.e. the fact that few dwarf galaxies are observed around 
the Milky Way).  Masses 0.3-3.0 keV are standard.  

-Cold dark matter (CDM)- free streaming length is smaller than perturbations 
responsible for the formation of even dwarf galaxies.  A heavier particle is required 
that is never relativistic.  Masses easily exceed a few keV and could be much, much 
larger- an area of active research in particle physics and super-symmetric string 
theory.   



Cold, Warm, & Hot Dark Matter
The effect of  non-cold 
dark matter is to cut 
off the power 
spectrum at small 
scale (large k’s).  

The nature of warm or 
hot dark matter is to 
severely depress 
fluctuations at small 
scales according to 
the mass-energy of 
the dark matter 
particle.  Power spectra for different types of dark matter.  
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Warm Dark Matter
Typical energies of 
WDM explored, 0.5 
keV to 3 keV are in 
the  allowed range 
where larger galaxies 
can form, but change 
the formation of low 
mass galaxies.  

Schultz+ (2014) Power spectra from the initial conditions 
of a simulation.  The thermal energies are listed, but this 
paper also quotes sterile neutrino masses, which have 
different energies, but behave the same way.  



Warm Dark Matter
Too big to fail

Lovell+ (2012) simulation with CDM (left) and WDM (right- 2 keV sterile neutrino).  Small halos 
disappear almost completely.  



WDM and Too Big to Fail

Schneider+ (2014)- Can too big to fail be solved by warm dark matter?  They indicate no, 
and that for even 2 keV WDM models, there exist too many subhalos with vcirc=12 km/s, 
although not as many as in CDM.  

High-z Galaxy Counts- Another work (Schultz+ 2014) looked at high-z galaxy counts in 
simulations and showed that reionization-era galaxy counts (z>=6) can constrain the 
WDM energy, because the small halos hosting early galaxies will be suppressed by WDM.  
Should provide great constraints with James Webb Space Telescope.  

WDM and small-scale inconsistencies 3

Figure 1. Circular velocities profiles of the 12 satellites with the highest Vmax at infall (green, magenta, red, and black lines). The
observed circular velocity at half-light radius of the nine classical dwarfs are added as black dots with error-bars (the LMC, SMC, and
Sagittarius are not displayed). From left to right: WDM with mWDM = 2, 3, 4, and CDM. The grey lines are the remaining satellites
above Vmax = 12 km/s with decreasing line width for smaller Vmax at infall.

the Lyman-↵ constraints is too cold to significantly alleviate
the too big to fail problem. During the publication process of
this work, Polisensky & Ricotti (2014) released a paper on
Milky Way satellites in WDM cosmologies with very similar
conclusions. In particular, they found that the profiles of the
largest satellites in a 4 keV WDM model are nearly identical
to their CDM counterparts.

4 HI VELOCITY FUNCTION

Another test of small-scale structure formation comes from
the HI velocity-width function measured in the local uni-
verse by recent 21 cm surveys like the Arecibo Legacy Fast
ALFA (ALFALFA) survey (Giovanelli et al 2005). The gen-
eral shape of the HI velocity-width function is characterised
by a power-law decrease followed by an exponential drop-
o↵, whereas the slope of the power-law is significantly shal-
lower than the one expected from CDM structure formation
(Trujillo-Gomez et al. 2011). This fact has motivated several
authors to consider a shift of the dark matter paradigm and
to suggest WDM as a more realistic scenario (Zavala et al.
2009; Papastergis et al. 2011). For example, Zavala et al.
(2009, hereafter Za09) used constrained simulations of the
local universe to show that a WDM model with mWDM = 1
keV leads to a velocity function in much better agreement
with observations2.

In the following, we revisit this finding in the light of the
new constraints of the WDM particle mass, in order to test
if a realistic WDM model with mWDM ⇠ 4 keV still agrees
with observations. Since we are only interested in the gen-
eral shape of the HI velocity-width function, we will content

2 Recently, Obreschkow et al. (2013) pointed out that HI surveys
could be substantially incomplete due to a very broad disper-
sion of the HI mass. Using full semi-analytical modelling, they
find that the CDM prediction can be brought in agreement with
observations for W50 > 50 km/s, which alleviates the flatness

problem of the HI velocity function.

ourselves with simplified analytical descriptions of the HI
content in galaxies, without running expensive hydrodynam-
ical simulations. The essential ingredient of our approach is
the WDM halo mass function developed in Schneider et al
(2013), which is based on the sharp-k window function and
works for cosmologies with arbitrary initial power spectra.
The functional form is given by

dn
d logM

=
⇢̄
M

f(⌫)
3

4⇡2�2(R)

Plin(1/R)

R3
, (1)

�(R) =

Z
dk3

(2⇡)3
Plin(k)⇥(1� kR), (2)

where ⇥ is the Heaviside step function and f(⌫) =

A
p

2⌫/⇡(1+⌫�p)e�⌫/2 with ⌫ = (1.686/�)2, A=0.322, and
p=0.3. The halo mass is assigned to the filter scale by the
relation M = 4⇡⇢̄(cR)3/3 with c = 2.7.

From the halo mass function, it is possible to construct
the HI velocity-width function using some simplified as-
sumptions. The procedure consists in first constructing the
maximum circular velocity function (short: velocity func-
tion) of haloes and then connecting the circular velocity to
the measured velocity-width of the HI disk.

We construct the halo velocity function in the same
way as Za09, an approach initially developed by Sigad et al.
(2000). The recipe is the following: (i) Producing a mock
sample of haloes that mimics the halo mass function for
WDM cosmologies (given by Eq. 1). (ii) Assigning an NFW-
profile to each halo with a randomly selected concentration
out of a log-normal distribution from Macciò et al (2008).
Using the fitting formula from Schneider et al. (2012) to
adopt the concentration to the WDM scenario. (iii) Calcu-
lating the maximum circular velocity (Vmax) for every mock
halo with the help of Eq. 7 in Sigad et al. (2000). (iv) Bin-
ning the haloes with respect to their value of Vmax in order
to obtain dn/d log Vmax.

The velocity function of haloes dn/d log Vmax is plotted
in the left-hand side of Fig. 2, where the blue, green, and
red lines represent WDM cosmologies with particle masses

c� 0000 RAS, MNRAS 000, 000–000



Hot Dark Matter 
is Dead

Rudimentary simulations (by today’s 
standards) showed the distribution of 
galaxies would be very different in a HDM 
Universe where fast-streaming neutrinos 
were dark matter.

Structures on scales larger than a galaxy 
would be wiped out in the early Universe, 
and galaxies could only form in very large 
collapsed structures, which disagree with 
observations of the first modern galaxy 
surveys done in the 1980’s (the CfA survey).

Cold Dark Matter- hierarchical structure 
formation, small things form first, and then 
grow into big things.
Hot Dark Matter- large structures have to 
collapse first and then galaxies form.  White (1987)
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Warm Dark Matter- The Lyman-α Forest
The Lyman-alpha forest, which is traced by the cosmic web, appears significantly 
smoothed out if WDM of energy 0.5 keV is used.  This is observable by using the power 
spectrum of Lyman-α Absorbers.  

Viel+ (2013)



Warm Dark Matter- The Lyman-α Forest
Using a quasar as a background source, absorption line spectra show Lyman-α forest 
absorption tracing the cosmic web structure- HI absorption lines correspond to filaments 
in the large scale structure, while voids have less absorption.  This is the best observable 
of the nature of the intergalactic medium, and its clustering at z>4 is sensitive to the 
smoothing owing to warm dark matter.  
Cosmological hydrodynamic simulations are very good at simulating the details of the 
Lyman-α forest .  

Viel+ (2013)- Simulated z=4.6 Lyman-α forest spectra for CDM and two WDM 
temperatures, which smooth out the observed forest.  
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FIG. 2: Transmitted flux along a set of random LOSs for the ΛCDM (green curve) and WDM 1 keV (black curve) and WDM 2
keV (blue curve) models at z = 4.6. This figure refers to the reference (20,512) simulation without adding instrumental noise.
The ΛCDM flux is clearly showing more substructure as compared to the WDM models.

not incorporate chemical elements other than hydrogen
and helium. We have therefore estimated how uniden-
tified, lower redshift metal lines in the Lyman-α forest
may bias our result, and in particular how these nar-
row absorption lines may alter the flux power spectrum
at small scales. Furthermore, the simulations also as-
sume a spatially uniform UV background. We therefore
also estimate the impact of spatial fluctuations in the
UV background on the Lyman-α forest at z = 4.2–5.4.
We follow a modified version of the approach described
in Ref. [65] for exploring fluctuations in the He II ionising
background at lower redshift, to which we refer the reader
for further details. These two systematics effects will also
be discussed more extensively in the Appendix.

V. THE FLUX POWER SPECTRUM

A. The WDM and thermal cut-offs

In this Section we demonstrate the distinctively differ-
ent effects that the thermal (i.e. due to the temperature
of the photo-ionized IGM) and WDM cut-off have on
the flux power spectrum. We will also check for possi-
ble effects due to the limited numerical resolution of our
simulations. Firstly, however, it is instructive to con-
sider Fig. 1, where we show the ratio of the non-linear
matter power spectra in the WDM and ΛCDM simula-
tions. The results are shown at three different redshifts,
z = (3, 4.2, 5.4). The redshift range z = 4.2–5.2 brack-
ets that of the high-resolution data set used in this work.
We additionally present the matter power spectrum at
z = 3 to show the evolution of the non-linear power at
lower redshift. The three WDM models are reported as
orange, blue and black curves for masses of 4,2 and 1
keV, respectively, while the green curve shows the linear
suppression for the 2 keV case taken from Ref. [17]. The
power spectra are already clearly somewhat non-linear at
high redshift; the blue and green curves start to differ sig-
nificantly at small scales at k > 3h/Mpc. In the bottom

part of the panel we show the approximate wavenumber
ranges that are probed by SDSS and the HIRES+MIKE
data set used in our analysis. Note that the non-linear
matter suppression is in good agreement with the fitting
formula presented in Ref. [10].

In Figure 2 we qualitatively compare a set of noise-
less Lyman-α forest spectra extracted from the ΛCDM,
WDM 1 keV and WDM 2 keV models, represented by the
green, black and blue curves respectively. It is clear that
the amount of small-scale substructure in the transmit-
ted flux in the ΛCDM is more prominent with respect
to the WDM cases. In the rest of this Section we will
quantify these differences in terms of the 1D flux power
spectrum.

We now turn to Figure 3, which shows the ratio be-
tween the 1D flux power of the WDM and ΛCDM mod-
els for the four different redshift bins used in the present
analysis (note that we compute the power spectrum of
the quantity δF = F/⟨F ⟩ − 1, and we refer to this as the
flux power). The suppression of the flux power is larger
than that seen in the matter power spectrum. This is
due to the fact that the 1D matter power spectrum is an
integral of the 3D power spectrum and therefore very sen-
sitive to the small scale cut-off. As expected, the largest
differences exist between the 1 keV (black curves) and
the ΛCDM model. Note that the flux power also changes
at large scales; the requirement of reproducing the same
observed mean flux value (given by Eq. 4) results in an
increase of the power at those scales (the power spectrum
of the WDM flux F , not δF, does show suppression over
all scales when compared to ΛCDM). Furthermore, we
also note that there is a substantial redshift evolution of
the flux power between z = 5.4 and z = 4.2.

Numerical convergence for WDM simulations can be
particularly difficult to achieve (see Ref. [38]). In Figure 4
we demonstrate that at the resolution and WDM masses
considered in this work, this should, however, not be an
issue. Figure 4 compares the flux power extracted from
the (20, 512) and (20, 768) 1 and 2 keV simulations to the
corresponding ΛCDM simulations at the same resolution.



Warm Dark Matter- The Lyman-α Forest
The Lyman-α power spectrum 
is a powerful probe of the 
effect of WDM.  
High-resolution spectra 
capable of resolving <10 km/s 
are required at z>4 where 
WDM can affect the 
distribution of the observed 
gas.   
In Viel+ (2013), WDM with 
particle mass of 2.5 keV can 
easily be ruled out.  

This is a strong argument 
against WDM, but it can be 
complicated by the nature of 
the Lyman-α forest (e.g. 
temperature broadening, 
Hubble broadening, the 
strength of the ionizing 
background).

Viel+ (2013)
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FIG. 13: Best fit model for the data sets used in the present analysis (SDSS+HIRES+MIKE) shown as green curves. We also
show a WDM model that has the best fit values of the green model except for the WDM mass (red dashed curves). These data
span about two orders of magnitude in scale and the period 1.1-3.1 Gyrs after the Big Bang.

TABLE III: The final summary of the marginalized estimates
(1 and 2σ C.L.) and best fit values for mWDM. Planck priors
on σ8, ns and Ωm have been applied. The REF. model refers
to our reference conservative analysis; REF. w/o 30% refers to
the case in which we do not add an extra 30% uncertainty on
the data to account for underestimated bootstrap error bars;
REF. w/o covmat refers to the case in which we use only the
diagonal terms of the covariance matrix; REF+SDSS is the
joint analysis of our reference model and SDSS flux power.

model (1σ) (2σ) best fit χ2/d.o.f.

REF. > 8.3 keV > 3.3 keV 33 keV 34/37

REF. w/o 30% > 11.1 keV > 4.5 keV 100 keV 48/37
REF. w/o covmat > 7.7 keV > 3.1 keV 14.3 keV 33.2/37
REF. + SDSS > 7.2 keV > 3.3 keV 42 keV 183.3/170

lent probe of the matter distribution at intermediate and
high redshift in the mildly non-linear regime, from sub-

Mpc up to BAO scales. In this work we have focused on
constraining any possible suppression of the total mat-
ter power spectrum which could be induced by the free-
streaming of WDM particles in the form of a thermal
relic. Due to the non-linear nature of the the relation-
ship between the observed Lyman-α flux and underlying
matter density, departures from the standardΛCDM case
are expected over a range of scales that span at least one
decade in wavenumber space and can be constrained by
the data used in the present analysis. We model this
suppression by using a set of high-resolution hydrody-
namical simulations and by marginalizing over a large
range of physically motivated thermal histories.

The WDM cut-off exhibits a distinctive behavior which
we demonstrate is not degenerate with other physical ef-
fects due to its different redshift and scale dependence.
We consider possible sources of systematic errors includ-
ing metal line contamination, spatial fluctuations in the



Self-Interacting Dark Matter
Spergel & Steinhardt (2000) proposed that dark matter that interacts with only itself (and 
not baryons) as a way to make cored profiles.  



CDM vs. WDM vs. SIDM
Unlike WDM, SIDM preserves subhalo number counts, but create cores in subhalos, because 
the DM collisions (several per particle over a Hubble time in cores) isotropize orbits and 
create cores that tend toward sphericity as opposed to triaxiality.  

WDMSIDMCDM

Phenomenology of SIDM vs. WDM

Rocha)et)al.,)in)prep.

Adapted from Rocha+ (2013)



Too Big to Fail and SIDM

Aquarius simulations (Vogelsberger+ 

2012) run with SIDM are able to reduce 

the velocity dispersions of the most 

massive observed subhalos.  

In addition to solving Too Big to Fail, the 

central DM halo profile can maintain 

some ellipticity, which is required by 

observations of clusters. 

Vogelsberger+ (2012)- SIDM simulations are able 

to match the velocity dispersions of the biggest 

subhalos.  

10 M. Vogelsberger et al.

Figure 8. Circular velocity profiles at z = 0 for the top 15 most massive subhaloes (largest peak circular velocity) of the Aquarius-A halo for the different
SIDM reference models as given in the legends. The upper left panel shows the standard CDM case, while the bottom panels show two examples of the
vdSIDM models described in section 2.1. Observational estimates of Vcirc(r1/2) for the MW dSphs are shown with black circles with error bars (Walker et al.
2009; Wolf et al. 2010). All SIDM results are shown at level 3 resolution which is sufficient for convergence due to the subhalo density cores that form in these
models (see Figures 7 and 9). RefP0 is shown at level 2 resolution (2.8⇥ 65.8 ⇠ 184 pc spatial resolution), because the CDM subhaloes form cuspy profiles
which require higher numerical resolution for convergence (see Figure 9). Clearly, the most massive subhaloes in the CDM model are dynamically inconsistent
with the MW dSphs, whereas the SIDM subhaloes are consistent with the data. We note that the constant cross section RefP1 case is ruled out by different
observations at the scale of galaxy clusters and is shown here only as a reference. One of the shown subhaloes of RefP1 entered already the core-collapse
regime clearly visible from the circular velocity profiles (see also Figure 7 for the corresponding steep density profiles).

velop cuspy profiles, but have constant density cores as shown in
Figure 7. This convergence is explicitly demonstrated in Figure 9
(top panels) where we show the circular velocity curves of the 15
most massive subhaloes for RefP0 (left panel) and RefP3 (right
panel) at two levels of resolution: level 4 (dashed lines) and level 3
(solid lines). Clearly vdSIDM subhaloes have essentially converged
circular velocity profiles, whereas CDM subhaloes are still moving

towards a more concentrated mass distribution with increasing res-
olution4. The bottom panels of Figure 9 show the density profiles of
the five most massive subhaloes at all three resolutions (level 5 as

4 Although we do not show the RefP1 and RefP2 cases in Figure 9, they
also show good convergence as the RefP3 case.

© 2012 RAS, MNRAS 000, 1–14
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Figure 3. Density projections of the Aq-A halo for the different DM models of Table 1 (RefP0-3). The projection cube has a side length of 270 kpc. Clearly,
the disfavoured RefP1 model with a large constant cross section produces a very different density distribution with a spherical core in the centre, contrary to
the elliptical and cuspy CDM halo. Also, substructures are less dense and more spherical in this simulation. The vdSIDM models RefP2 and RefP3 on the
other hand can hardly be distinguished from the CDM case (RefP0).

for the different models. whereas the right panel shows the mean
free path � = (⇢ h�T /m�i)

�1 as a function of radius for the SIDM
models. The dotted, dashed and solid lines show different levels
of resolution, characterised by a particle mass mp and a Plummer
equivalent gravitational softening length ✏: Aq-A-5 (mp = 3.143⇥
106 M�, ✏ = 684.9 pc), Aq-A-4 (mp = 3.929 ⇥ 105 M�, ✏ =
342.5 pc) and Aq-A-3 (mp = 4.911⇥104 M�, ✏ = 120.5 pc). The
runs show good convergence for radii larger than 2.8✏ indicated by
the vertical lines.

In the figure we see that RefP1 develops a large core reach-
ing the solar circle (⇠ 7 kpc). This is because the cross section
has no velocity dependence in this case and the particle scattering

works at full strength irrespective of (sub)halo mass. Although this
case is ruled out by current astrophysical constraints (see Section
2.1), it serves as a reference for the effect of a large scattering cross
section at the scales of MW-like haloes in a full cosmological sim-
ulation. On the contrary, RefP2 and RefP3 result in a main halo
whose density profile follows very closely the one from the CDM
prediction of RefP0 down to 1 kpc from the centre. At smaller radii,
where the typical particle velocities are smaller, self-interaction is
large enough to produce a core. The mean free path radial profile
clearly illustrates the radius where collisions are more important
for the different SIDM models, which is around the core radius. It
also highlights the difference between the RefP2 and RefP3 mod-

© 2012 RAS, MNRAS 000, 1–14



The Void Phenomenon as a Challenge to ΛCDM 
Cosmology

Peebles (2001) put forth the challenge that voids of the scale 15 h-1 Mpc and larger 
should be a natural place for low-mass galaxies to form.  ΛCDM he argued expects that 
voids should preferentially hold lower-mass halos that form low-mass, dwarf galaxies.  
The challenge to this picture is that there is an abrupt transition from filaments to voids, 
where galaxy density falls off dramatically, and the rare galaxies that are observed in 
voids are a mix of L* and dwarf galaxies, not preferentially dwarf galaxies.  

Peebles (2001)- galaxies observed around local void

The void phenomenon was termed a crisis for ΛCDM, 
and a great test because statistics of void galaxies and 
shapes of voids themselves are sensitive to ΩM, dark 
energy, modified gravity, and the nature of DM.  

The trouble with simulations however is that they have 
to be large enough to form voids (a large box) with 
enough resolution to form galaxies in low-mass halos.  
This in fact is very expensive and usually requires DM-
only simulations with halo occupation statistics (i.e. 
galaxies “painted” onto halos.  



The Void Phenomenon as a Challenge to ΛCDM 
Cosmology

Tinker & Conroy (2009) used a 
halo occupancy distribution 
(HOD) based only on halo mass 
to populate halos in a large 
ΛCDM N-body simulation, and 
were able to reproduce the key 
observations of the void 
phenomenon.  Low-mass halos 
exist in voids, but the luminosity 
of galaxies in the low-mass halos 
declines so quickly that you don’t 
see a larger population of dwarfs.  
Galaxies populate filamentary 
walls at the edges of voids with 
all types of galaxies. 

Tinker+ (2009)- simulated galaxy map



The Void Phenomenon as a Challenge to ΛCDM 

Cosmology

Tikhonov & Klypin (2009) look at the void problem in the local volume (<8 Mpc away) 

and search for very faint dwarfs tracing halos that should form in small local voids, and 

find ΛCDM over-predicts 10-fold the number of observed faint dwarfs.  

Tikhonov+ (2009)- ΛCDM sims. Are blue and 

black.  Observations are red.  

This relies on studying ultra-faint galaxies 

in the local group, and finding velocity 

dispersions as a function of magnitude 

down to M
B
=-12.  Observations find that 

the velocity dispersion is too low for a 

given luminosity, and that these ultra-faint 

galaxies should live in more massive halos.  

Are halos below v<35 km/s not forming 

stars in voids by some other process 

(photo-heating)?  Or is there a process 

reducing the velocity dispersion of void 

halos, similar to Local Group halos in the 

Too Big to Fail problem?  See also 

Gottlober+ (2003).



Void Properties as Tests of ΛCDM 
The number density, sizes, and even ellipticities of voids are predictions of N-body 
simulations that can be tested against observations.  P.M. Sutter et al. (2014) is one 
example of making a void catalogue from the Sloan Digital Sky Survey and comparing to 
simulated catalogues from N-body simulations.  

Sutter+ (2014)- # density of observed voids (red) by radius 
versus simulations processed to match data (blue, cyan).  

Recent work shows there is 
apparently good agreement 
with ΛCDM observations.

See also Sheth & van de 
Weygaert (2004) for how 
voids sizes evolve and create 
a size distribution peaked at 
a characteristic scale- large 
voids grow hierarchically, 
while small voids become 
swallowed leading to a 
preferred void size.


