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Ingredients	of	Cosmological	
Simula)ons	

1.  Cosmological	Ini)al	Condi)ons	
2.  N-body	Code:	Gravity-only	Simula)ons	
3.  Hydrodynamics	
4.  Cooling	and	Photo-Hea)ng	
5.  Star	Forma)on	
6.  Feedback	



Basic	Cosmo.	Sim.	Visualiza)on	



Collisionless	N-body	Simula)ons	
A	cosmological	simula)on	begins	with	the	power	spectrum	of	ini)al	fluctua)ons	in	the	
linear	regimes,	a	Gaussian	random	field,	and	calculates	gravita)onal	interac)ons	from	
z>100	to	z=0,	while	the	box	undergoes	cosmological	expansion.			
	
	
	

Dark	maXer-only	simula)on	by	Volker	Springel	



Time	Dimension:	Redshi[	
A	simula)on	is	run	from	ini)al	condi)ons	~100	million	years	a[er	the	
Big	Bang	(z=127	for	our	simula)ons).		They	are	run	forward	in	)me,	
o[en	all	the	way	to	z=0.			
	
Cosmology:	the	expansion	factor	of	the	Universe	depends	on	redshi[	
in	the	following	way	
aexpansion	=	1/(1+z)			
[aexp	and	redshi[	are	variables	o[en	used	in	the	code]	
	
Transla)on	from	redshi[	)me	in	Gyrs	(billions	of	years):	
z=0:	13.5	Gyr	
z=1:	5	Gyr	
z=2:	3	Gyr	
z=6:	1	Gyr	



Cosmological	Evolu)on	
Cosmological	structure	across	)me.		100	Mpc/h	box.		At	z=6,	2,	&	0.			
	
	
	
	
	
	
	
	
	
	
	
	
	
Courtesy	V.	Springel.			



Probing	the	Cosmic	Web	with	Quasar	Absorp)on	Lines	



The	foreground	cosmic	web	absorbs	background	
quasar	light:	A	movie	by	Andrew	Pontzen.			

See	more	at:	hXp://www.cosmocrunch.co.uk/?page=gal	

The	quasar	is	at	higher	
redshi[.		It	has	a	strong	
Lyman-alpha	line	at	
(1+zQSO)*1216	
Angstroms.			
	
Foreground	neutral	
hydrogen	in	the	cosmic	
web	(the	intergalac)c	
medium,	or	IGM)	
absorbs	at	
(1+zIGM)*1216,	where	
there	is	HI	at	many	
different	redshi[s	
corresponding	to	cosmic	
structures	(filaments,	
sheets,	and	galaxy	halos).			



Cosmological	Ini)al	Condi)ons	
Typically,	ini)al	condi)ons	
(ICs)	use	ΛCDM	cosmology.		
The	ICs	use	a	Gaussian	
random	field	to	add	density	
perturba)ons	to	a	
cosmological	simula)on	
box.			
These	density	perturba)ons	
are	a	result	of	observa)ons	
from	the	CMB	at	large	
scales	to	extrapola)ng	back	
from	galaxy	clustering	
observed	in	the	local	
Universe	and	the	
intergalac)c	medium	via	
the	Lyman-alpha	forest	on	
smaller	scales.	
	
	

Tegmark	(2002)	



Hlozek+	(2012)-	the	mass	power	spectrum	of	fluctua)ons,	derived	from	a	variety	of	sources,	
observa)onally	constrained	over	10	orders	of	magnitude,	which	is	based	on	the	observa)ons	
from	the	previous	slides,	and	some	new	data,	which	agrees	with	ΛCDM	cosmology.	
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Fig. 5.— The reconstructed matter power spectrum: the stars show the power spectrum from combining ACT and WMAP data (top
panel). The solid and dashed lines show the nonlinear and linear power spectra respectively from the best-fit ACT ⇤CDM model with
spectral index of ns = 0.96 computed using CAMB and HALOFIT (Smith et al. 2003). The data points between 0.02 < k < 0.19 Mpc�1

show the SDSS DR7 LRG sample, and have been deconvolved from their window functions, with a bias factor of 1.18 applied to the data.
This has been rescaled from the Reid et al. (2010) value of 1.3, as we are explicitly using the Hubble constant measurement from Riess et al.
(2011) to make a change of units from h�1Mpc to Mpc. The constraints from CMB lensing (Das et al. 2011), from cluster measurements
from ACT (Sehgal et al. 2011), CCCP (Vikhlinin et al. 2009) and BCG halos (Tinker et al. 2011), and the power spectrum constraints
from measurements of the Lyman–↵ forest (McDonald et al. 2006) are indicated. The CCCP and BCG masses are converted to solar mass
units by multiplying them by the best-fit value of the Hubble constant, h = 0.738 from Riess et al. (2011). The bottom panel shows the
same data plotted on axes where we relate the power spectrum to a mass variance, �M/M, and illustrates how the range in wavenumber k
(measured in Mpc�1) corresponds to range in mass scale of over 10 orders of magnitude. Note that large masses correspond to large scales
and hence small values of k. This highlights the consistency of power spectrum measurements by an array of cosmological probes over a
large range of scales.



Halo	Mass	
The	base	unit	of	structure	forma)on	is	the	dark	maXer	halo,	
where	dark	maXer	collapses	in	all	three	dimensions	to	form	a	
spherical	dark	maXer	concentra)on.			
Dark	maXer	can	be	thought	of	as	the	structural	backbone	of	the	
cosmic	web.		At	the	nodes	of	the	filamentary	cosmic	web	are	
collapsed	structures-	dark	maXer	halos.			
	
We	will	be	talking	about	halo	masses	that	host	observable	
galaxies,	like	Milky	Way	spirals	and	ellip)cals:	
1011	Msolar	hosts	a	dwarf	galaxy	
1012	Msolar	hosts	a	Milky	Way-like	galaxy	
1013	Msolar	hosts	a	massive	ellip)cal	galaxy	
1014	Msolar	is	a	large	group	or	small	cluster	of	galaxies.	
1015	Msolar	is	a	large	cluster-	e.g.	Coma	or	Virgo.			
	
	
	



Commonly	used	terms	for	
baryonic	gas	reservoirs.			

IGM-	Intergalac)c	medium,	the	cosmic	web.		Includes	the	95%	of	
all	baryons!			
CGM-	Circumgalac)c	medium,	or	halo	gas.		The	largest	baryonic	
component	of	galaxy	halos,	e.g.	the	Milky	Way	has	5x1010	Msol	of	
stars,	and	more	than	1011	Msol	in	halo	gas	or	CGM.		I	count	the	
CGM	as	part	of	the	IGM.			
ISM-	Interstellar	medium,	the	gas	in	the	galaxy	that	is	star-
forming.		A	small,	small	frac)on	of	the	cosmic	budget	(~1%).		
	
By	the	way,	only	3-5%	of	baryons	are	in	stars.		The	remaining	is	
in	the	CGM/IGM.			
	
	
	



Various	types	of	Cosmo	Sim.	
Visualiza)ons	

There	are	several	types	of	cosmological	simula)on	visualiza)ons:	
1)  Dark	maXer-only	(“collisionless”	or	N-body)	simula)ons	in	a	

periodic	box	
2)  Hydrodynamic	simula)ons	following	addi)onally	the	gas	in	a	

periodic	box.			
3)  Zoom	hydrodynamic	simula)ons	of	individual	galaxies	“re-

simulated”	from	lower	resolu)on	simula)ons.			
	
We	are	working	mainly	with	the	zoom	hydro	simula)ons,	but	also	with	
the	cosmological	boxes.	
	
	



The	N-Body	Code	
An	N-body	code	divide	mass	elements	into	discre)zed	collisionless	“par)cles”	at	the	
mass	resolu)on	of	the	simula)on.		A	general	N-body	code	will	follow	posi)ons	and	
veloci)es	of	i	par)cles	(ri,	vi)	interac)ng	gravita)onally.		A	cosmological	simula)on	
uses	comoving	coordinates	where	x	=	r/a	and	v=dx/dt,	where	a	is	the	scale	factor	of	
the	box:	a	=	1/(1+z).	
The	equa)ons	of	mo)on	are	solved	
	
	
	
	
Where																			and	the	gravita)onal	poten)al,	Φ,	are	perturba)ons	from	a	uniform	
density	field	that	are	represented	by	the	Poisson	equa)on.	
	
	
Direct	integra)on	of	6-dimensional	phase	space	(posi)ons	&	veloci)es)	is	imprac)cal,	
and	instead	the	equa)ons	are	integrated	in	a	finite	)mestep	that	sa)sfies	an	error	
tolerance.			

C1.1 N-Body Simulations 765

In cosmological applications, where the background space is uniformly expanding with time, it
is convenient to use comoving units for the coordinates, r→ x = r/a (where a is the scale factor).
In terms of x and v ≡ dx/dt, the above equations become

dxi

dt
= vi, (C1.4)

dvi

dt
+2H(t)vi = − 1

a2 ∇xΦ|i, (C1.5)

where H(t) = ȧ/a, and Φ is the gravitational potential due to the density perturbations:

∇2
xΦ = 4πGa2 [ρ(x, t)−ρ(t)] . (C1.6)

As the descriptions with and without the expansion terms are very similar, we neglect the
expansion in our following description.

Since gravity is a long-range force, the force on a particle depends on the positions of all
other particles. The problem is then to solve a set of 2N coupled first-order ordinary differential
equations. Numerically, this can be done straightforwardly by integrating the equations forward
in finite time steps.

Suppose that at the nth time step, the time is tn and the distribution of particles is given by ri(tn),
ui(tn) where i = 1,2, . . .,N. Suppose that we can use the current position, velocity, acceleration
and time to determine a time step ∆tn for the evolution so that the error introduced is within some
preset limit (we will discuss how to set such a limit in §C1.1.2). Using the equations of motion
(C1.1) and (C1.2), we can predict the velocities and positions at the next time

u′
i(tn+1/2) = ui(tn)+Fi(tn)∆tn/2, (C1.7)

r′i(tn+1/2) = ri(tn)+u(tn)∆tn/2, (C1.8)

where Fi(tn) is the force on a unit mass at the position of the ith particle at time tn. With these
new positions and velocities, we can calculate the new force on a unit mass at the position of the
ith particle:

Fi(tn+1/2) = F[u′
i(tn+1/2),r′i(tn+1/2), tn +∆t/2], (C1.9)

where we have included the possible dependence of the force on velocity and time, although
only the position is relevant if only gravitational interaction is involved. Finally, we can update
the velocities and positions as

ui(tn+1) = ui(tn)+Fi(tn+1/2)∆tn, (C1.10)

ri(tn+1) = ri(tn)+
∆tn
2

[ui(tn)+ui(tn+1)] , (C1.11)

tn+1 = tn +∆tn. (C1.12)

This kind of time integrator is called the ‘leap-frog scheme’.
Thus, if we have an efficient way to calculate the forces on all particles at each time step, the

system can be integrated forward in time numerically.
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N-Body	Method	
The	N-body	process	follows	the	orbits	(or	paths)	of	individual	par)cles	using	the	
following	steps.	
•  Begin	with	ini)al	distribu)on	of	par)cles	and	veloci)es	
•  Compute	the	gravita)onal	poten)al	from	the	par)cle	distribu)on	
•  Compute	par)cle	accelera)ons	from	poten)al	gradients	
•  Update	par)cle	posi)ons	over	the	)mestep	
•  Repeat	the	process	
	
Timesteps	are	determined	by	acceptable	tolerances	on	the	force	resolu)on,	using	the	
unitless	parameter	αtol	where	dt	=	αtol	u/a	(u-	velocity,	a-	accelera)on).		O[en	local	
velocity	dispersion	is	used,	dt	=	αtol	σ/a.			
	
Timesteps	can	become	infinitesimally	small	if	par)cles	orbit	very	closely	to	one	
another,	which	is	why	a	“so[ening”	length	is	added	to	suppress	2-body	scaXering,	
such	that	the	force	between	two	par)cles	with	mass	m	is	not	Gm2/r2,	but	instead	
Gm2/(r+ε2),	where	ε,	the	so[ening	length,	is	the	effec)ve	spa)al	resolu)on.			
	



N-Body	Method-	Tree	Codes	
Calcula)ng	the	actual	forces	is	done	in	two	main	ways:		
First,	a	tree	algorithm,	where	par)cles	are	grouped	into	a	hierarchical	structure	of	
cubes	within	larger	cubes,	where	instead	of	calcula)ng	the	accelera)on	from	all	N	
par)cles	on	each	N	par)cles	(N2	computa)onal	expense),	the	force	can	be	grouped	
into	par)cles	in	a	cube	ac)ng	on	another	par)cle	(NlogN	computa)onal	expense).			
	
	
	

Barnes-Hut	(1986)	developed	
an	algorithm	to	split	up	
par)cles	into	an	octree	and	
then	calculate	forces	based	
on	the	angular	size	of	the	
cube	appearing	from	the	
posi)on	of	the	par)cle.	

Tree data structure

Fryxell et al. (2000)

● Start with a given number of 

blocks on refinement level 1          

   (here: 1 block with 8x8 cells)

● If refinement criteria is fulfilled 

divide the parent block(s) into 2dim 

child blocks under the conditions:

● the child blocks must fit within 

their parent block (nested 

grid)

● neighboring blocks must not 

differ in more than one level of 

refinement 



The	Best-Known	Collisionless	DM-Only	
Simula)on:	The	Millennium	Simula)on	

The	Millenium	simula)on	is	an	
example	of	a	DM-only	simula)on	
with	cosmological	ini)al	condi)ons	
(ICs)	using	the	observa)onally	
constrained	power	spectrum.			
The	cosmic	web	on	Gpc	scales	is	
resolved	down	to	dark	maXer	halos	
hos)ng	galaxies	smaller	than	the	
Milky	Way.			
•  21603	DM	par)cles	
•  8.6x1010	M¤	par)cle	resolu)on	
•  350,000	CPU	hours	across	512	

cores	in	early	2000s	
Simula)ons	this	size	are	
commonplace	today,	but	were	a	
computa)onal	challenge	a	decade	
ago.	
	
	

Springel	(2005)-	Zooms	from	the	cosmic	web	to	a	cluster	Figure 1: The dark matter density field on various scales. Each individual image shows the projected
dark matter density field in a slab of thickness 15h−1Mpc (sliced from the periodic simulation volume
at an angle chosen to avoid replicating structures in the lower two images), colour-coded by density
and local dark matter velocity dispersion. The zoom sequence displays consecutive enlargements by
factors of four, centred on one of the many galaxy cluster halos present in the simulation.
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The	Best-Known	DM-Only	Simula)on:	The	
Millennium	Simula)on	

The	Millenium	simula)on	is	an	
example	of	a	DM-only	
simula)on	with	cosmological	
ini)al	condi)ons	(ICs)	from	the	
observa)onally	constrained	
power	spectrum.			
The	cosmic	web	on	Gpc	scales	is	
resolved	down	to	dark	maXer	
halos	hos)ng	2x1010	M¤	(DM	
par)cle	mass	is	8.6x108	M¤.			
The	halo	mass	func)on	goes	as	
Nhalos~	MH

-0.9	over	>4	dex	in	
mass	by	z=0.		Hence	
approximately	the	same	
amount	of	mass	in	each	halo	
mass	bin	Mhalo	(as	it	is	ploXed	
here).			

Springel	(2005)-	Dark	maXer	halo	func)on	at	various	
redshi[s.		
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Figure 2: Differential halo number density as a function of mass and epoch. The function n(M,z) gives

the comoving number density of halos less massive than M. We plot it as the halo multiplicity function

M2ρ−1 dn/dM, where ρ is the mean density of the universe. Groups of particles were found using

a friends-of-friends algorithm6 with linking length equal to 0.2 of the mean particle separation. The

fraction of mass bound to halos of more than 20 particles (vertical dotted line) grows from 6.42×10−4

at z= 10.07 to 0.496 at z= 0. Solid lines are predictions from an analytic fitting function proposed in

previous work11, while the dashed lines give the Press-Schechter model14 at z= 10.07 and z= 0.
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NFW	Profile-	1/r	and	1/r3	split	at	1/r2	
NFW-	Navarro,	Frenk,	&	
White	(1996).		Fit	profile	to	
simulated	halos	and	found	
this	power	law	worked:	
	
ρ	(x)	=	ρ0/(x(1+x2))	
	
where	x	=	r/r-2	
	
r-2	occurs	where	profile	is	at	
1/r2	and	is	also	referred	to	
as	the	scale	radius,	rs	
	
	
	
	
	
	
	
	
	
	

�CDM predictions
“Universal” profile for dark matter halos
[Navarro, Frenk, & White (NFW) 1996, 1997; also Dubinski & Carlberg 1991]:

1/r3

1/r

⇢(x ⌘ r

r�2
) =

⇢0

x (1 + x)2

Profile defined by 2 parameters:
(⇢0, r�2) or (Mvir, cvir)

Adapted	from	Mike	Boylan-Kolchin	slide	



“Zoom”	Simula)ons	
Cosmological	boxes,	while	having	cosmological	structures	based	on	ΛCDM	
cosmology,	have	the	drawback	of	limited	resolu)on	when	simula)ng	an	
en)re	3-dimensional	periodic	box.			
Simula)ng	a	single	galac)c	halo	can	follow	par)cles	only	in	that	halo	at	a	
much	higher	resolu)on	for	the	same	computa)on	)me.			
	

Zoom	simula)ons	allow	one	to	select	the	par)cles	that	form	a	halo	in	a	later	
simula)on	using	cosmological	ini)al	condi)ons,	but	also	adding	the	small-
scale	power	spectrum	fluctua)ons	that	will	evolve	into	the	subhalos	and	
substructure	in	the	parent	halo.		Now	you	get	both:	
-Higher	resolu)on	concentra)ng	on	a	single	halo	where	you	want	it.	
-Cosmologically-based	ini)al	condi)ons	resolving	small-scale	structure-	
important	for	resolving	sub-halos	in	a	larger	halo.				



Choose	galaxy	from	
low	resolu)on	run	

Slide	from	Daniel	Angles-Alcazar	



Trace	DM	par)cles	
within	Rvir	back	to	the	
ICs	

Slide	from	Daniel	Angles-Alcazar	



Create	mask	array	to	define	
High-resolu)on	region	
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Zoom	Simula)ons	Allow	the	Simula)on	of	a	
Milky	Way-Mass	Halo	at	High	Resolu)on	

Several	large	simula)ons	of	Milky	Way	mass	halos	reveal	the	
substructure	of	dark	maXer	halos,	which	are	expected	to	be	many	in	
the	cold	dark	maXer	model.			
Subhalos	are	small	halos	inside	a	parent	halo	(e.g.	a	dwarf	galaxy	
around	the	Milky	Way	(e.g.	LMC,	SMC,	Fornax,	etc.).			
	
	

Diemand+	(2007)-	Via	Lactae	simula)on-	another	
super-high	resolu)on	MW	halo	simula)on.	

Fig. 1. The cusp-core problem. (Left) An optical image of the galaxy F568-3 (small inset, from the Sloan Digital Sky Survey) is superposed on the the dark matter
distribution from the “Via Lactea” cosmological simulation of a Milky Way-mass cold dark matter halo (Diemand et al. 2007). In the simulation image, intensity encodes the
square of the dark matter density, which is proportional to annihilation rate and highlights low mass substructure. (Right) The measured rotation curve of F568-3 (points)
compared to model fits assuming a cored dark matter halo (blue solid curve) or a cuspy dark matter halo with an NFW profile (red dashed curve, concentration c = 9.2,
V200 = 110 km s�1). The dotted green curve shows the contribution of baryons (stars+gas) to the rotation curve, which is included in both model fits. An NFW halo
profile overpredicts the rotation speed in the inner few kpc. Note that the rotation curve is measured over roughly the scale of the 40 kpc inset in the left panel.

typical for galaxy mass halos. When normalized to match the
observed rotation at large radii, the NFW halo overpredicts
the rotation speed in the inner few kpc, by a factor of two or
more.

Early theoretical discussions of the cusp-core problem de-
voted considerable attention to the predicted central slope of
the density profiles and to the e↵ects of finite numerical reso-
lution and cosmological parameter choices on the simulation
predictions (see Ludlow et al. 2013 for a recent, state-of-the-
art discussion). However, the details of the profile shape are
not essential to the conflict; the basic problem is that CDM
predicts too much dark matter in the central few kpc of typical
galaxies, and the tension is evident at scales where vc(r) has
risen to ⇠ 1/2 of its asymptotic value (see, e.g., Alam, Bul-
lock, & Weinberg 2002; Kuzio de Naray & Spekkens 2011).
On the observational side, the most severe discrepancies be-
tween predicted and observed rotation curves arise for fairly
small galaxies, and early discussions focused on whether beam
smearing or non-circular motions could artificially suppress
the measured vc(r) at small radii. However, despite uncer-
tainties in individual cases, improvements in the observations,
sample sizes, and modeling have led to a clear overall picture:
a majority of galaxy rotation curves are better fit with cored
dark matter profiles than with NFW-like dark matter profiles,
and some well observed galaxies cannot be fit with NFW-like
profiles, even when one allows halo concentrations at the low
end of the theoretically predicted distribution and accounts for
uncertainties in modeling the baryon component (e.g., Kuzio
de Naray et al. 2008). Resolving the cusp-core problem there-
fore requires modifying the halo profiles of typical spiral galax-
ies away from the profiles that N-body simulations predict for
collisionless CDM.

Figure 2 illustrates the “missing satellite” problem. The
left panel shows the projected dark matter density distribu-
tion of a 1012M

�

CDM halo formed in a cosmological N-body
simulation. Because CDM preserves primordial fluctuations
down to very small scales, halos today are filled with enormous
numbers of subhalos that collapse at early times and preserve
their identities after falling into larger systems. Prior to 2000,
there were only nine dwarf satellite galaxies known within the

⇠ 250 kpc virial radius of the Milky Way halo (illustrated
in the right panel), with the smallest having stellar velocity
dispersions ⇠ 10 km s�1. Klypin et al. (1999) and Moore et
al. (1999b) predicted a factor ⇠ 5 � 20 more subhalos above
a corresponding velocity threshold in their simulated Milky
Way halos. Establishing the “correspondence” between satel-
lite stellar dynamics and subhalo properties is a key technical
point (Stoehr et al. 2002), which we will return to below, but
a prima facie comparison suggests that the predicted satellite
population far exceeds the observed one.

Fortunately (or perhaps unfortunately), the missing satel-
lite problem seems like it could be solved fairly easily by
baryonic physics. In particular, the velocity threshold at
which subhalo and dwarf satellite counts diverge is close to
the ⇠ 30 km s�1 value at which heating of intergalactic gas
by the ultraviolet photoionizing background should suppress
gas accretion onto halos, which could plausibly cause these
halos to remain dark (Bullock, Kravtsov, & Weinberg 2000;
Benson et al. 2002; Somerville 2002). Alternatively, super-
novae and stellar winds from the first generation of stars could
drive remaining gas out of the shallow potential wells of these
low mass halos. Complicating the situation, searches using
the Sloan Digital Sky Survey have discovered another ⇠ 15
“ultra-faint” satellites with luminosities of only 103 � 105L

�

(e.g., Willman et al. 2005; Belokurov et al. 2007). The high-
latitude SDSS imaging covered only ⇠ 20% of the sky, and
many of the newly discovered dwarfs are so faint that they
could only be seen to 50-100 kpc (Koposov et al. 2008; Walsh
et al. 2009), so extrapolating to the full volume within the
Milky Way virial radius suggests a population of several hun-
dred faint dwarf satellites (Tollerud et al. 2008). Estimates
from stellar dynamics imply that the mass of dark matter in
the central 0.3 kpc of the host subhalos is M0.3 ⇡ 107M

�

across an enormous range of luminosities, L ⇠ 103 � 107L
�

(encompassing the “classical” dwarf spheroidals as well as the
SDSS dwarfs), which suggests that the mapping between halo
mass and luminosity becomes highly stochastic near this mass
threshold (Strigari et al. 2008). The luminosity function of
the faint and ultra-faint dwarfs can be explained by semi-
analytic models invoking photoionization and stellar feedback
(e.g., Koposov et al. 2009; Macciò et al. 2009), though the e�-

2 www.pnas.org/cgi/doi/10.1073/pnas.0709640104 Footline Author

The	Aquarius	simula)ons	have	DM	
par)cle	masses	below	104	Msol,	which	
means	that	subhalos	with	masses	
~106	Msol	can	be	resolved	(need	at	
least	several	dozen	DM	par)cles	to	
resolve	a	halo)	in	a	1012	Msol	halos	
capable	of	hos)ng	the	Milky	Way	
(MW).			



The	Effect	of	Baryons	on	Dark	MaXer	Halos	

Dark	maXer	only	simula)ons	assume	all	mass	is	collisionless.		But	
there	exist	baryons	of	course	(normal	maXer),	and	this	comprises	4.6%	
of	the	energy	budget	of	the	Universe:	Ωbaryon~0.046,	while	dark	maXer	
accounts	for	~25%	(ΩDM~0.25).		The	rest	is	dark	energy	(Ωlambda~0.7).			
	
Adding	baryons	to	simula)ons	increases	the	cost	of	simula)ons	even	
more	due	to	hydrodynamics,	cooling/photo-hea)ng,	and	star	
forma)on.	
	
Baryons	cause	devia)ons	from	expected	halo	profiles	from	DM-only	
simula)ons.		Despite	being	16%	of	the	total	mass	(Ωbaryon~0.046,	
ΩDM~0.25),	baryons	dominate	the	mass	in	galaxies.		Hence	they	can	
significantly	change	the	dark	maXer	profiles.			
	
	
	
	
	
	
	
	
	
	



Hydrodynamics	Following	Baryons	
About	1/6th	of	mass	is	baryons	(i.e.	normal	maXer–	protons,	electrons,	neutrons)	
according	to	the	favored	ΛCDM	cosmology.		Ωbaryon=0.046,	ΩmaXer=0.30,	ΩdarkmaXer	
=	0.30-0.046	=	0.254.	
We	will	also	see	that	despite	being	1/6th	the	mass,	baryons	dominate	the	mass	in	
regions	where	probes	of	dark	maXer	are	important.		The	Milky	Way	galaxy	inside	
the	solar	radius	(~8	kpcs)	is	dominated	by	baryonic	mass	(although	it	is	close).			
The	ini)al	condi)ons	of	baryons	before	galaxy	forma)on	is	gas.		Gas	is	different	
than	dark	maXer	in	several	ways:	
•  Gas	does	not	interpenetrate	like	dark	maXer,	which	is	treated	as	collisionless.		

Instead	it	shocks	turning	kine)c	energy	into	thermal	energy,	leading	to	
dissipa)on.	

•  Gas	equa)ons	of	mo)on	include	pressure	gradients	of	the	gas.			
•  Gas	dissipates	energy	by	cooling	and	can	also	be	heated	by	other	sources		like	

radia)on,	i.e.	photo-ioniza)on.	
•  Gas	can	be	converted	into	stars	via	star-forma)on.		Stars	are	collisionless,	

much	like	dark	maXer,	and	treated	the	same	way	in	a	simula)on	as	
gravita)onally	interac)ng	par)cles.			



A	Hydro	Simula)on	

Gadget-2	simula)on	used	in	Oppenheimer+	(2010)-	Color	is	gas	temperature.	
3843	dark	maXer	and	hydrodynamically	interac)ng	gas	par)cles	



Equa)on	of	Hydrodynamics	
Cosmological	hydrodynamic	simula)ons	have	an	addi)onal	layer	of	gas	on	top	of	dark	
maXer.		Gas	is	treated	as	an	idea	fluid	where	the	con)nuity,	momentum,	and	energy	
conserva)on	equa)ons-	referred	to	as	the	Euler	equa)on-	wriXen	in	physical	
coordinates	(r)	are	solved:	
	
	
	
	
	
	
	
where	ρ	is	density,	v	is	velocity,	P	is	pressure,	E is	specific	internal	energy	of	the	fluid,	
and	H	and	C	are	hea)ng	and	cooling,	which	we	will	consider	later.		An	ideal	gas	with	
an	adiaba)c	index	γ	defines	the	the	equa)on	of	state	
In	addi)on	the	gravita)onal	poten)al	sa)sfies	the	Poisson	equa)on		
Where	ρtot	includes	baryonic	and	DM	maXer	density.			

8
Formation and Evolution of Gaseous Halos

So far we have concentrated on the formation of structure under the influence of gravity alone.
However, since the astronomical objects we are able to observe directly are made of baryons and
electrons, the role of gas-dynamical and radiative processes must also be taken into account in
order to understand how the structures we observe form and evolve. As demonstrated in §4.1.3,
since baryons and dark matter are expected to be well mixed initially, the density perturbation
fields of the baryons, δb, and dark matter, δdm, are expected to be equal in the linear regime,
except for perturbations on scales smaller than or comparable to the Jeans length of the gas. In
this chapter, we examine the role of gas-dynamical and radiative processes for the evolution of
structures in the highly nonlinear regime. We start in §8.1 with a brief description of the basic
dissipational processes. §8.2 describes the structure of gas in hydrostatic equilibrium within dark
matter halos. The formation of gaseous halos in the absence of cooling and heating is discussed
in §8.3, while §8.4 focuses on the impact of cooling. §8.5 describes several thermal and hydro-
dynamical instabilities of cooling gas, and §8.6 discusses the evolution of gaseous halos in the
presence of energy sources. §8.7 gives a summary of the current status of numerical studies of
the formation and structure of gaseous halos, while §8.8 discusses observations of gaseous halos
associated with clusters and galaxies.

8.1 Basic Fluid Dynamics and Radiative Processes

8.1.1 Basic Equations

In many problems to be discussed below, the gas component can be approximated as an
ideal fluid, which means that we can neglect heat conduction and viscous stress in the fluid
equations (see §B1.2). Written in physical coordinates, r, the continuity, Euler, and energy
equations are:

∂ρ
∂ t

+∇ · (ρv) = 0, (8.1)
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−ρv ·∇Φ = H −C . (8.3)

Here ρ , v, P, E are the density, velocity, pressure and specific internal energy of the fluid, respec-
tively, and H and C are the heating and cooling rates per unit volume. For an ideal gas with an
adiabatic index γ (also called the ratio of specific heats), we have P = ρ(γ − 1)E . Eq. (8.3) can
then be replaced by the following entropy equation:
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(see §B1.2). The gravitational potential Φ satisfies the Poisson equation

∇2Φ = 4πGρtot, (8.5)

where ρtot is the total mass density of the universe. If the Universe contains a collisionless dark
matter component in addition to the baryonic fluid, ρtot should also include ρdm, the evolution of
which is governed by the collisionless Boltzmann equation (5.103).

As one can see, in order to study the evolution of the baryonic component using the ideal-
fluid approximation, one has to deal with processes that can heat or cool the baryonic gas. In
what follows, we describe briefly some of these processes; a more detailed description is given
in Appendix B.

8.1.2 Compton Cooling

When photons of low energy hPν pass through a thermal gas of non-relativistic electrons with
temperature Te (hPν ≪ mec2; kBTe ≪ mec2), photons and electrons exchange energy due to
Compton scattering (see §B1.3). If the radiation field is a thermal background with tempera-
ture Tγ ≪ Te, the net effect is for electrons to lose energy to the radiation field, causing the gas
to cool. The cooling rate per unit volume is equal to the rate of increase in the energy density of
the radiation field, allowing us to write

CComp =
duγ
dt

=
4kBTe

mec2 cσTnearT 4
γ , (8.6)

where the second equality follows from Eq. (B1.77). For a fully ionized gas of primordial com-
position (Yp ≃ 1/4 so that nHe ≃ nH/12; see §3.4.3), the energy content is (3/2)kTe × (27/14)
per electron, where the factor 27/14 is the number of particles per electron. Thus, the gas can
cool against the radiation field on a time scale

tComp ≈
3kBTene

CComp
=

3mec
4σTarT 4

γ
, (8.7)

provided Te ≫ Tγ . Note that this time scale is independent of the density and temperature of
the gas.

An important application is the cooling against the cosmic microwave background (CMB), for
which the temperature changes with redshift as Tγ ≈ 2.73(1+ z)K. We can approximate the age

of the Universe at redshift z ≥ Ω−1
m,0 −1 by t ≈ 6.7×109Ω−1/2

m,0 h−1(1 + z)−3/2 yr (see §3.2.5). It
is then easy to show that

tComp

t
≈ 350Ω1/2

m,0h(1+ z)−5/2. (8.8)

For Ωm,0 = 0.3 and h = 0.7, this gives tComp/t = 1 at z ∼ 6. Hence, Compton cooling against the
CMB is only important for gas at high redshifts.

8.1.3 Radiative Cooling

The primary cooling processes relevant for structure formation are two-body radiative processes,
in which gas loses energy through radiation as a result of two-body interactions. For our purposes,
processes involving three bodies or more can be ignored, since the gas densities involved are
too low. At temperatures above 106 K, primordial gas (composed of hydrogen and helium) is
almost entirely ionized, and above a few ×107 K, enriched gas (which contains also heavier

Mass	conserva)on	
	
Momentum	conserva)on	
	
Energy	conserva)on	



Smooth	Par)cle	Hydrodynamic	Codes		
	

Smooth	par)cle	hydrodynamics	(SPH)	is	a	par)cle-based	method	for	solving	hydro,	
meaning	that	individual	gas	par)cles	are	followed.		It	is	Lagrangian	in	nature	meaning	
that	these	gas	mass	elements	can	move	and	have	a	velocity.			
A	smooth	par)cle	has	a	smoothing	length,	h,	over	which	it	interacts	with	its	
neighboring	smooth	par)cles	hydrodynamically.	A	smoothing	kernel	is	defined	such	
that	its	density	falls	off	according	to	a	kernel,	W(r,h),	where	R=r/h.	
	
	
	
	
	
	

SPH – Smooth Particle Hydrodynamics

● Fluid properties such as density determined by smoothing 
over a fixed number of neighbouring particles (usually 16 or 
32)

● The radius of the circle (sphere in 3D) encompassing these 

neighbours is referred to as the “smoothing length,” h.

Higher 
density

h
h

Lower 
density
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dE

dt
= −P

ρ ∇ ·u− L (E ,ρ)
ρ , (C1.24)

where L = C −H with H and C the heating and cooling rates per unit volume, respectively.
Note that the forms of these equations are different from those in the Eulerian formulation where
coordinates are fixed in space. The system is closed by the Poisson equation and an equation of
state which, for an ideal gas, is

P = (γ −1)ρE , (C1.25)

where γ is the adiabatic index.
The fundamental idea of SPH is to represent a fluid by a Monte Carlo sampling of its mass

elements using a set of N particles. Each particle is assigned with the mass of the fluid element
it represents, and in the Lagrangian formulation this mass is conserved. These particles can be
used to sample any field of the fluid, A, so that the field value at an arbitrary position r can be
approximated by

A(r) =
N

∑
j=1

m j
A j

ρ j
W (r− r j;h), (C1.26)

where W (r,h) is a smoothing kernel of radius h. In practice W (r,h) is chosen so that it equals 0
when r/h is larger than a constant η (typically of the order unity). Therefore, the summation is
over all neighbors that have |r− r j| ≤ ηh. A geometric search tree is usually employed for the
neighbor search (see e.g. Springel et al., 2001b). The spatial derivative of the smoothed field is

∇A(r) =
N

∑
j=1

m j
A j

ρ j
∇W (r− r j;h). (C1.27)

In this discrete representation, the equations for the changes of density, velocity and internal
energy of a particle (mass element) can be written in the following forms:
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In these forms, the position, velocity, density and internal energy of SPH particles can be
integrated forward in time as in the N-body simulations (for example, using the leap-frog
scheme).

In SPH simulations the smoothing kernel W is usually taken to have the form

W (r,h) =
1

πh3

⎧
⎨

⎩

1−3R/2+3R3/4 (0 ≤ R ≤ 1)
(2−R)3/4 (1 < R ≤ 2)
0 (otherwise),

(C1.31)

where R ≡ r/h, although other forms may also be used (see Monaghan, 1992). The smoothing
radius h is chosen adaptively according to the local number density of SPH particles. For exam-
ple, one may choose the radius of the smoothing kernel such that it contains a fixed number of
particles. Another proposal is to calculate the value of h at the position of a given particle from

dhi

dt
= − hi

3ρi

dρi

dt
(C1.32)

A	key	advantage	of	SPH	is	its	ability	to	
resolve	high	density	regions	beXer	
than	a	mesh	code	with	a	single	grid	
size.					
Although	these	are	discrete	par)cles,	
density	and	other	relevant	physical	
quan))es	can	be	determined	at	any	
point	by	integra)ng	over	the	
smoothing	kernels	of	all	overlapping	
SPH	par)cles.	



Annoying	units	you	have	to	deal	with	
in	cosmological	simula)ons.			

The	hdf5	format	includes	units	that	are	o[en	weird.			The	na)ve	units	in	the	simula)ons	
are	in	Mpc/h,	which	is	Megaparsecs	(1,000,000	pcs	or	3.26	million	light	years)	but	it	is	
divided	by	h,	which	is	0.6777.			
--LiXle	h	is	the	scaling	of	the	Hubble	constant,	normalized	to	100	km/s/Mpc.		The	Hubble	
constant	is	67.77	km/s/Mpc	in	EAGLE	simula)ons.		LiXle	h	is	an	aXribute	called	
HubbleParam	in	the	hdf5	files.			
--The	Hubble	constant	is	the	rate	at	which	the	Universe	is	expanding	today,	i.e.	in	units	of	
velocity	(km/s)	per	distance	(Mpc).		For	example,	a	galaxy	100	Mpc	away	is	receding	from	
us	at	67.77	km/s/Mpc	*	100	Mpc	=	6777	km/s.			
--This	nota)on	is	historic,	because	20+	years	ago,	astronomers	didn’t	know	the	Hubble	
parameter	was	within	a	factor	of	2,	and	values	ranged	from	50-100	km/s/Mpc,	so	cosmo	
sims	le[	this	scaling	in	there.			
--Some	of	the	variables	with	Mpc/h	units	are	Coordinates,	SmoothingLength.		The	eagle	
python	library	actually	automa)cally	divides	out	the	1/h	and	gives	you	straight	up	Mpc-	
so	you	might	have	a	value	of	0.001	Mpc/h	in	the	hdf5	file,	but	eagle.readarray	will	
convert	it	to	0.001/0.6777=0.0015	Mpc,	which	is	1.5	kpc	(kiloparsecs).			
	



BONUS	SLIDE:	As	the	Universe	ages	several	things	happen:	
	
• 	Hierarchical	Growth-	Larger	and	larger	structures	collapse	
and	form.	
• 	The	Intergalac5c	Medium	(90%	of	gas)	grows	hoXer	owing	
to	hea)ng	from	gravita)onal	shocks.	
• 	Star	forma)on	in	the	Universe	declines	over	the	last	10	
billion	years.	


